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ABSTRACT 
Subdwarf B (sdB) stars are on the extreme end of the horizontal branch. They have ex­
tremely thin hydrogen (H) envelopes surrounding an approximately half solar mass (~ 0.5M©) 
core. Subdwarf B stars are the most common objects detected in color selected sky surveys 
yet very little is known about their origin or evolution. Following their classification in 1966 
by Greenstein, very little progress was made in understanding these apparently common stars. 
Saffer et al. (1994) better defined the class and when pulsators were discovered by Kilkenny et 
al. (1997), it became plausible that we could explore their interiors through asteroseismology. 
We concentrate on four stars for which we have acquired sufficient data to resolve the 
temporal spectra. Our study of these four stars (and sdBV stars as an ensemble), relying 
on standard stellar models and asteroseismology tools, has produced some new results and 
pinpointed wide gaps in our understanding of these stars. 
We are able to identify specific pulsation modes in the coolest sdBV star, Feige 48. We 
then match these modes to a stellar model. We also confirm the work of Kawaler (1999) and 
his model match for PG 1605. We placed firm upper limits on P/P for an sdBV star (Feige 48), 
finding a lower limit to the evolutionary timescale of 3.1 x 10' years. 
Our ensemble analysis of the first 13 sdBV stars determined that log g (as expected) has a 
much larger effect on sdBV stars than does Teff. With this knowledge, we removed the log g 
dependence of the pulsation periods and compared the temporal spectra of the 13 sdBV stars. 
We find that additional parameters (perhaps age or composition) need to be accounted for 
before we can fully understand the pulsation periods in the majority of the class. 
We also developed new tools for use in the asteroseismology of close binaries. Eclipsing 
binaries can provide a method to uniquely identify modes of pulsation, provided the pulsation 
axis is aligned with the rotation axis. We noticed that if the tidal force of the companion is 
stronger than the Coriolis force, then the pulsation axis may align with the companion (much 
like the pulsation axis in rapidly oscillating Ap stars aligns with the strong magnetic field in 
those stars). From simulations, we determined that such a condition will present 3 signatures in 
the light curves and temporal spectrum, from which it is possible to uniquely identify pulsation 
modes. From preliminary data on PG 1336, we find strong evidence that this sdBV star in a 
2.4 hour binary system has a pulsation axis that points towards the companion. 
Studies of sdB stars represent a rapidly progressing field in stellar astronomy. Through 
sdB stars, we may hope to constrain nuclear physics by measuring evolution rates driven by 
helium fusion. We may obtain a better understanding of other horizontal branch stars, such as 
RR Lyrae stars, which are used as standard candles. Such an understanding will filter down 
through stellar evolution in an increased understanding of giant branch and white dwarf stars. 
Subdwarf B stars themselves will place constraints on white dwarf evolution as they will evolve 
to a distinctly lower mass white dwarfs than average. 
1 
CHAPTER 1. INTRODUCTION 
If astronomy is the oldest of the sciences, then stellar astronomy is the oldest sub field 
of a science. Stars are potential laboratories for extreme physical conditions unattainable on 
Earth. Their interiors sample temperatures, pressures, and densities that we cannot hope to 
duplicate in terrestrial laboratories. However, accessing data from these stellar laboratories is 
difficult. The only information we get is from their outermost layers through the light we see 
from them. Furthermore, we cannot directly manipulate the conditions, but must passively 
observe what Nature provides. Though stars have been studied for millennia, only in the past 
thirty years have astronomers developed tools to directly study stellar interiors. 
We face a similar challenge in studying the Earth.Though we are free to explore the surface 
we are unable to journey to the interior. However, science of seismology has revealed the 
Earth's detailed structure to its very center. Seismic waves, produced by earthquakes are 
sensitive probes of Earth's interior conditions such as density, pressure, and compressibility. 
Similar waves, first seen on the Sun in the 1970s, now give us a detailed picture of the solar 
interior (Christensen-Dalsgaard & Dziembowski, 2000) through "helioseismology." For some 
stars that show suitable light variations, astronomers are starting to use "asteroseismology" 
to give us a limited but direct view of stellar interiors. Already asteroseismology results have 
refined significantly our current picture of white dwarf evolution, for example (Clemens, 1994a). 
Asteroseismology is still a new area of research and its tools are still being developed. In 
this thesis, I apply current tools of asteroseismology to a recently discovered class of variable 
stars, the EC 14026 (commonly called pulsating subdwarf B or sdBV) stars (Kilkenny et al., 
1997a). These are multi-mode pulsators which are well suited to asteroseismological analysis. 
This introductory chapter continues in §1.1 with a brief overview of what we know about 
2 
stars and their evolution. Section 1.2. discusses the subdwarf B (sdB) stars and how they fit 
into the picture of stellar evolution. I next give an overview of their observed seismological 
properties in §1.3. Section 1.4 concludes this chapter by outlining the goals of this thesis and 
anticipates the results of my work. 
1.1 Evolution of Solar-Type Stars 
A useful definition of a star is that it is a gaseous, self-gravitating, quasi-equilibrium body 
that, sometime during its evolution, generate the majority of its radiant energy via sustained 
nuclear fusion. Our Sun, the closest example of a star, is merely an average star, burning 
hydrogen more-or-less consistently over the last 4.6 billion years. It should continue to do so for 
the next 5 billion years or so. It was not one of the first stars to be created, but rather coalesced 
out of interstellar gas that had been enriched in heavier elements by previous generations of 
stars. This brief diversion is by no means a complete picture of stellar evolution. Numerous 
resources exist which not only provide a more complete picture of stellar evolution, but do so 
with a precision, eloquence and length I would not dream to put here. Such references include 
Clayton (1968), Bôhm-Vitense (1991), Hansen & Kawaler (1994), and a number of others. 
Figure 1.1 introduces the Hertzsprung-Russell diagram (HR); this is a convenient and 
traditional vehicle for displaying stellar properties. Surface temperature (or a surrogate like 
color) is the abscissa and luminosity (or its surrogate) the ordinant. The representative HR 
diagram shows an old population of stars. The main sequence (MS) represents stars in their 
longest lived phase of core hydrogen fusion. This phase consumes 90% of a star's active (nuclear 
fusion) lifetime, or about 1010 years for stars like the Sun. Eventually the star's core runs out of 
hydrogen to burn, leaving behind a helium core as the star leaves the MS. For stars with masses 
less than about eight times that of our Sun, they will proceed to the red giant branch (RGB) 
as the helium core contracts while the surrounding material (called the envelope) expands. 
As the core contracts, it releases gravitational energy to support the star, heating the interior 
until the core becomes hot (and dense) enough to fuse helium into carbon and oxygen. For 
stars with masses larger than about two solar masses, helium ignition proceeds quiescently, 
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while for less massive stars, the core first becomes highly compressed and degenerate. In the 
latter case, this is a somewhat traumatic event as the compressed core undergoes a brief period 
of runaway thermonuclear fusion known as the helium flash. During the flash, some envelope 
mass may be lost; the post-flash stars have a range of remaining mass. 
Whether commencing with a helium flash or quiescently, stars which are burning helium in 
their core are collectively called horizontal branch stars1. For the vast majority of horizontal 
branch stars, a sufficient envelope remains to maintain hydrogen shell burning during the 
horizontal branch phase. These stars consume their core helium fuel, then proceed to the 
asymptotic giant branch, become planetary nebula nuclei in rapid succession (i.e. in < 1/10 
of their main sequence lifetime) and end their existence as white dwarfs. 
1.2 Subdwarf B Stars 
Some horizontal branch stars have very thin hydrogen layers and are exceedingly hot; 
these are the sdB stars. Shell hydrogen burning cannot be supported by such thin envelopes 
and it is likely they proceed directly to the white dwarf cooling track without reaching the 
asymptotic giant branch. They represent a small subset of all the horizontal branch stars; 
approximately 30% of horizontal branch stars are extended horizontal branch stars (Landsman 
et al., 1998; Yong, Démarqué, & Yi, 2000); including sdB and sdO stars, as measured in old 
open clusters. Their origin remains a mystery as the mass loss process must stop just in time 
to leave < 10-2 Mq of hydrogen, but not remove it all. Though they are rare, they are also 
quite luminous, and so are not hard to find. 
Prior to spectroscopy by Greenstein (1966), it was suspected that many faint blue stars 
(now known to be sdB stars) were possibly of an extra-galactic nature. However Greenstein 
(1966) obtained radial velocities that proved they were within our own galaxy and hypothesized 
that they are the field counterparts of the extreme horizontal branch (EHB) stars (HB stars 
with surface temperatures hotter than ~25,000K) detected in some globular clusters. In the 
early 1980s, the Palomar Green survey (Green, Schmidt, & Liebert, 1986) detected over 500 
lSee Figure 1.1; note also that the horizontal branch does not extend to the blue for stars with solar 
metallicity, but for lower metallicity only. 
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Figure 1.1 A Hertzsprung-Russell (HR) Diagram with various phases of 
stellar evolution indicated. 
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sdB stars (representing 40% of all point sources in their sample) in a search for quasi-stellar 
objects (or quasars). The Kitt Peak Downes survey (Downes, 1984) also detected a large 
number (~60%) of sdB stars. 
More recently, the Edinburough-Cape survey (Kilkenny et al., 1997b) detected large num­
bers of sdB stars (44.9% of all points sources in their sample), as well as the first pulsating sdB 
star (Kilkenny et al., 1997a). Subdwarf B stars have also been detected in open and globular 
clusters (Moehler et al.. 2000; Thompson et al., 1999; Liebert, Saffer, & Green, 1994) and 
are suspected to exist in elliptical galaxies (Brown et al., 2000), indicating that they can be 
produced in all stellar environments. With such a large sample of sdB stars, it is prudent to 
understand their physical characteristics and ask what role they play in stellar evolution. 
1.2.1 Outside Appearances 
SafFer et al. (1994) were the first to characterize in detail the observed properties of sdB 
stars. They obtained medium resolution spectra over a wavelength region containing many 
hydrogen Balmer lines (3650—5200 Angstroms). Saffer et al. (1994) determined the effective 
temperature (hereafter Teff) and surface gravity (log g) by simultaneously least squares fitting 
the Balmer lines with model atmospheres. Such atmospheric models calculate line shapes using 
Stark broadening (which reflects the electron density) and Doppler broadening (as a measure 
of the kinetic temperature). These processes affect the spectral lines differently than rotation 
(which changes the overall line profile) or magnetic fields (Zeeman splitting tends to broaden 
and flatten the line core). Matching the observed line shapes to the models provides reasonable 
constraints on Teff and log g. From their spectroscopic work, Saffer et al. (1994) determined 
that sdB stars have effective temperatures greater than 25,000 K and surface gravities (log <7) 
greater than 5.0. They have atmospheres dominated by hydrogen with observed Balmer lines 
which often extend ton = 12 before the line wings overlap. 
Figure 1.2 contains two Hertzsprung-Russell (HR) diagrams. The first shows the position 
of variable stars of all types (including sdBV stars) for a broad range of temperature and 
luminosity while the second HR diagram zooms in on the region of sdB stars. The second 
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HR diagram also contains model results indicating the effects of varying the helium core and 
hydrogen shell mass. It is clear that changing the core mass, even by a tenth of a solar 
mass substantially changes where the star appears on the HR diagram. The temperature 
depends steeply on the thickness of the hydrogen layer, with slight changes (on the order of 
one thousandth of a solar mass) causing wide variations in effective temperature. Models such 
as those in Figure 1.2 (and discussed in Chapter 2), indicate that sdB stars consist of an 
% 0.5Mq helium (He) burning core surrounded by a < 0.02Mq layer of H. 
Subdwarf B stars, with their thin (< 0.02M©) hydrogen blankets, will not have significant 
shell hydrogen burning, and so will (theoretically) proceed directly to the white dwarf (WD) 
cooling track. Figure 1.3 indicates an evolutionary model for an sdB star with an envelope 
thickness of 0.0015Mq. In none of the cases with temperature ranges consistent with sdB stars 
does the model evolve to the AGB. Their current mass limits already mean that they will 
end up as low mass WDs. The average WD mass is ~ 0.60Mq while sdB stars only contain 
< 0.5Mq of material. Thus they can only produce a small fraction of observed WDs, less than 
one in every 100 white dwarfs was an sdB star. This is consistent with their relative space 
densities, also (Downes, 1984). 
1.2.2 Binarity 
Many sdB have companions2. Maxted et al. (2001) determined that 21 of the 36 sdB stars 
they observed have radial velocity variations indicative of short period binaries with unseen 
companions. Including angles for which it is impossible to detect radial velocity variations, 
they infer a minimum fraction of 60% for sdB stars in short period binaries. Green & Liebert 
(2000) searched for radial velocity variations in a sample of over 70 sdB stars, from which they 
conclude that 45% of their sample are short period binaries with unseen companions and an 
additional 20% are long period binaries with main sequence companions. 
A search for composite spectrum binaries by Ferguson, Green, & Liebert (1984), turned up 
24 composite spectrum binaries (selected for their colors in narrow band photometry of over 
2See Appendix A for a complete discussion. 
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Figure 1.2 H-R Diagrams. A) An HR diagram with variable stars labeled 
(from Christensen-Dalsgaard & Dziembowski, 2000). The Zero 
age main sequence is indicated as a dashed line, the white dwarf 
cooling track as a dotted line and the horizontal branch as 
a dot-dashed line. B) Close-up of HR diagram as typically 
seen in studies of sdB stars (surface gravity rather than lu­
minosity). Solid line is the Zero-Age-Helium-Main-Sequence 
(ZAHB) for core masses provided (in M©), dotted line is the 
Zero-Age-Extended-Horizontal-Branch (ZAEHB) and dashed 
line is the Zero-Age-Main Sequence (ZAMS). Pulsaters are in­
dicated by filled circles with error bars while non-pulsators are 
shown as triangles. Note that by converting from luminosity 
to log g, we effective tip the HR diagram by about 60 degrees 
(best seen by comparing the line for the main sequence in the 
two plots). 
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Figure 1.3 Evolutionary diagram of a typical sdB model evolving away 
from the ZAEHB (solid line). Also shown are the ZAHB, a 
white dwarf cooling track (for 0.6M@; courtesy of M. Wood), 
the zero age main sequence (starting from 03; Lange, 1991) 
and the zero age supergiant sequence (starting from OS; Lange, 
1991) (as labeled). 
200 stars), from which they infer that ~ 35% of all sdB stars have main sequence companions 
later than spectral type K5. O'Donoghue et al. (1999) detect composite spectrum binaries in 
4 of the 9 sdBV stars they observed, a number slightly higher than that of Ferguson, Green, 
& Liebert (1984), but consistent given their low number of observations. 
Ulla &: Thejll (1998 and references therein) used infrared observations to find that 39 of 92 
sdB candidates have an infrared excess, indicative of a main sequence companion. Appendix A 
includes our work using the Two Micron All Sky Survey (2MASS), where we find that ~40% of 
sdB stars (from a sample of nearly 500) have an infrared excess indicative of a main sequence 
companion. 
9 
Though there is much work yet to be done in this area, it appears that many sdB stars are 
in binaries. It is therefore prudent to question what affect this might have on their pulsation 
properties. We will examine this question in Chapter 3. 
1.2.3 Speculation About the Origins of Subdwarf B Stars 
A mystery concerning sdB stars is how they arrived at their current location on the HR 
diagram. After the helium flash, nearly all of the hydrogen envelope must be shed in order to 
reach the effective temperatures sdB stars have. Saffer et al. (1994) suggest three mechanisms 
for producing sdB stars; these remain under active debate. 
1.2.3.1 Single Star Origin 
The EHB stars (both sdB and their hotter counterparts the sdO stars) could be anomalously 
slow cooling post-AGB stars. Though this may be a valid theory for sdO stars (which like 
AGB stars show a range of core masses), it is an unlikely explanation for sdB stars since the 
evolutionary timescale for post-AGB stars is inconsistent with the observed space densities. 
Or, perhaps through some, as-yet unexplained mechanism, the helium flash is sufficient to 
remove all but a thin layer of the hydrogen envelope (D'Cruz et al., 1996). This may be caused 
by higher than normal envelope opacity (such as the formation of dust, or other molecules 
which are able to absorb a wider range of photons). Since sdB progenitors must be at least 
% 0.8MQ (to have evolved off the main sequence in less than the age of the Universe), they must 
eject > 0.3MQ of material. We might expect to see this material as an infrared (IR) excess, 
predominantly around young (close to the zero-age helium main sequence) sdB stars. Though 
infrared excesses have been detected in some, they usually have been related to companions, 
rather than to dust or ejected material. 
1.2.3.2 Binary Production 
Another possibility is that sdB stars are created via close binary evolution. Iben & Tutokov 
(1986a, 1986b) proposed a process in which the hydrogen envelope is lost to the companion's 
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gravity prior to the onset of helium fusion. This star becomes a helium degenerate until 
the companion becomes a red giant, expanding and donating material to the primary, which 
condenses enough to ignite helium and becomes an sdB star. If this were the case, we could 
expect to see a multitude of sdB stars in short to intermediate period binaries (which we do; 
see §1.2.2). More pronouncedly, sdB stars that are merged binaries should show rapid rotation. 
The accretion of matter from the companion would serve to spin up the sdB, making it a rapid 
rotater. Observations have failed to support such a theory as most sdB stars appear to be slow 
rotaters (Heber, Reid, & Werner, 2000). 
Another possibility involving binarity is that degenerate helium-helium or helium-carbon/oxygen 
pairs merge to form a single, helium burning star, which could resemble an sdB star (Iben & 
Tutokov, 1986b). However, this would again produce a rapidly rotating star. This possibility 
would also require a substantial fraction of close binary degenerate pairs. Though some (<10) 
have been detected recently, it is far from sufficient to produce the number of observed sdB 
stars. Substantial numbers of sdB stars appear to be in binaries (see §1.2.2), ruling out any 
merger theory for the creation of more than a small fraction of the whole. 
1.3 Pulsating Subdwarf B Stars 
The first variable sdB stars were discovered by Kilkenny et al. (1997) in 1994. Since 
then, over 20 members have been discovered, with a handful of new members being discovered 
every year (see Reed, Kawaler, & Kleinman [2000] for a review of the first 13 members). The 
variable sdB stars range in temperature from 28,000 to 40,000 K and in surface gravity from 
log g=5.2 to 6.1, so they tend to represent the hotter sdB stars. Nearly all of them lie near the 
zero-age-extended-horizontal-branch ( ZAEHB), indicative of core helium burning, rather than 
shell helium burning. This is expected as core helium burning can last an order of magnitude 
longer than shell burning. 
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1.3.1 Overview of Pulsation Properties 
The variations seen in sdB stars, usually seen via white light photometry, have periods from 
80 seconds to 530 seconds; most pulsators show periods between 100 and 200 seconds. The 
largest pulsation amplitude discovered to date is ~3% (~30 mmag) while most pulsations are 
less than 1% (<10 mmag). Short duration data sets typically detect 2 or 3 pulsation periods, 
while multi-site or extended observations frequently reveal a host of lower (typically a factor 
of 5 or so) amplitude modes. 
The pulsation frequencies are near values suggestive of the fundamental radial pulsation 
mode (see §2.2.1), but there are too many pulsations over a small range in frequency for them 
to be strictly radial. This means non-radial pulsations are required to account for at least 
some (if not all) of the pulsations. 
1.3.2 Pulsating Subdwarf B Stars as Probes of Stellar Evolution and Stellar Sys­
tems 
If sdB stars do indeed represent a small channel of of white dwarf formation, why are they 
so important? We cannot identify uniquely the production mechanism of sdB stars. As such, 
they need to be accounted for if we are ever going to claim a complete knowledge of stellar 
evolution. Another benefit of understanding sdB stars and their evolution is they provide a 
window to what occurs at the helium core flash. Accounting for their thin hydrogen envelope 
will surely shed light on what occurs in most stars as they pass through this poorly understood 
phase of evolution. Subdwarf B stars are the most common objects (including galaxies, QSOs, 
etc.) detected in blue all-sky surveys, so understanding their demographics will be required 
for any statistical characterization of future deep surveys. 
Subdwarf B stars have also been detected in globular clusters. Some globular clusters also 
have an excess of ultraviolet (UV) radiation. It is possible sdB stars emit a significant fraction 
of this radiation. A similar problem is observed in elliptical galaxies; a larger, but similar 
environment to globular clusters. Should it turn out that sdB stars are the cause of this UV 
excess, population synthesis studies, which try to understand stellar populations, will need to 
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incorporate accurate models of sdB stars (Dorman, O'Connell, & Rood, 1995) 
Evolutionary models (introduced in Chapter 2) indicate that sdB stars should have very 
thin envelopes. If so, they do not possess many of the theoretical problems a thick, hydrogen 
burning envelope encompasses (such as a hydrogen burning layer). Therefore, they represent 
a simplified version of horizontal branch stars. Asteroseismology, when it works, can provide 
tight constraints on the stratification (by composition) of the outer layers of a star. So, the 
pulsators may allow us to measure the hydrogen layer thickness and directly test these models. 
By studying sdB stars, we can gain insight into all HB stars, revealing the structure of core 
helium burning stars. Additional applications may be found in their similarity, and striking 
difference to RR Lyrae stars; which are important distance indicators for galactic structure 
studies. RR Lyrae stars are horizontal branch stars with thicker, hydrogen shell burning 
envelopes. If we understand sdB stars, we better understand the core conditions of RR Lyrae 
stars. 
Stellar models show that core helium burning can provide support against gravity in an 
sdB star for roughly 10® years (Saffer et al. 1994). During this time, the core is consuming its 
supply of helium and producing carbon and oxygen. This changes the mean molecular weight 
of the core, changes which propagate throughout the star. By observing small changes in sdB 
stars, such as secular changes in the pulsation periods, it may be possible to place limits on 
helium fusion via the triple alpha process, something which no Earth-bound lab can do. It 
is their somewhat simplified structure that again works to our advantage as small changes in 
temperature or radius can only be attributed to evolutionary changes in density (likely due to 
composition changes) or structure within the star. 
1.4 The Goals of this Work 
We would like to use the observed pulsation properties of the sdBV stars to determine their 
physical structure and by extension, the structure of all horizontal branch stars. We would 
like to understand how sdB stars in general are produced, where they will evolve to next, and 
the role binarity plays in this process. Once we understand how sdB stars are formed, we can 
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determine the role sdB stars play in stellar populations, globular clusters. 
These are big issues which require a large amount of effort in theory and various modes 
of observation. A coherent scenario for sdB formation and evolution can only come from 
coordinated attacks on various fronts. A key effort will be the determination of the hydrogen 
layer thickness and evolutionary timescales of these stars and for these, seismological analysis 
is well suited. 
In order to solve these issues, we must have a more complete observational picture of 
the pulsations and form a link between the observed pulsations and the models from which 
we derive the physical structure. To do this requires follow-up observations and multi-site 
campaigns on additional sdBV stars as well as the ability to identify pulsation modes. We can 
only match theory to observations if we can identify the pulsation mode. 
We concentrate on four sdB stars that span a range of evolutionary stage, and periods. 
They include two obvious binaries (one short period and one long period), one evolved sdB 
star and another that is the coolest sdBV discovered to date. These stars also span the observed 
range of pulsation periods. For two of these stars, extensive observations were obtained locally 
at Fick Observatory as well as with the Whole Earth Telescope (WET). 
In this approach to the problem, some milestones included: 
• Quantifying the effects of binary motions on pulsation observations. 
• Characterizing the fully resolved temporal spectra of two objects for the first time. 
• Identifying frequency spacings in one object. 
• Establishing relative stability of amplitudes and frequencies of pulsations in three objects. 
• Establishing tight upper limits on the rate of change of pulsation period (an indicator of 
evolutionary timescale) for one object. 
• Demonstrating that frequencies and amplitudes of pulsations are not stable on timescales 
of years in the most evolved sdB star studied. 
• Placing interesting constraints on planetary companions to an sdB star. 
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• Exploring the systematica of pulsation periods versus global stellar properties. 
• Developing tools for mode identification through eclipse mapping. 
• Showing peculiar phase variations in PG 1336 that did not conform to the standard 
model of stellar pulsations. 
• Simulating the observed phase variations with a model that had the pulsation axis tipped 
compared to the orbital (and rotation) axis. 
• Exploring influence of partial eclipse in the tipped axis model. 
This thesis is divided into nine chapters with one appendix. This first chapter has served 
to provide a framework for the following investigations by outlining our current knowledge of 
sdB stars and their place in stellar evolution. It also poses the questions which sdB researchers 
hope to answer, with this thesis providing a trail to follow. Chapter 2 details the observational 
methods used. It also summarizes the theoretical background within which we interpret the 
observations. Chapter 3 addresses the complications that arise for pulsators in binaries. Chap­
ter 4 introduces the four stars that we concentrate on. Chapters 5 describes frequency analysis 
and model fitting for individual stars. In Chapter 6 we look at period stability in an effort 
to find secular period changes driven by evolutionary changes. Chapter 7 examines the entire 
pulsation class, looking for trends which may be used to identify pulsation modes. Chapter 
8 discusses the case of PG 1336, an sdB in a tight binary that showed lots of surprises. We 
conclude in Chapter 9 with a summary of the results in this thesis and speculations on what 
to do next. 
In addition, in the appendix I review various methods that may be used to determine the 
fraction of sdB stars in binaries and extend one method to search for companions with infrared 
data from the 2MASS survey. 
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CHAPTER 2. ASTEROSEISMOLOGY METHODS AND TOOLS 
Chapter 1 began with the acknowledgment that we do not have easy access to the physics 
of the interiors of stars. The key to unlocking their interiors has been the discovery (through 
time series photometry) of normal-mode oscillations in stars. As an example of the power 
of oscillation analysis, consider an everyday example of normal mode vibrations such as the 
tones produced by tapping a drinking glass. If I have three opaque glasses, each containing 
a different amount of water, I can tap the glasses and deduce the level of the water without 
otherwise examining their contents. On a much larger scale, the monitoring of oscillations of 
the Earth provides our only view of its interior. It is doubtful that we will ever drill to the 
center of the Earth to examine, firsthand, the interior of our planet. Yet we assure our children 
that our planet has a solid iron core, surrounded by a molten iron layer, above which lies a 
semi-solid mantle and a crust. We can do this because, just like tapping glasses filled with 
unknown substances, seismologists use earthquakes, which "ring" through the Earth, to study 
its interior. 
The same is true for stars. The vibrations in stars manifest themselves in the form of 
pulsations, periodic changes in a stars' light. For the pulsations to persist coherently they must 
oscillate in normal modes. Furthermore, there must be an energy source that can overcome 
natural dissipation. The art of analyzing these normal modes of oscillation to deduce the 
underlying structure of the star is known as asteroseismology. 
Classical (single period) variable stars were first discovered in large numbers in the 19t/l 
century; stellar pulsation theory developed throughout the 20th century to explain the periodic 
light variations. Discovery of multi mode pulsators, and theoretical analysis, blossomed in 
the second half of the 20th century. Practical application of the theory has been driven by 
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high quality data that allows extraction of many frequencies and minimize uncertainty due to 
aliases (daily, monthly, etc., described in §2.1.3). In this chapter, I describe the procedures 
used to obtain these data, and then outline pulsation theory as addressed by the data in 
an asteroseismological analysis. The next section discusses the instruments used to obtain 
the data and the reduction process. Section 2.2 briefly reviews relevant pulsation theory 
and connects theory to the observations described in §2.1. The point of contact that allows 
us to constrain stellar physics is the pulsation periods. Section 2.3 outlines construction of 
evolutionary stellar models and calculations of their normal-mode frequencies. In §2.4 we 
detail how the observations are compared with the the theory. The last section reviews some 
successful applications of these techniques. 
2.1 Obtaining and Reducing Time-Series Photometry 
The stars examined in this thesis have pulsation periods of a few minutes. They are multi 
periodic, with periods spaced closely together. This makes it important not only to have many 
integrations per pulsation cycle to measure the periods themselves, but also a long time series 
to fully resolve the beat cycles of closely-spaced modes. To accomplish this, data have been 
obtained with photoelectric photometers during single and multi site campaigns. We observe 
for as long as possible during each night, as well as through an observing season of weeks to 
months, so as to be able to resolve the complex pulsation spectra. 
2.1.1 Photoelectric Photometry 
The observations discussed in the remainder of this thesis (unless otherwise noted) were 
obtained with photoelectric photometers [hereafter just photometers; see Kleinman, Nather, 
& Phillips (1996) for details of a typical instrument]. Our photometers employ blue-sensitive 
photomultiplier tubes to count photons over equal time intervals (typically 5 to 10 seconds). 
The tubes reside behind selectable apertures, typically 0.5—4mm in size (mapping to ~5—40 
arcseconds on the sky). The aperture size is selected to minimize the light from the sky and 
neighboring stars while collecting all the light from the target star (the image size being de-
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termined by atmospheric transparency). The main difference between individual photometers 
is the number of aperture+tube "channels". Single-channel photometers require frequent ob­
servations of nearby blank sky to allow for removal of variable sky background. This produces 
brief gaps in the data as we must physically move the telescope off the target to the sky patch 
and then re-acquire before observations can continue. So long as this is done infrequently and 
non-periodically, the impact of the small data gaps for the target is minimal. Single-channel 
photometers also require guiding external to the photometer, typically via CCD autoguider, 
to keep the target centered in the aperture. Dual channel photometers allow simultaneous 
observations of a non-variable comparison star along with the target. This second star can 
be used to monitor, and sometimes correct for, sky variations (even clouds to some extent). 
The data stream still must be interrupted occasionally to measure the sky background. Three-
channel photometers devote a third channel just to sky observations (Kleinman, Nat her, 
Phillips, 1996). This additional channel eliminates the need to interrupt data (except once or 
twice at the beginning and/or end of a run), to correlate channel sensitivity. Two and three 
channel photometers typically allow internal guiding. A dichroic filter splits the light from 
the comparison star (channel 2) into blue and red components. The blue light is sent to the 
blue-sensitive tube while the red component is used for CCD (or occasionally manual) guiding. 
At the conclusion of each integration, a single number, the counts as read by an offset 
voltage across the tube, is stored for each channel. Along with a small header produced at the 
beginning of each observing run, this is sufficient information to examine how the brightness 
varies with time (kept as Universal Time) throughout the run. 
2.1.2 Data Reduction 
The software used for reduction of time series photometry in this thesis is QED, written 
by Dr. Ed Nather (Kleinman, Nather, & Phillips, 1996). The goal of data reduction is to 
reproduce the time-varying brightness of the target star as if it was seen from above the 
Earth's atmosphere. To do this, we begin by constructing a point-by-point record of the sky 
brightness, to remove this contribution from the star counts. For 3 channel photometers, 
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a channel is dedicated to the sky, and a complete record is obtained along with the stellar 
data. For 1 and 2 channel photometers, sample sky measurements have to be interpolated. 
An average is found for each small group of sky samples and a continuous form of the sky 
brightness is created by linearly interpolating between averaged sky points. 
To correct for atmospheric extinction, we approximate the effect using a single coefficient 
cosecant function of the air mass ( "air mass" is equivalent to the altitude of the target above the 
horizon). The data are then corrected for extinction and, if necessary, the coefficient is adjusted 
and refitted until the light curve shows no linear or quadratic trends. Seeing and anomalous 
atmospheric transparency changes are corrected either by removing a low order polynomial fit 
to the data, or by dividing through by the (smoothed) data from the comparison star. Bad 
points (from electronic noise, sky measurements, guiding errors, etc.) are removed by hand, 
and the mean level of the flattened light curve is removed, leaving only the variations from 
the mean, (ma = A///). Finally a barycentric correction is applied to correct for the Earth's 
motion around the Sun, giving times for the data points projected to the center of the solar 
system. An example of data obtained with a 3 channel photometer is shown in Figure 2.1 
where the "raw" light curve is clearly dominated by clouds (see Kleinman, Nather, &: Phillips, 
[1996] for other examples of the reduction procedure). 
2.1.3 The Temporal Spectrum 
A Fourier transform of the reduced light curve produces a measure of the amplitude of 
variation as a function of temporal frequency. In such a "temporal spectrum" peaks correspond 
to periodic signals (or gaps) in the light curve. In the temporal spectrum, the height of each 
peak is proportional to the amplitude of the variation from the mean signal. The width of 
the peak is determined by the length of the data run. An example temporal spectrum is 
shown in the right hand panel of Figure 2.1. The y axis is "modulation amplitude" (ma, or 
in this case, milli-modulation amplitude, mma) which is the fractional variation in intensity 
There are three properties need to measure in the time series for each spectrum peak: period 
(or frequency), amplitude and phase. The enemy of such measurements are either short run 
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lengths (making it impossible to resolve the pulsations) or "aliases" which appear in the FT 
due to incomplete data sampling (an ideal FT would have data sampled from and to infinity). 
With few exceptions, single site observations will have incomplete data sampling with daily 
gaps as the star sets below the horizon, or the Sun rises. So when multiple runs obtained over 
several days at a single site are combined, these "gaps" produce unwanted peaks in the FT at 
integer multiples of one cycle per day on either side of the stellar periodicity. In this case, the 
period between gaps is one day so aliases would appear at multiples of 11.57/iHz (11.57, 23.15, 
34.72/xHz, etc.). Such daily aliases are typical of time series data. 
A good rule of thumb is if the difference between the two highest amplitude peaks of each 
alias "pattern" is higher than the noise in that region of the temporal spectrum, then the 
highest amplitude peak is likely the one caused by the star's variability and not an alias. 
Another typical rule is to never trust a peak that resides on another peak's alias, unless there 
is a very compelling reason to do so. 
2.1.4 Beating Down Aliases with Multi Site Data 
The best method of minimizing sampling aliases is to acquire a continuous time series by 
obtaining data from sites around the Earth. In doing so, it is possible to get data with few, 
or even no gaps for days on end. The Whole Earth Telescope (WET) is one such network of 
astronomers, cooperatively observing targets for (typically) ten days to two weeks from sites 
around the globe (Nather, et al., 1990). To qualitatively gauge the amount of aliasing in a 
data set, we compute a "spectral window function". The window function is the FT of a single 
noise-free sinusoid (of arbitrary but representative frequency) sampled in the same manner 
as are the actual data. Figure 2.2 shows spectral window functions for three different data 
samples. The top panel shows the window for the data in Figure 2.1, a single run; the middle 
panel for multi-night data from a single site (from §4.3); while the bottom panel has data from 
a multi site WET campaign on HL Tau 76. The central peak is at the frequency of the input 
sinusoid while all the other peaks are aliases caused by gaps in the data. 
Once we have our data collected and reduced, we use a progressive linear least-squares 
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Figure 2.1 Raw (top) and reduced (bottom) photometric data. Left: Light 
curve (2 hours of a 6 hour run). Right: Temporal spectrum 
of the 6 hour run. Inset: 1000/zHz close-up of the temporal 
spectrum showing the pulsation. 
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Figure 2.2 Window functions for a single run (top), multi run sin­
gle site data (from March, 1999 see Table 4.5) (middle) 
and multi site data for HL Tau 76 (for a list of runs, see 
http://wet.iitap.iastate.edu/xcovl8) (bottom). 
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(hereafter LSQ) analysis to obtain the periods, phases and amplitudes of all probable modes. 
We typically begin by attacking the highest amplitude mode (though prewhitening can be 
done in any order) : we fit the time series to a noise free sinusoid to obtain that mode's period, 
amplitude, and phase. We then subtract the fit sinusoid from the original light curve and 
recompute an FT to reveal the remaining periodicity. This procedure, known as prewhitening 
continues one peak at a time, with the goal of removing all peaks deemed "real" until all that 
remains is noise. In such a manner, prewhitening serves to confirm the LSQ fit of the peaks. 
A bad LSQ fit will poorly prewhiten aliases. Examples will be shown later; but see O'Brien et 
al. (1996) for another example of this procedure. 
This procedure has to be used with extreme caution. Prewhitening removes a set of noise-
free sinusoids. Pulsations typically have some non-linear effects, such as amplitude variations 
and nonsinusoidal pulse shapes that are not accounted for. As a result, prewhitening does not 
completely remove, or over-removes, peaks and aliases. Periods should only be deemed real 
if they are seen in the temporal spectrum prior to prewhitening, as prewhitening does not 
fully remove aliases. Great care is needed taken to ensure that prewhitening confirms, rather 
than detects, peaks in the temporal spectrum. At the end of the analysis, we have a list of 
periods, amplitudes and phases for the dominant pulsation modes in the star. It is this list 
that provides the contact with theoretical models. 
2.2 Pulsation Theory 
The variations we see in sdBV stars are relatively small. Since they are small, we can 
consider the variations that we see as manifestations of small perturbations to the equilibrium 
structure of the star. In this limit, theoretical modeling of stellar pulsation requires simple 
linear perturbation theory. We begin with the equations of equilibrium stellar structure, in­
troduce small perturbations to the structural quantities and then solve for the perturbations 
in terms of the equilibrium structure. 
The details of modern pulsation theory are available in a host of textbooks and review 
articles (see for example Cox, 1980; Unno et al., 1989, or the first comprehensive treatment by 
23 
Ledoux and Walraven, 1958). For the purposes of this section, we will merely quote relevant 
results of the theory in some interesting asymptotic regimes. Later, we will use stellar models 
and results of perturbation calculations with them for more detailed comparisons with the 
observations. 
Since pulsations are a mechanical process, it is useful to define at this point the free-fall, 
or dynamical timescale 
Tff ~ = ~^== : (2.1) 
uQ V G p 
where p is the mean density of the star and u0 is the corresponding frequency. This represents 
the global response time of the star to departures from hydrostatic equilibrium. For sdB stars, 
Tff is of the order 100 to 200 seconds. 
2.2.1 Classes of Pulsation Modes 
The classes of oscillation modes available to stars are differentiated by the restoring force 
and geometry of the modes. When pressure is the restoring force (p-modes), the oscillations 
occur with periods that are shorter than or equal to the free-fall time for the star. Another 
important restoring force is buoyancy. For modes with buoyancy as the restoring force (g-
modes), the pulsation periods tend to be much longer than the free fall time. As a terrestrial 
analogy, sound waves in water represent waves for which pressure is the restoring force. In 
the oceans, buoyancy is the restoring force for ocean waves at sea. Ocean wave patterns move 
much more slowly than sound waves in water for the same reasons that g-mode periods are 
longer than p-mode periods. 
2.2.1.1 Radial Pulsations 
When p modes are spherically symmetric, they are called radial modes. For normal modes, 
the oscillations within the star are standing waves, with nodes between the center and the 
surface. Across a node, the sense of the variation reverses. An n=0 mode, for example, has 
no nodes (except, trivially, at the center) and is called the radial fundamental. Radial modes 
with n=l have a single internal node. In the limit of "large" n, radial pulsation frequencies 
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obey the asymptotic relation 
vn = t/0 (n + e) (2.2) 
where e is a small number. i/a is given by the sound travel time through the star. It is 
approximately 1/rff, but more specifically 
where Cs  is the local speed of sound. Another thing to note in Equation 2.2, is that if a star 
undergoes high overtone pulsation (large n), then its temporal spectrum should show a series 
of peaks which are evenly spaced in frequency. 
Stars undergoing radial pulsation typically have n=0 or at most 1. Probably the best 
known of all pulsators are the Cepheid variables. These radial pulsators typically show the 
fundamental (n=0) mode, though first overtone Cepheids are fairly common also. Equation 
2.1 shows that the Cepheid pulsation periods give us their average densities. Since the density 
(and luminosity) is a function of radius, and the effective temperatures of Cepheids fall in a 
narrow range (see Figure 1.2), Equation 2.1 leads to the famous period-luminosity relationship 
which has been used to calibrate extra-galactic distances. RR Lyrae stars are the horizontal 
branch equivalent of the Cepheids; pulsating in only one or two radial modes, they provide 
another standard candle from which astronomers can gage distances. 
2.2.1.2 Nonradial Pulsations 
The perturbed equations of stellar structure represent the behavior of material under the 
influence of a central inverse square force (gravity) and gas pressure. As such, general solutions 
do not require spherical symmetry. A natural way to describe the available nonradial oscilla­
tion modes is in terms of an orthogonal set of functions, known as the spherical harmonics. 
This familiar set of functions (denoted by Y(m) is the same as used in perturbative quantum 
mechanics, electromagnetics and other areas of physics. The spherical harmonics describe the 
angular dependence of the variations via the quantum numbers I and m. The number of nodal 
fines on the surface is given by £, while m is the number of nodal lines passing through the 
(2.3) 
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poles. Figure 2.3 shows sample patterns from the set of spherical harmonics. As expected 
there are (21 + 1) possible values of m for a given E, with the sign of m signifying the relative 
phase of the azimuthal pattern. 
2.2.2 Asymptotic Properties of Nonradial Modes 
In the limit of n i, non-radial p-mode oscillation frequencies obey some simple asymptotic 
relations. For p-modes, we have 
Vn,e = u°{aJr\ + *) • (2.4) 
This equation shows that, as with radial modes, overtones are equally spaced in frequency. 
However, because of the i dependence, the observed spacing may be if modes of alternating 
i are observed. Note also that radial modes correspond to 1=0. 
The asymptotic relation for g-modes takes a different form. In the same n 3> I limit, we 
have 
n
"-' = 
|n +£) (2-5) 
where H0 is a constant that depends on an integral of thermodynamic quantities over the 
structure of the star. In sdB stars, it is about 200 seconds. The shortest period 1 = 1 g-mode 
will have a period roughly equal to the free fall time, with the period increasing with overtone 
n. In the asymptotic limit, g-modes are equally spaced in period for consecutive values of n 
(Smeyers, & Tassoul, 1987). 
Unlike radial modes, the nonradial modes of differing n have very similar thermal and 
mechanical properties. Thus when stars show nonradial pulsations at all, they frequently show 
many modes. Since each mode does sample a subtly different part of the star (Christensen-
Dalsgaard & Dziembowski, 2000), nonradial pulsators are more revealing of a star's interior 
than radial modes. 
In stars that show nonradial pulsations we can usually identify whether it is a p-mode or g-
mode pulsator by considering the pulsation periods themselves. With an estimate of the density 
of the stars, we can calculate v0. If the periods are much longer than l/z/0, then the pulsations 
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Figure 2.3 The geometric manifestation of pulsations with the following 
modes: a) 1=1, m=0, b) £=1, m=1, c) £=2, m=0, d) £=2, 
m=l, e) £=2, 772=2, f) £=3, 77i=0, g) £=3, 77i=l, h) £=3, m=2, 
i) £=3, 771=3, j) £=5, 77i=5, k) £=10, m=5, and 1) £=10, m=10. 
Cooler regions have solid lines while hotter regions are indicated 
by dashed lines. The pole is noted by a star and the equator 
by plus signs. (From Christensen-Dalsgaard & Dziembowski, 
2000) 
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are probably g modes; if the periods are shorter than l/v0, then p-modes are indicated. In 
cases where pulsation periods are comparable to 1 /v0. then either observational constraints on 
the type of mode (radial versus nonradial) or detailed comparison between model periods and 
the observed periods is needed to establish the class of pulsation. 
2.2.3 Effects of Rotation on Pulsation Frequencies 
Equations 2.3 and 2.4 suggest that the pulsation frequencies do not depend on the value 
of m. Modes propagate around the axis of symmetry with a frequency of v/m and so produce 
variations at the same frequency, independent of m. However, if the star departs from spherical 
symmetry in some way (i.e. by rotating), then modes with different m will be shifted in 
frequency away from the degenerate value. For example, rotation can separate modes of 
different m but the same £ into 2£ 4- 1 modes1. The frequency splitting between peaks of 
consecutive m is given by: 
= 
( 1  
~
C n t )  (2-6)  
11 rot 
so that 
Vnlm. = Vnio "h rrt — (1 Cjil) (2.7) 
Urot 
where IIrot is the rotation period of the star. The number Cni is a correction term arising 
from the Coriolis force. For sdB stars, it is usually a few percent. Thus, rotation can produce 
(2£ +1) peaks, for a given value of n and £, that are equally spaced in frequency in the temporal 
spectrum. An i = 1 set can become a triplet, an I = 2 mode a quintuplet, and an I = 3 mode 
a septuplet, if modes with all values of m are present. 
The observed relative amplitude of modes with different m (assuming the same physical 
amplitude) will depend on the inclination angle between the pulsation axis and the line of sight ; 
see Figure 2.3. If the star is viewed equator-on, the I = 1, m = 0 and I = 2, m = 1 modes will 
have equal numbers of bright/dim areas, effectively rendering those modes undetectable in the 
absence of limb darkening. The same is true for all m ^ 0 modes when the rotation axis is 
viewed pole-on. 
lBy convention (IAU Commission 27), modes with m. < 0 have decreased frequency while modes with m > 0 
have increased frequency. 
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2.2.4 Mode Trapping 
The asymptotic equations predict equal frequency (period) spacings for p (g)-modes. How­
ever, implicit in deriving those relations is the assumption that the equilibrium models are 
homogeneous in composition. In practice, sdB stars (and most others) are chemically strati­
fied. At points within the star where composition changes quickly with depth, a corresponding 
density jump must result to keep the pressure from being discontinuous. If there is a resonance 
between the radial dependence of the oscillation mode (the "wave" function or eigenfunction) 
and depth in compositional layer, the eigenfunction can get "trapped" in between (Kawaler 
& Weiss, 1990; Brassard et al., 1991; Dehner &: Kawaler, 1995). Such a trapped mode "feels" 
a diminished resonant cavity compared to non resonant modes, altering the pulsation period 
from the asymptotic value. Modes with neighboring n values will feel the transition slightly less 
as their nodes lie further from the transition region. However, as n increases the nodal spacing 
will become such that the next nodes will become closer and closer to the transition region, the 
pulsations will again "feel" a smaller cavity, and the periods will change accordingly. Thus we 
get an alternating pattern of pulsations that "feel" the smaller cavity with those that do not. 
This pattern, the trapping cycle (Bradley, 1994) and the trapping period (which is the number 
of modes of consecutive n of the trapping cycle), depends on the depth of the transition zone 
causing the trapping. The deeper the transition zone, the shorter the trapping cycle. 
2.2.5 Changes in the Pulsation Period 
The pulsation frequencies are extremely sensitive to the conditions (density, pressure,and 
temperature) of the star. Yet Chapter 1 shows that stars change with time. So must the 
pulsations. This is a small change as sdB stars are expected to spend ~ 108 years burning 
helium in their core (Saffer at al, 1994). How a star moves in the HR diagram is directly related 
to changes in radius. Thus the rate of change of the radius, controlled by nuclear evolution, 
will drive a change in the period at the same rate. If the star is evolving on a timescale of 108 
years, then the pulsation period will change by roughly 1 part in 108 each year. This change 
is too slow to measure directly in the pulsation period of the star. However, these gradual 
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changes in the period will manifest themselves as accumulating changes in the phase of the 
pulsations. Over many cycles, these changes can become measurable (see §2.5.4). 
In the case of sdB stars, as they evolve their radius generally increases, lowering the density 
of the envelope, and thus lengthening their pulsation period if they are p-modes. As such, we 
expect dXY/dt (also called P) to be positive. In Chapter 6, I will provide a detailed look at how 
dH/dt is expected to change with time in sdBV stars. By analyzing pulsations of evolutionary 
models, it is possible to constrain the mechanism for driving evolution in sdB stars; helium 
fusion. 
2.3 Detailed Stellar Models 
Observed pulsations themselves tell us little about stars without models of the stars to use 
as interpreters. If I hear a bell ringing in the distance, I can make several bells, of varying 
size and thickness until my bell rings with the same frequencies as the one in the distance. 
Now I may assume that my bell shares many properties as the one that I can only hear, but 
not examine. So it is with stars. We need accurate stellar models that correspond to the 
observed constraints of Tefr, log g, and composition. We then compute their pulsation periods 
for comparison with the data. 
2.3.1 Evolutionary Models 
For this work, we generated models using the stellar evolution program, ISUEVO, which 
is described in detail in Dehner (1996), Dehner & Kawaler (1995), Kawaler & Bradley (1994), 
and references therein. We created models that span the observed regions (in Teff and log g) 
of sdBV stars in the HR diagram (Figure 1.2). 
ISUEVO is a "standard" stellar modeling code that solves the four equations of stellar 
structure: 
Hydrostatic Equilibrium: = --j—j , (2.8) 
dMr 4irrl 
dr 1 Mass Continuity: —— = -—=— , (2.9) 
dMr  4nr*p 
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Conservation of Energy: -777- = e.-T^j- , (2.10) 
ûAïf dt 
Thermal Balance: -jtV = — V . (2.11) dMr 4?rr4P 
Symbols in Equations 2.6-2.9 have their usual meanings. The independent variable is M r ,  the 
mass contained within the radius r, A is the logarithmic gradient of temperature with respect 
to pressure, e is the energy production rate and s is the specific entropy. 
The evolutionary sequence is advanced in time, beginning with a "seed" model. To create 
this starting model, we first assume that it is a "Zero Age Horizontal Branch" (ZAHB) star 
that has just completed the core helium flash (§1.1). Following standard practice, this seed 
model is presumed to be evolution-independent in that the degenerate helium flash (described 
in §1.1.1) occurs for a given helium core mass more-or-less independent of the total mass of the 
star. The helium core mass is solely a function of initial metallicity. We then add an envelope 
of hydrogen to the core, with the mass of the envelope as a free parameter. 
Once the initial model converges, it is evolved through a sequence of discrete time steps. 
The time step is limited by the condition that the model does not change by more than a 
small percent anywhere within the model (typically less than 10% in log of radius, pressure, 
temperature, and luminosity). Evolution away from the ZAHB has a growing convective core, 
which eventually establishes a region of semiconvection at its outer edge (refer to Figure 1.3). 
In semiconvection, radiation and convection play comparable roles in transporting energy. 
This creates some incomplete mixing, establishing a mean molecular weight gradient (normal 
convection thoroughly mixes the elements, providing a constant mean molecular weight in the 
convection zone). 
As the core converts helium to carbon and oxygen, the star slowly proceeds to lower surface 
gravity. Once the models have used up all but 20-30% of the core helium (by mass), the star 
quickly evolves to higher Teff. The effective temperature eventually stabilizes and the star 
evolves to lower log g (larger radius) again as helium shell burning occurs. This is the final 
phase as an sdB star as it proceeds next to the white dwarf cooling track as helium shell 
burning is extinguished where it becomes a low mass white dwarf. 
Comparison of our evolutionary tracks (such as Figure 1.3) with the model grids of Caloi 
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(1989) and Charpinet, Fontaine & Brassard (2001) shows close agreement. We note that 
Charpinet, Fontaine &c Brassard (2001) include elemental diffusion and lévitation in their 
atmospheric models while ISUEVO essentially ignores the atmosphere, maintaining the input 
metallicity. 
2.3.2 Pulsation Period Calculation 
The stellar models produced by the evolution code provide a complete description of the 
radial dependence of the structural variables (P, T, and Mr). Through the equation of state, 
we also obtain the density and other thermodynamic quantities at each shell within the model. 
With this "equilibrium" model, we can then calculate the normal mode frequencies for that 
model. To do so, we use a linear, adiabatic pulsation code that has been applied in a number 
of other investigations (see Kawaler & Bradley, 1994; O'Brien et al., 1996; O'Donoghue, D. 
et al., 1998). Further details about the pulsation code used can be found in Kawaler et al. 
(1985) and Kawaler & Bradley (1994), while the details of pulsation calculations are covered 
in depth in texts such as Unno et al. (1989) and Hansen & Kawaler (1994). This code solves 
the perturbed equilibrium equations (in the linear approximation where the perturbations are 
assumed to be small compared to the values themselves). In this limit, the perturbations 
can be expressed in terms of one another, and the equilibrium quantities. The details of the 
techniques for solving the perturbation equations are beyond the scope of this work, so suffice 
to say that the equations pose an eigenvalue problem. For each eigensolution there is a set 
of eigenfunctions (that describe the perturbations of the structural quantities as a function of 
position) and an eigenvalue that corresponds to the frequency of the eigenmode. The set of 
eigensolutions are indexed by the quantum numbers n and £ which were defined above. 
We neglect the thermal perturbations by assuming that the pulsation motions are adiabatic; 
that is, there is no heat lost or gained anywhere in the star over the course of a pulsation cycle. 
This approximation greatly simplifies the calculation, and provides very accurate pulsation 
frequencies, though it does not illuminate the question of driving and damping of the pulsations. 
The output of the pulsation calculations is a table of pulsation frequencies for p-modes and 
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g-modes for desired values of £ and n. In addition, we use the eigenfunctions to calculate the 
value of the rotational splitting coefficient Cnt-
2.4 Practical Implications of Pulsation Theory 
The last section described the phenomenological aspects of pulsation theory. Yet the theory 
would be useless were there not observational consequences. In asteroseismology, there is a 
clear and direct contact between theory and observation in the pulsation periods. This section 
discusses the observability of the pulsations, the ways we can view the observed periods in 
light of the theoretical expectations, and limitations of our observational tools. 
2.4.1 Observable £ Values 
To the naked eye, our Sun appears steadily lit from our vantage point on Earth. However, 
it is also a variable star. Indeed it holds the record for the most pulsation modes observed in 
a star. It both appears steady, yet pulsates in an abundance of modes because it pulsates in 
with large £ values (see Figure 2.3). As £ increases, so do the number of nodal lines, and hence 
the number of alternating hot/cool or bright/dim regions on the surface of the star increases. 
In the absence of limb darkening, modes with £ >3 can only be observed if the stellar surface 
is resolved. Since we can resolve the surface of our Sun, we can observe pulsation modes of 
large £. However, in every other star, it is difficult to observe modes with £ > 3 because of the 
cancellation effects (Dziembowski, 1977). As such, it is typically irrelevant to match observed 
periods with model periods of high £ value. 
2.4.2 Pattern Matching 
Equation 2.2 describes how successive overtones of radial modes would appear as peaks 
equally spaced in frequency in the temporal spectrum. Similarly, Equation 2.3 indicates that 
nonradial p-modes of successive n or £ would also appear equally spaced in frequency (with 
modes of successive £ spaced half the distance of those of successive n). In both cases modes 
of successive n (but same £) should be spaced in frequency by va while modes of successive I 
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but same n should be spaced in frequency by fQ/2. For g-modes, Equation 2.4 dictates that 
stars of a given i should have equal period spacing with successive n by 
An 
= 77ÏÏTTT (2'12) 
In the best case, we would see a sequence of peaks in the temporal spectrum that follow these 
simple trends, revealing vQ (in the case of p-modes) or All (for y-modes). All that remains is 
determination of I. 
Equation 2.5 describes the amount of separation between peaks in the temporal spectrum 
due to rotational splitting (m degeneracy) Since successive overtones generally have a frequency 
spacing larger than that of rotational splitting, it is possible to observe successive overtones of 
triplets (or quintuplets) equally spaced in period for g-modes or frequency for p-modes. 
This kind of "pattern matching" analysis can be very useful for identifying pulsation modes. 
Once the period spacing is found, we can compare it with spacing found in models to determine 
the global properties of the star- principally, its mass (Kawaler & Bradley, 1994). This method 
has proved extremely useful in white dwarf and pre-white dwarf stars with periods evenly 
spaced in both period (due to successive n values) and frequency (as rotationally split modes) 
(Winget et al., 1991; Kleinman et al., 1998). Rotationally split modes, equally spaced in 
frequency from each other are seen in the Sun (Christensen-Dalsgaard & Dziembowski, 2000) 
and roAp stars (Kurtz et al., 1989). 
2.4.3 Abundance of Pulsations 
Classical pulsators, such as the Cepheid variables described in the introduction typically 
pulsate in a single mode. Equation 2.1 describes how we can relate even a single pulsation to 
physical conditions of stars; in this case the average density. However, as described in §2.2.5, 
modes with nodes placed at different depths within the star "feel" different sized resonant 
cavities (perhaps due to chemical stratification). Thus, the more observed modes of pulsation, 
the more interior regions are probed by the pulsations. Thus the stars that are the most 
sensitive probes of stellar interiors are those with the most pulsation modes. 
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The richest sdB pulsator shows close to 55 separate periodicities in its temporal spectrum, 
while others may pulsate in no more than 2 or 3 modes. Over the class, the pulsation periods 
range from ~90 to 530 seconds with amplitudes typically less than fifteen millimagnitudes. 
So while the pulsations in our Sun place tight constraints throughout its interior we cannot 
expect sdB pulsations to be quite as stringent. However, we can still hope to discern some 
fundamental properties, such as the hydrogen layer thickness and the core composition. 
2.4.4 Measuring Evolutionary Changes 
Section 2.2.3 discusses how pulsation periods are expected to slowly change over time as 
the structure of the star changes. We measure this by comparing the observed times of maxima 
(O) in the light curve to the times of maxima calculated (C) using an assumption of constant 
period. Any change would then show up in a plot of (O — C) versus time as a phase drift. A 
constant rate of period change shows up as a quadratic term with time: 
(O - C) « (t - t0)2 [seconds] (2.13) 
I llt„ at 
where Hto is the period at time ta (see for example, Kepler et al., 2000a and dW/dt is often 
referred to as P (P dot). 
If the assumed period is incorrect (H = n<rue + 5H), this will be evident as a linear trend 
in the (O - C) diagram. If the star is in a binary, its orbital motion may appear in the (O -
C) as a periodic (sinusoidal) signal with the amplitude equal to the light crossing time of the 
orbit (with a dependence on the inclination of the orbit). Chapter 3 will examine how binarity 
affects the (O - C) diagram. 
These changes (evolutionary and perhaps orbital) in (O-C) can be fast enough so as to be 
measurable in only a few years of observations (see §6.3 ). This requires that the pulsation 
period be known to high precision. Enough data must be obtained to secure the pulsation 
period and phase accurately enough to cover the time between data runs. The accuracy must 
be such that much less than one-quarter cycle in accrued errors has occurred between runs. If 
the gap is larger than this, then the number of pulsation cycles will be ambiguous. 
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Also, it is imperative that the pulsation mode be stable in amplitude over time. If the 
mode disappears, there is no guaranteeing that it will return with the same phase; though 
this is possible for modes where the amplitude decreases due to mode beating, only making 
the mode seem to disappear. For stars where the pulsation appear to be driven stochastically, 
there is little hope of determining dll/dt (P). 
The mode also needs to be clearly separated from other modes so that resolution problems 
are minimal. Shorter time series data sets do not resolve separate, but closely spaced pulsations. 
As such, the peak in the temporal spectrum can appear to wander (depending on the amplitude 
stability) in frequency between the two modes, taking the phase with it. 
2.5 Successful Applications of Asteroseismology 
We know stars pulsate because we can observe them doing so, but we have not yet addressed 
how to interpret such observations in a meaningful way. We will discuss that now. 
As discussed in §2.3 stellar models are crucial in extracting the underlying stellar structure 
from the observations. To connect the models with observations, we need to measure the stellar 
pulsation period and, somehow, identify the quantum numbers for the observed modes. Of 
course the method used to do this depends on the individual or group of stars in question and 
the available pulsation behavior. The theoretical aspects point to several features to look for 
in the data (described in §2.4). Here, we give some past examples of successful applications of 
these techniques of asteroseismology of evolved stars. 
2,5.1 A Single, Rich Pulsater 
With identified values of n, I, and m in the data, we can convert this into an understanding 
of the physical nature of the star. For an excellent example, consider the remarkable star 
PG 1159-035 (hereafter PG 1159), a pulsating pre-white dwarf star. PG 1159 was observed by 
the WET in 1989 and revealed a rich pulsation spectrum (Winget et al., 1991), a portion of 
which is shown in Figure 2.4. Three of the many triplets of successive overtone are easily seen 
in the figure; they provide both a rotation period (from the frequency splitting of the triplets) 
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and an £ identification (from the fact that we see triplets). Quintuplets were also observed, 
allowing identification of modes with more than a single £ value. 
Over the course of this single WET run, over 100 separate modes were resolved (Winget 
et al. 1991). With so many identified modes, static and evolutionary models were tightly 
constrained providing a wealth of physical parameters including Mpg H59 = 0.59 ± 0.01 iW®, 
and nrot =1.38 days. From the trapping period, seen in both the £ = 1 and £ = 2 modes, 
Kawaler & Bradley (1994) were able to determine the helium layer thickness to be 3 • 10-3 Af®, 
log g = 7.38 ± 0.1, log L/LQ = 2.29 ± 0.05, and a surface helium abundance of about 30%. 
Similar analyses have been successful for the DB star GD 358 (Winget et al., 1991: Bradley & 
Winget, 1994) and for another PG 1159 star, PG 2131 (Reed, Kawaler, fe O'Brien, 2000). The 
work by Reed, Kawaler, & O'Brien (2000) provided an independent check of asteroseismological 
results using HST photometry, proving the method works. 
2.5.2 A Single Star, Viewed Over Several Seasons 
Unfortunately, stars like PG 1159 are the exception rather than the rule. Many of the 
pulsating white dwarfs have complicated pulsation patterns that come and go on timescales 
of days to years. Fortunately, pulsation theory demands that modes must appear at a limited 
set of frequencies; they cannot appear at just any frequency. If assembled over a period of 
years, it may be possible to make sense of the complex pattern and identify modes (Kleinman 
et al. 1998). Figure 2.5 shows how individual pulsation spectra from different times can be 
combined to present a well-defined pulsation spectrum. Kleinman et al. (1998) used this data 
to place limits on the mass and H layer thickness for the cool DA white dwarf G29-38. Similar 
techniques produced excellent results for the pulsating central star of NGC 1501 (Bond et al., 
1996). 
2.5.3 Using an Ensemble of Pulsators to Identify Pulsation Modes 
As rewarding as it is to reveal the innards of individual stars, it is important to understand 
the nature of an entire class of pulsators. In so doing, we can hope to understand stellar 
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Figure 2.4 A portion of the Fourier transform of PG 1159 data from the 
1989 WET campaign. (From Winget et al. 1991) 
evolution, one class at a time. In addition, individual stars may not have rich enough pulsation 
spectra to be useful on their own. By combining the spectra from many similar members of 
the class, correcting for their differences when possible, can produce a "group spectrum" of 
some use. This work was pioneered by Clemens (1994b) who used the hot ZZ Ceti stars to 
identify the pulsation modes present in the group. He inverted the problem to determine the 
properties of individual members. A summary figure is show in Figure 2.6 for his sample of hot 
DA pulsators. The combination spectrum show period grouping indicative of a fundamental 
similarity of structure of these stars. If sdB stars have a common underlying structure, then 
this method should reveal it. It will be attempted in Chapter 7. 
O'Brien (1998) used the group properties of pre-WDs to determine the driving region of 
pulsations, and studied a single member to shed some light on neutrino physics. 
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Figure 2.5 Pulsation spectra for G29-38 taken over the years, and summed 
at the bottom. Note: Linear combinations of modes have been 
removed. (From Kleinman et al. 1998). 
2.5.4 O-C 
In §2.2.5, I introduced the idea that pulsations can be useful indicators of evolution (man­
ifested as changes in structure) in stars. As stars fuse elements into larger ones, they change 
their mean molecular weight. Their structure must respond to this change. Likewise, stars that 
are not undergoing fusion, either just cooling (as in white dwarfs) or deriving their energy from 
contraction (T Tauri or red giant stars), are continually adjusting their structure to account 
for temperature or (core) radius changes. These changes are reflected in the pulsations. 
Just as changing the liquid level in a glass would change the tone when you tap it, stellar 
pulsations respond to structural changes due to stellar evolution. In white dwarfs, which are 
no longer fusing material, there are two dominant processes of structural change; cooling (since 
we can see them, they are radiating their energy off into space), which increases the degeneracy 
and contraction, which changes the radius (and thus density) of the star. 
Observations have confirmed these predictions in at least one case. Kepler et al (2000) 
began observing G117-B15A, a white dwarf star, in 1975. Over the last 25 years, some of the 
pulsation periods for G117-B15A have remained steady enough to allow a useful measurement 
of the rate of period change with time (^ or P). Their results indicate that the dominant, 215 
second pulsation mode is changing at a rate of (12.0±3.5) x 10-15ss~l; in good agreement with 
theory. By comparing the observed P to those predicted by models, they add an additional 
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constraint on the model. This allows them to constrain core composition as well as the overall 
mass of G117-B15A. In Chapter 6, we will use this technique to place limits on the evolutionary 
timescale of Feige 48. 
2.6 Conclusions 
In this section, I described the observational methods and interpretation tools of astero­
seismology that I use in my investigations of the sdBV stars. To review, this chapter: 
• Provided an overview of how data are obtained using photoelectric photometers. 
• Outlined the process of data reduction to produce light curves 
• Introduced the temporal spectrum. 
• Described the employment of multi site and extended timebase observations to minimize 
aliasing and increase frequency resolution. 
• Outlined pulsation theory and introduced radial modes and nonradial p- and g-modes. 
• Discussed the consequences of rotation, elemental stratification, and evolution on the 
temporal spectrum. 
• Described the calculation of detailed stellar models and their pulsation analysis for com­
parison with observation. 
• Showed the close contact between theory and observations: observable frequency and 
period spacings as indicators of pulsation mode and stellar properties. 
• Provided examples of successfully applying pulsation theory to observations to constrain 
the overall mass, mass composition layers, core densities, and evolution, which can also 
constrain radius and luminosity. 
The rest of this thesis will describe how I investigated sdB stars using the tools discussed 
in this chapter, and some new tools needed for these stars 
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CHAPTER 3. SUBDWARF B STARS AS BINARIES 
In this chapter, we will apply a perturbation to the tools of asteroseismology outlined in 
Chapter 2. We will examine the consequences of binarity on pulsations. Though concentrating 
on sdB stars, the procedures developed here can apply to any pair of stars with similar orbital 
parameters and pulsation periods. I begin with a review of the frequency and parameters of 
observed binary sdB stars. Section 3.2 simulates how the observed pulsations are affected by 
binary motion; Section 3.3 discusses special cases, such as eclipsing binaries or binaries where 
tidal forces affect the pulsation axis. 
3.1 Observed Subdwarf B Stars in Binaries 
3.1.1 Methods of Detecting Binary Stars. 
As mentioned in §1.2.2, sdB stars are commonly observed in binaries. These binaries are 
most often detected as composite spectrum binaries, spectroscopic binaries (i.e. radial velocity 
variations) and/or through infrared color excess. In this subsection we briefly review those 
three methods. 
Subdwarf B stars in composite spectrum binaries show not only the expected hot continuum 
and Baimer series, but quite often the calcium H and K lines. These latter lines are indicative 
of a cool companion as they involve metallic ionization states that cannot exist at temperatures 
common to sdB stars. Composite spectrum binaries do not provide the orbital period of the 
binary,  but  do indicate parameters  for  the companion star  (such as  T eff  and log g).  
Radial velocity variations, the hallmark of "spectroscopic binaries," show periodic Doppler 
shifting. Such binaries can be detected whether spectral lines are seen from the companion 
or not. Spectroscopic binaries are very useful as they provide the orbital period and velocity 
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(though the velocity is reduced by the sine of inclination of the orbit). Section 3.2.2 shows 
how we can use pulsations in sdB stars as a new variation on the "radial velocity" theme. 
The last method uses photometry (typically CCD). It is similar to the composite spectrum 
method in that it detects companions via their contribution to the radiated flux of the pair. 
For sdB stars, this is best done by comparing the observed flux in the blue to that in the 
infrared. Binaries show up as a "color excess" (typically to an excess of flux in the infrared) 
as compared to sdB stars with no companions, with the red excess coming form the later-type 
companion. Since all of the cases discussed here involve infrared imaging, we will refer to such 
binaries as infrared excess binaries. It should be noted that this method provides only the 
crudest of information (relative flux and color) for the companion. In fact, it does not even 
guarantee that the pair is a physical binary rather than a superposition of two line-of-sight 
stars. However, it is a much quicker and easier test to complete for a large number of stars 
(over which the number of pairs of a chance alignment drops appreciably). 
Another method deserves brief mention. In lucky instances, an sdB star may be in an 
eclipsing binary. Eclipsing binaries occur when the orbital plane of the stars lies along our 
line-of-sight and the observed flux is periodically diminished as one star passes in front of the 
other. To date only two binary sdB stars (HW Vir and PG 1336-018) have been detected via 
this method, which is why we will not include them here, but will briefly mention them as 
special cases in §3.3. One of them, PG 1336-018, is the subject of Chapter 8. 
3.1.2 Binary Frequency of Subdwarf B Stars 
One of the first searches for binary sdB stars was conducted by Ferguson, Green, Liebert, & 
Saffer (1984; who were actually looking for a different kind of binary). From their detection of 
24 composite-spectrum binaries, they inferred that ~35% of all sdB stars have main sequence 
companions between spectral types G8 and K5 (the stars to which their work was sensitive). 
O'Donoghue et al. (1999) determined that 4 of the first 9 pulsating sdB stars were composite 
spectrum binaries with F and G type main sequence companions. Their detections are what 
would be expected for observations of random sdB stars using the results from Ferguson, Green, 
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Liebert, & Saffer (1984) 
Maxted, Marsh, & North (2000) searched for short period spectroscopic binaries over a 
seven day period in 2000. They infer that 60±8% of sdB stars are in binaries with orbital peri­
ods less than ten days. However, none of their spectroscopic binaries were composite spectrum 
binaries, which means that the companions are not luminous compared to the primaries. Such 
companions are likely white dwarfs, but may also include some late-type main sequence stars. 
Green, Liebert, & Saffer (2000) have searched the largest sample sdB stars for radial velocity 
variations; they are also the only ones to have obtained data spanning multiple years (typically 
two). From their work, they find that ~20% of their sample are composite spectrum binaries, 
with radial velocity variations indicating orbital periods averaging 3-4 years. Another ~45% 
are short period spectroscopic binaries, but not composite-spectrum binaries. The number of 
short period binaries is in rough agreement with Maxted, Marsh, & North (2000). 
Ulla & Thejll (1998 and references therein) searched for infrared excess binaries using 4 
different filters. They determined that 44% of their sample (39 of 88 sdB stars) had main 
sequence companions with spectral types from A to early M. This number is in agreement 
with that of Ferguson, Green, & Liebert (1984), who had a slightly more selective sample. 
Using the Two Micron All Sky Survey (2MASS), Reed & Steining (in preparation) examined 
the most complete sample to date: 492 subdwarf B stars. From this sample1, we determine 
that 40=1=4% of sdB stars are infrared excess binaries with main sequence companions between 
late A and early M. This is in agreement with Ulla & Thejll (1998) and Ferguson, Green, & 
Liebert (1984). 
Four works clearly agree that ~40% of sdB stars have main sequence companions (Reed 
& Steining, in preparation; O'Donoghue et al. 1999; Ulla & Thejll, 1988; Ferguson, Green, & 
Liebert, 1984). However, none of these works can parameterize the distribution of the binary 
properties (i.e.. period or separation). The only work to address the orbital parameters of 
sdB+MS stars is Green, Liebert, & Saffer (2000) though they only detected ~20% of sdB+MS 
pairs. Still, Green, Liebert, & Saffer (2000) agree with the results of Maxted, Marsh, & North 
1 Detailed in Appendix A. 
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(2000) in that none of the short period spectroscopic binaries in their samples have main 
sequence companions between A and M. However, Jeffery &c Pollacco (2000) observed two 
pulsating sdB stars and noted that one of them (PB 8783) is a composite-spectrum binary 
showing possible radial velocity variations with a period between 0.9 and 3 days. This is the 
only known case of a main sequence star (early than M) in a short period binary. 
Based on the radial velocity completed to date, we conclude that ~60% of sdB stars are 
in short period binaries. From infrared observations (especially our work in Appendix A), we 
believe that ~40% are in binaries (probably longer period) with a main sequence companion. 
From this, we should expect that the vast majority (~100%) of sdB stars are in binaries. 
3.1.3 Theoretical Considerations 
With such a high binary frequency, the role of binarity in producing sdB stars has drawn 
interest of theorists. For example, Sandquist, Taam, &: Burkert (2000), using evolutionary 
models, evolved pairs of stars drawn from a distribution of masses and periods on the main 
sequence until the more evolved star reached the horizontal branch. They noted that for a 
range of companion mass and orbital separation, the horizontal branch star was an sdB star 
produced through enhanced mass loss while a common envelope binary. The post-common 
envelope sdB typically had a main sequence companion with a mass slightly less then our Sun 
(with a range from 0.5 - 2.3 M©) and a separation of 10 solar radii (with a range from 0.15 
to 35 Rq), having orbital periods between ~5 hours ~5 days. Thus they were able to produce 
sdB stars in short period binaries with main sequence companions. 
As part of their research, Green, Liebert, &: Saffer (2000) suggest two methods to produce 
sdB stars via binarity. The first would be to have a fairly wide initial orbital separation between 
two main sequence stars. As the more massive star evolved, it became a red giant. Just as it 
began burning helium in the core, it went through a period of extreme mass loss enhanced by 
its companion. What remained was an sdB+MS binary with a long period (on the order of 
a few years) orbit. In their second scenario, the stars start closer together and the red giant 
loses its envelope to the companion before helium fusion can occur and becomes a helium white 
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dwarf. When the companion becomes a red giant, it becomes a common-envelope binary with 
its helium white dwarf companion. This common-envelope binary is able to eject the envelope 
after core helium burning commences. The system is left with a sdB+WD in a short period 
binary. Green, Liebert & Saffer's (2000) scenarios are able to produce sdB stars either with 
main sequence companions in long period orbits, or with white dwarfs in short period orbits. 
Considering the high probability that an sdB star has a close companion (4 of the first 9 
pulsating sdB stars discovered are composite spectrum binaries), this section explores what 
happens to pulsations, as we observe them, of an sdB star in a binary. We now know that it is 
reasonable to assume that many sdB stars are in binaries. The effects examined here are just 
the consequence of orbital motion on our timing of the observed light variations. We do not 
address the physical effects of the companion, but will defer that to later in this thesis. 
3.2.1 Time Delay and Doppler Shift 
As stars orbit each other in a binary, they move around their common center of mass. If 
the inclination of the orbital axis to our line of sight i is not 0, then the star's distance from 
us will change. As the star's distance is changed, the time it takes for its light to reach us is 
changed. This time will increase (decrease) if the star is further away (closer) than the center 
of mass by the time it takes the light to cross the orbit, 
where c is the speed of light and R is the radius of the orbit. This is depicted in Figure 3.1, 
where points B and D are at the center of mass distance, point A is the closest the star 
approaches the observer, and point C the furthest away the star gets from the observer. 
Thus the time it will take any pulse of light to arrive will be 
3.2 Effects on Pulsation Due to Binarity 
tdclay — ^ ^ sin I (3.1) 
(3.2) 
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Line of Sight 
Figure 3.1 Depiction of one orbit in a binary system for an inclination of 
90° as viewed along the light of sight. At point A, the star is 
closest to the observer, at B, at the same distance as the center 
of mass and moving away from the line of sight, at C, furthest 
from the observer, and at D, at the same distance of the center 
of mass again, but moving toward the line of sight. 
where d is the distance from the observer to the center of mass, and 4>orb is an arbitrarily chosen 
orbital phase. Since the distance across the binary orbit is much smaller than the distance to 
the star from Earth, (any periodic signal being sent from such a star would have its arrival 
time varied by 
AT = tdelay sin + <f>orb) sinz. (3.3) 
To determine what this would do to pulsations, we simulated light curves by taking a 
sinusoidal variation of the form: 
AI 
—jr = 1 + Asin(27xtf + 0) , (3.4) 
and varying the arrival time of the signal by AT. This is depicted by a segment of a noiseless 
simulated Ught curve in the top panel of Figure 3.2. 
Of course what we really wish to know is how the delay time manifests itself in the temporal 
spectrum. The bottom panel of Figure 3.2 shows the temporal spectrum for six hours of noise-
free data; a portion of which is shown in the top panel. The input frequency was 5650 /iHz 
(177 seconds), but is not even the largest peak in the FT. This is an exaggerated example, with 
AT—2 minutes in a 30 minute binary, but illustrates the potential effect. For real binaries, the 
effect will be much more subtle, as we show in §3.2.3. 
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Frequency (yzHz) 
Figure 3.2 Top: One hour segment of a simulated, noiseless light curve. 
The star is closest to the observer, at B, at the center of mass, 
and at C, furthest from the observer. Bottom: Temporal spec­
trum (FT) of the complete (6 hour) simulated data set. Arrow 
indicates the input peak. Note: AT has been exaggerated to 
make the shifts more easily seen. 
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One feature that we can expect from such a binary is a discernible Doppler shift of the 
pulsation frequency. During each orbit, a star would spend roughly equal times moving toward, 
and then away from the line of sight. If the light curve is broken into segments with travel in 
the same direction (either toward or away from the observer), then we would expect the peak 
to be Doppler shifted by vra(i/c. To illustrate this, simulated light curves were calculated (again 
with exaggerated parameter). The simulated lightcurve included Ar=300 (a number an order 
of magnitude larger than we would expect to observe from these systems) in a 6 hour orbital 
period. Figure 3.3 shows the resultant temporal spectra. The Doppler shift is detectable in 
this noise-free simulation, but only when a single orbit is examined. When multiple orbits are 
combined, the peak in the temporal spectrum returns to the input frequency. This is because 
the pulsation phase is allowed to "reset" at the completion of each orbit. Thus we expect that 
this will not be a diagnostic for our data. 
3.2.2 O - C 
The light travel time across the orbit can also be recast as a periodic change in phase of 
a constant period variation (i.e. Equation 3.2). Thus the phase will change periodically on 
the O — C diagram. This is actually another way of detecting binaries; especially long period 
(multiple year) binaries for which we can get a good measure of phase as the duration of 
observing runs is much less than the orbital period. For low eccentricity orbits, binarity will 
introduce a sinusoidal variation on the phase of pulsations. Such a variation is detectable in the 
O — C diagrams described in §2.4.4 and shown in Figure 3.4. In the simulation depicted in the 
figure, the companion is a 1 solar mass star and the orbital period is 24 days. This method can 
even detect planets (within the restriction of §2.4.4), whose effect on the star would otherwise 
be too small to measure. 
3.2.3 Complicated Light Curves 
As shown in Figure 3.2, orbital motion can result in several peaks from a single pulsation 
frequency. Since the light travel time across the binary orbit is changing in a periodic manner, 
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Frequency 
Figure 3.3 Temporal spectra of different groupings of a simulated light 
curve for a star with a IIor6=6 hours and Ar=300 seconds. 
Top: FT of the complete 24 hour light curve. Middle: FT of 
one segment with the star moving away (i.e. near point B in 
Figure 3.1). Bottom: Segments of multiple orbits with the star 
moving away from the observer. 
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Figure 3.4 Simulated O — C diagram for an sdB pulsator in a 24 day binary 
with a IMq companion. Dots represent "observed" data points. 
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aliases can be produced separated from the real periods by the orbital frequency. As AT in­
creases, so does the orbital period. Since these aliases will appear separated from the pulsation 
frequency as 1/11^6, as 11^-6 increases, the separation between the real and the alias peaks 
diminishes. If the orbital period is much longer than the pulsation period, and exceeds the 
span of observations, then the aliases lie essentially atop the real pulsation and only a single 
peak is detected. An orbital period of 6 days produces a ±2//Hz alias; this requires a run of 
at least five to six days duration to resolve, depending on signal to noise and daily aliasing for 
single site data. 
For short orbital periods (i.e. hours to days), the temporal spectrum will be complicated 
because of the effects of orbital aliasing. Analytic analysis is possible for these cases, but this 
problem is well approached through numerical simulations. For the simulations, we assumed 
an sdB mass of 0.5M© and used a range of companion masses and separations based on model 
results from Ron Taam (private communication); derived for the work of Sandquist, Taam, & 
Burkert (2000) for theoretical means of producing sdB stars via common envelope evolution 
on the red giant branch. Figure 3.5 shows the masses and separations used for the simulations 
plotted over Taam's Monte Carlo results. The binary parameters resultant from the grid are 
provided in Table 3.1. Column 1 gives our grid number for later reference, columns 2 and 3 
provide the companion mass and orbital separation, respectively. Column 4 gives the separation 
between the input frequency and orbital aliases (1/11^) and the last column gives the light 
crossing time of the orbit (AT). Though motivated by Taam's results, this grid represents, in 
a generic way, the range of binary parameters for sdB stars. 
3.2.4 Temporal Spectra of Simulated Data 
We consider the case of high inclination to maximize the effect and simplify the discussion; 
due to geometric considerations (see Figure 2.3 or §6.1.2), at high inclinations the amplitude of 
the i = 1, m = 0 mode is greatly reduced, whereas the amplitudes of the I = 1, m = ±1 modes 
are maximized. For the relatively short orbital periods of interest, we also assume tidally locked 
synchronous rotation, so any rotationally split modes will appear close to these aliases (within 
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Figure 3.5 Companion parameters (filled circles) plotted over Monte Carlo 
model results for producing sdB stars through CE evolution. 
(Courtesy of Ron Taam.) 
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Table 3.1 Orbital parameters for simulated light curves. 
Case M% Q-se-p l/II orb t delay 
(M0) (*e) (^Hz) (Sec) 
1 0.8 3.0 38.7 8.6 
2 1.4 3.0 46.8 10.3 
3 1.9 3.0 52.6 11.0 
4 0.8 6.0 13.7 17.1 
5 1.4 6.0 16.6 20.5 
6 1.9 6.0 18.6 22.1 
7 0.8 10.0 6.4 28.6 
8 1.4 10.0 7.7 34.2 
9 1.9 10.0 8.7 36.8 
10 0.8 20.0 2.3 57.2 
Table 3.2 Grouping of data used in simulations. 
Group Run(s) 
I Single 7 hour run 
II 7 and 8 hour runs from single site on consecutive nights. 
III 7, 8, and 5 hours runs from single site on consecutive nights. 
IV 4 days of 2 sight data with ~15 hours of continuous coverage per day 
Multi-site data: From Xcov 18 
V 3 consecutive days with 94% coverage 
VI 4 consecutive days with 96% coverage 
VII 5 consecutive days with 97% coverage 
VIII Entire campaign: 16 consecutive days with ~85% coverage 
a few percent; see Equation 2.6). This can make an m = ±1 pair appear like a quintuplet 
(including the outer 2 orbital aliases) of each peak and a central peak (see Figure 3.6). 
For our simulations, we chose to use realistic sampling times from actual data, but simulated 
singly-periodic stellar oscillations including Poisson distributed noise appropriate for 1 meter 
class telescopes. Combination of runs used for sampling times are given in Table 3.2. 2 
As previously described, this effect will be most prominent for high inclinations (increasing 
AT) where it is difficult to detect M=0 modes. Therefore we simulated m = ±1 modes, centered 
near 175 seconds. The frequencies of the periodic signals (Equation 3.4) are 5714±l/nOT6/^HZ 
along with a reasonable splitting coefficient of 3% according to evolution models (refer to §2.3). 
"Specific runs for HL Tau76 available at http://wet.iitap.iastate.edu/xcovl8/datalog/index.html. 
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Figure 3.6 Schematic indicating where orbital aliases (dashed lines) will 
appear when m = +1 [m(4-l) = m(0) + ^^(1 — Cni)] and 
m = —I [m(—1) = m(0) — rf^(l — Cnt)\ modes (solid lines) are 
present. 
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The input amplitude of the simulations are 6 millimags, typical of amplitudes found in sdB 
pulsators. 
Figures 3.7 to 3.11 show the results of our simulations. As expected, if the orbital separation 
is too small (all the cases for asep = 3RQ and most cases for asep = 6 RQ ), tdeiay is small, so 
the phase is stable enough so that no discernible aliases appear. However, for the larger 
orbital separations {asep > 10RQ), there can be a significant effect. In Case 10, the aliases 
(dashed lines) from the two input frequencies (dotted lines) have added together to become 
a central peak with an amplitude larger than the real variation in the signal. This produces 
an observed quintuplet. In a traditional asteroseismological analysis, quintuplets would be 
considered evidence of an £=2 mode, where in fact this is only 2 modes (m=±l), which can 
be caused by any I > 1. 
Figures 3.7 to 3.11 also make it evident that the amount of data plays a key role. For 
Runs I - III, the daily aliases are so large that the orbital aliases have little or no observational 
impact. The effect is most prominent in the best overall coverage (Run VIII). 
3.2.5 Reducing Data with Orbital Aliasing 
To determine how our standard reduction procedure reacts to orbital effects, I reduced 
individual simulated runs using our standard procedure (as discussed in §2.1). Due to the 
periodic drift in phase, least squares (LSQ) fitting was seldom successful in recovering the input 
modes (see Figure 3.12 for an example). After prewhitening the first two input frequencies, 
peaks typically remained at the original amplitude, shifted by a couple of y.Hz. There were 
several cases (especially Case 10VIII) where, after removing the two real periods, there clearly 
remained a triplet or a quintuplet. 
With the presence (real or not) of triplets or quintuplets, the usual interpretation would 
be rotational splitting, which would then be used to identify I values. Unfortunately, there is 
no clear signature that points to a binarity-complicated pulsation spectrum. At best, we can 
conclude that if a pulsation spectrum is difficult to fit (using LSQ methods) and/or prewhiten, 
then binarity may be the cause, though intrinsic amplitude variations, frequency variations due 
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Figure 3.7 Fourier Transform of model light curves for cases 1, left, and 3, 
right, (asep = 3Rq, Mg=0.8 and 1.9MQ, respectively) as pro­
vided in Table 3.1, with numerals corresponding to data sam­
pling in Table 3.2 Dotted lines indicate real pulsation frequen­
cies while dashed lines indicate orbital aliases. 
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Figure 3.8 Fourier Transform of model light curves for cases 4, left, and 
6, right (asep = 6/2©, Mg=0.8 and 1.9MQ, respectively) as pro­
vided in Table 3.1, with numerals corresponding to data sam­
pling in Table 3.2. Dotted lines indicate real pulsation frequen­
cies while dashed lines indicate orbital aliases. 
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Figure 3.9 Fourier Transform of model light curves for cases 7, left and 9, 
right (asep = 10-RQ, M2=0.8 and 1.9M0, respectively) as pro­
vided in Table 3.1, with numerals corresponding to data sam­
pling in Table 3.2. Dotted lines indicate real pulsation frequen­
cies while dashed lines indicate orbital aliases. 
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Figure 3.10 Fourier Transform of model light curves of cases 7, left and 
10, right (M2=0.8MQ, asep=10 and 20/2©, respectively) as 
provided in Table 3.1, with numerals corresponding to data 
sampling in Table 3.2. Dotted lines indicate real pulsation 
frequencies while dashed lines indicate orbital aliases. 
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Figure 3.11 Data window functions for a single sine wave for data sampling 
according to Table 3.2. 
to beating periods, or other non-linear effects may also be responsible. Should a complicated 
pulsation spectrum be detected, investigations into the binary nature of the system may be 
the cure. 
3.2.6 Correcting the Lightcurve for Binarity 
To determine the orbital period and mass of the companion required to understand a 
temporal spectrum for a pulsator in a binary, we follow an iterative process, using whatever 
other information about the target that we have. Since we assume that the primary mass 
is very close to 0.5M©, the secondary mass and orbital period can be determined from the 
observed radial velocity variations. With these quantities, the projected light travel time (AT) 
across the orbit can be determined. The lightcurve can be corrected by removing a sine wave 
with amplitude Arsint, with the known orbital period. The orbital phase must coincide for 
the (arbitrarily set) zero point of the data. Figure 3.13 shows a lightcurve (Case 10VIII) before 
and after the lightcurve was corrected to account for the changing phase induced by the orbital 
light travel time. 
In this example, we assumed we knew the orbital period and size. In principal, if we have 
only limits, a multiparameter non-linear x2 minimization procedure could determine these 
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Figure 3.12 An example of complicated data reduction. Top: Temporal 
spectrum of original simulated data for Case 9 Group VIII. 
Bottom: The same data fit and prewhitened by the 2 high­
est amplitude peaks. (Note that the amplitude of one peak 
actually increases after prewhitening!) 
parameters. 
Table 3.3 summarizes the "geometric" effects and the regimes where they are detectable. In 
constructing this table, we assume a run of several weeks duration with nightly runs of many 
hours duration. For short period orbits (<1 week), the only observable effect are the orbital 
aliases. For medium period orbits (1 week < <1 month), a Doppler shift can be detected 
in the temporal spectrum (if the run happens to occur only when the star is moving towards 
or away from the observer), and the binary will be observable in the O — C diagram (for data 
taken over several orbits). For long period orbits (> 1 month but typically on the order of a 
year or  two) the Doppler  shif t  wil l  be detectable and the binary wil l  show up in the O — C.  
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Figure 3.13 Simulated data phase corrected. Top: Original (Case 10VIII) 
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Table 3.3 Effects of binarity on pulsation for binaries of various lengths. 
Effect Binary Type 
Short Period (<1 week) week - month Long Period (>1 month) 
Doppler Shift 
O - C  
Orbital Alias 
Not noticeable Yes Slower velocities, small shift 
No Yes Detectable 
Yes No No 
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3.3 Other Possible Manifestations of Binarity 
The previous section discussed complication in temporal spectra arising from stars being in 
close binaries. However, there are additional factors that can affect temporal spectra depending 
on the specifics of the orbital separation and companion mass. 
One of the most obvious signals revealing that two stars are orbiting each other are eclipses. 
As the fainter star is usually the companion to an sdB star, the sdB star will undergo periodic 
eclipses if the system is at high inclination. With the pulsation patterns changing in a knowable 
way, the pulsation amplitude can change through eclipse. 
If the orbital separation is small and the companion mass (relatively) large, tidal forces will 
also become important. In such a case, it is possible for the companion to distort the spherical 
shape of the pulsator. Such distortions can, in themselves, produce brightness variations at 
twice the orbital frequency. However, the pulsations themselves may be greatly affected. As 
described in §2.2, the pulsation axis generally is believed to align with the rotation axis (due 
to the Coriolis force). However, when tidal forces dominate the Coriolis force, it is possible 
that the pulsation axis may align itself with the tidal forces3. One consequence is that the 
pulsation axis will be perpendicular to the rotation axis, and actually precess as it follows the 
companion during each orbit. 
These cases are realized in one of the pulsating sdB stars that I studied; see Chapter 8. 
3.4 Conclusions 
In this Chapter, we explored circumstances under which binarity can affect pulsations. 
We also determined how binarity would affect the temporal spectrum and how to correct the 
lightcurves. These findings are listed below. 
e Reviewed methods for detecting binary stars. 
e Described previous searches for binarity amongst sdB stars. 
3In an analogous way to the roAp stars, which pulsate along the (inclined) magnetic axis (Baidry, Kurtz, & 
Bedding, 1998). 
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Determined that a significant fraction of sdB stars are in binaries, with orbital periods 
short enough to be of interest. 
Produced simulations to determine why Doppler shifts are commonly undetected in close 
binaries via pulsations. 
Described how binarity would show up (and be detected) in the O-C diagram. 
Examined temporal spectra for simulated light curves appropriate for sdB stars produced 
via common envelope evolution. 
Determined that binaries with orbital periods of several days were required before dis­
cernible aliases were observed in the temporal spectra. 
Provided a simple method for correcting for periodic phase shifts induced by binarity 
once the (not so simple) binary parameters are determined. 
Discussed other observational manifestations of binarity on pulsations which may be 
applicable only to a limited set of binaries. 
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CHAPTER 4. BACKGROUND AND OBSERVATIONS OF 
INDIVIDUAL STARS 
As we showed in Chapter 1, the class of sdB pulsators display a variety of properties. In this 
and the remaining chapters, I explore four stars in some detail. Table 4.1 lists their pulsation 
and physical characteristics. They represent stars that span the range of known pulsating 
stars; with periods as short as 94 seconds and as long as almost 600 seconds. I chose the sdBV 
stars with the highest amplitude modes (28 mma) and the lowest amplitude modes (largest 
peak has an amplitude of 2 mma). Two are apparently single stars, and two are binary stars; 
one with an F-type main sequence companion, probably in a long period binary, and one with 
a late M star in a short period binary. One is the coolest sdBV star, another the sdBV star 
with the lowest surface gravity (indicating that it is the most evolved sdBV star), and two that 
lie near the zero age extended horizontal branch. 
Figure 4.1 shows where the stars studied in this thesis fall on the HR diagram. In this 
chapter, we will introduce these four stars one at a time. For each star, we will review the 
available literature on their observed properties, outline the observations that we obtained, 
as well as data acquired by others that we re-analyzed, and provide temporal spectra with a 
list of matching periods. We defer further analysis and interpretation of these observations to 
Chapters 5 through 8. 
4.1 PB 8783 
PB 8783 was discovered by Berger & Fringant (1984) while searching for faint blue stars at 
high galactic latitudes. They remark that from their spectra, PB 8783 appears between sdB 
and HB stars and may be a composite spectrum binary. 
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Figure 4.1 HR diagram with errorbars indicated for the four stars discussed 
in this chapter as well as model evolutionary tracks. Square 
indicates probable location of PB 8783 as discussed in §4.1. 
Dotted line is the ZAEHB for a core mass of 0.470MQ and the 
dashed line is the ZAHeMS. 
Table 4.1 Properties of the four sdBV stars selected for study in this work; 
in order of increase log g. 
Star # of Period range Largest amplitude Binary log 9 Teff 
pulsations (sec) (mma) type (K) 
PG 1605 55+ 206-574 27.4 Single 5.25 32 300 
Feige 48 5 344-379 6.4 Single 5.5 29 500 
PG 1336 22 108-205 4.6 sdB+MS 5.7 33 000 
PB 8783 11 94-137 2.1 sdB+MS ~6.0 33 000 
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A low resolution (3.5Â) spectrum, obtained with multi color photometry by Koen et al. 
(1997) showed strong Balmer lines on a blue continuum as well as the Ca II K line. To fit these 
two discordant pieces of information, Koen et al. ( 1997) fit the spectrum as a composite of a 
hot star with a cooler companion. They determined that the sdB star has Teff=33 000K and 
the companion is a main sequence F star with Teff=7 000K. Assuming that the companion 
is a main sequence star, Koen et al. (1997) isolate the absolute magnitude of the sdB star, 
which matches previously determined values (Saffer et al., 1994), thus concluding that the 
pair is a physical binary. Also, from the relative fluxes they are able to determine (assuming 
an sdB mass of 0.5MQ) that RSDB=0.17±0.03R(5, RMS=1-4±0.1R©, the distance is 800±200 
pc and for the sdB star log <7=5.70±0.15. Later atmospheric analysis by O'Donoghue et al 
(1998) refined the surface gravity and effective temperature to log g=5.54 and TEFF=35 700 
K. However, it is suspected that log g for the sdB star has been underestimated due to the 
contribution to the Balmer lines from the companion and that PB 8783 likely has log g ~6.0 
(O'Donoghue et al., 1999), as indicated by the square in Figure 4.1; this is consistent with its 
pulsation periods (O'Donoghue et al., 1999). 
Jeffery & Pollacco (2000) obtained time resolved spectra over a 4 hour period and placed 
weak but surprising upper limit on the orbital period between 0.8 and 3.2 days via radial 
velocity variations. However, radial velocity data obtained by E.M. Green (2000: private com­
munication) suggest a period between one and two years. This discrepancy remains mysterious. 
PB 8783 was discovered to be a pulsating sdB star by Koen et al (1997). In their dis­
covery data, taken over an eleven day period, Koen et al (1997) detected six low amplitude 
periodicities between 120 and 135 seconds. It was the target of a multi-site campaign in 1996 
(O'Donoghue et al., 1998; who kindly provided their data for this analysis). Over a two week 
period, they collected data from five sites located around the globe. A light curve of their data 
is shown in Figure 4.2, and a temporal spectrum in Figure 4.3. Though the pulsations are 
all low amplitude (less than 3 mma), there are three, comparatively larger amplitude modes, 
with eight of lesser amplitude. This is typical of sdBV stars. The period, frequency, and 
amplitude of the eleven separate pulsations determined by O'Donoghue et al. (1998) are listed 
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in Table 4.2. 
Table 4.2 The 11 modes detected during the multi-site campaign. (From 
O'Donoghue et al., 1998) for PB 8783. 
Rank Per Freq Amp Rank Per Freq Amp 
n sec //Hz mma n sec /zHz mma 
9 136.27 7338.40 0.28 1 122.68 8151.63 2.09 
2 134.18 7452.52 1.78 6 122.66 8152.56 1.18 
7 134.15 7454.42 1.09 10 116.42 8589.72 0.27 
4 127.06 7870.32 1.62 11 94.45 10587.21 0.17 
5 123.58 8092.08 1.20 8 94.13 10623.24 0.38 
3 122.69 8150.68 1.65 
PB 8783 has the shortest pulsation period observed to date (94 seconds) and is also 
the sdBV star with the lowest amplitude pulsations. The multisite data, provided by D. 
O'Donoghue (private communication), will be analyzed in the next several chapters. 
4.2 PG 1605+072 
PG 1605+072 (hereafter PG 1605) was first observed as part of the Palomar Green survey 
(Green, Schmidt & Liebert, 1984), where it was classified as an sdB star. Low (3.5Â) and inter­
mediate (1-2Â) resolution spectra obtained by Koen et al. (1998a) determined that PG 1605 
has log g — 5.25 ±0.10 and Teff=32 100±1000 K. They also determine that any companion to 
PG 1605 must be later than M0. 
A high resolution (0.09Â) spectrum was obtained at the Keck 10 meter telescope by Heber, 
Reid, & Werner (1999). By simultaneously fitting the Balmer and He line profiles, they de­
termined that PG 1605 has log g = 5.25 ± 0.05, and Teff=32 300=1=300 K, in good agreement 
with Koen et al (1998a). They were also able to determine a projected rotational velocity of 
PG 1605 of u sin 2=39 km/s which implies a rotation period <8.7 hours. 
This makes PG 1605 the sdBV star with the lowest surface gravity, implying that it is 
the most evolved sdBV star to date. As show in Figure 4.1, the evolutionary model that best 
describes PG 1605 has ceased core helium burning, and is heading (eventually) to the white 
dwarf cooling track with helium burning in a shell. 
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Figure 4.2 Light curve for multisite campaign of O'Donoghue et al. (1998) 
for PB 8783. 
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71 
12 15 18 
UT hours 
21 0 3 6 9 12 
ce 
g 
C O 
3 
1 
1 1 1 1 1 1 1 1 ' I 1 1 ' 
w ; ' • .•wwn. '  ' : * i >  •  ;  
• r • i • -
' iLlflM* L' 1 ' ' 
* |^j 
MIÂMI : 
1^ 'J 
•w ' 
' i ' 1 i • ' 
IMIMII Jéé i T i ^ i 
(- i 1 . i l l  Ji  i  i h i i i i  
67 
68 
69 
70 
71 
72 
73 
74 
75 
76 
77 
78 
79 
80 
0.2 0.4 0.6 0.8 
fractional Julian Day 
Figure 4.4 Light curve of data obtained during the multi site campaign 
on PG 1605. Each panel represents one day with dates corre­
sponding to JD 245 0500+. (from Kilkenny et al. 1999) 
PG 1605 was discovered to be a pulsator by Koen et al. (1998a), who detected at least 20 
separate periodicities in their temporal spectrum with periods between 200 and 540 seconds 
and amplitudes up to 64 mma. This was sufficient motivation for Kilkenny et al. (1999) to 
obtain multi site photometry from 5 sites around the globe spanning 14 days (including nearly 
a month of data from one site)1. Figure 4.4 shows the coverage of the ~180 hours of data (43% 
duty cycle) obtained during the multi site run and Figure 4.5 is the corresponding temporal 
spectrum. 
Analysis by Kilkenny et al. (1999) reveal over 50 modes, the ten highest of which are given 
in Table 4.3. It is clear that the pulsations of PG 1605 span a large range of period. They are 
'Who also kindly provided their data for re-analysis in this thesis. 
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Figure 4.5 Fourier transform of multi site campaign data on PG 1605. Top 
panel is original temporal spectrum, while subsequent panels 
are prewhitened by 25, 35 and 55 periodicities, (from Kilkenny 
et al. 1999) 
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the longest periods detected in an sdBV star thus far, and are also the highest in amplitude. 
Table 4.3 The 10 largest amplitude modes of PG 1605 detected during the 
multi-site campaign. (From Kilkenny et al. 1999) 
Rank Per Freq Amp 
n sec /JHZ mmi 
Rank Per Freq Amp 
n sec ^Hz mmi 
5 528.70 1891.42 13.9 
8 503.70 1985.32 3.3 
1 481.75 2075.76 27.4 
9 479.42 2085.84 3.1 
3 475.82 2101.65 15.4 
2 475.454 2103.28 15.9 
6 440.51 2270.11 1.8 
4 364.60 2742.72 15.1 
7 351.46 2845.26 3.7 
10 250.43 3993.09 3.0 
In addition to the aforementioned data, we have obtained over 126 hours of follow up data 
spanning two more years. In 1999, data were obtained at Fick Observatory, McDonald Obser­
vatory, and S A AO as part of an extended two site (North America and South Africa) program. 
These data were supplemented by three data runs in August, 2000 from Fick Observatory. The 
specific runs are listed in Table 4.4 and will be discussed in Chapter 6. 
4.3 Feige 48 
Feige 48 was discovered as part of the Feige survey (Feige, 1958) and categorized as a "faint 
blue star''. It was re-categorized as an sdB star when it was observed as part of the Palomar-
Green survey (Green, Schmidt, & Liebert, 1984). In 1997, Koen et al (1998b) obtained low 
(3.5Â) and intermediate (1.2Â) resolution spectra of Feige 48 and determined log g=5.45±0.05 
and Teff=28 900±300 K. This makes Feige 48 the coolest sdBV star known to date. 
Heber, Reid & Werner (2000) also obtained a high resolution (0.09Â) spectrum of Feige 48 
using the Keck I 10 meter telescope. They deduce a slightly higher gravity and effective 
temperature of 5.5±0.05 and 29 500±300 K, respectively. These are close to the Koen et al. 
(1998b) values (2a difference)and should be more accurate given Heber, Reid, Warner's 
(2000) higher resolution and better signal-to-noise spectra. Heber, Reid & Werner (2000) also 
place a limit on the rotation rate of Feige 48 of v sini <5 km/s. None of the spectroscopic data 
show indications of binarity, and thus Feige 48 is presumed to be a single star. 
Five pulsation periods were detected in Feige 48 by Koen et al. (1998b) between 340 and 
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Table 4.4 Observations of PG 1605 
Run Length Date Observatory Run Length Date Observatory 
(Hours) UT (Hours) UT 
sa-vwl95 5.8 5.12.99 SAAO mdr0496 3.1 6.14.99 Fick 24" 
mdr041a 3.1 5.12.99 McD 0.9m mdr054 1.9 6.15.99 Fick 24" 
sa-vwl98 6.1 5.13.99 SAAO mdr055 3.0 6.15.99 Fick 24" 
mdr042 7.8 5.13.99 McD 0.9m mdr056 1.9 6.17.99 Fick 24" 
mdr043 7.7 5.14.99 McD 0.9m mdr057 3.9 6.17.99 Fick 24" 
sa-vw200 0.6 5.15.99 SAAO mdr058 2.0 6.18.99 Fick 24" 
mdr044 6.7 5.15.99 McD 0.9m mdr059 1.7 6.18.99 Fick 24" 
mdr045 2.6 5.16.99 McD 0.9m grrOOl 4.1 7.20.99 SAAO 
mdr046 8.3 5.17.99 McD 0.9m grr002 1.2 7.21.99 SAAO 
mdr047 7.7 5.18.99 McD 0.9m grr005 4.2 7.23.99 SAAO 
mdr048 2.8 5.19.99 McD 2.1m grr008 1.4 7.24.99 SAAO 
mdr050 5.1 5.20.99 McD 2.1m fvw209 1.8 7.28.99 SAAO 
mdr052 6.3 5.21.99 McD 2.1m fvw210 1.9 7.28.99 SAAO 
fmOOOl 2.2 5.23.99 SAAO fvw213 1.3 7.29.99 SAAO 
fm0002 1.6 5.24.99 SAAO fvw216 1.3 7.31.99 SAAO 
fm3 2.1 5.24.99 SAAO fvw219 2.9 8.1.99 SAAO 
fm4 2.5 5.24.99 SAAO mdrl24 3.5 8.1.00 Fick 24" 
mdr0494 0.8 6.14.99 Fick 24" mdrl27 3.0 8.3.00 Fick 24" 
mdr0495 0.9 6.14.99 Fick 24" mdrl29 1.3 8.5.00 Fick 24" 
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380 seconds with amplitudes between 1 and 7 mma. As the coolest sdBV star known to date, 
it was selected for follow up observations. 
I initiated a concerted effort to observe Feige 48 in November of 1998, with a complete list of 
observations provided in Table 4.5. During a three season program, I was able to obtain nearly 
300 hours of data, including 244 hours of single site data (mostly from Fick and McDonald 
observatories) and 52 hours of multi-site data acquired during Xcov 212. Including the ~30 
hours of data from Koen et al. (1998), we have data from January, 1998 (the 1997 Koen et al. 
(1998) data runs were short and not used in our analysis) through April, 2001. 
Due to large monthly and annual gaps between observing runs, it was necessary to analyze 
the data in separate, relatively contiguous subgroups. The dates for the subgroups are given 
in Table 4.6, the temporal spectra for the groups are plotted in Figure 4.6, and the frequencies 
determined for several subgroups in Table 4.7. 
Though several of the periods are the same in various data sets, it is obvious that some 
of them differ by a daily alias. Group III comprises the best data set and was therefore our 
beginning point. Figure 4.7 shows the temporal spectrum and window for Group III data. 
Frequencies and amplitudes were determined using the least squares (LSQ) method described 
in §2.1 for the data in Group III. Data from temporally adjacent groups were added one at a 
time and frequencies and amplitudes were determined again using the previous frequencies and 
amplitudes as inputs to the LSQ fitting. The "bootstrap" method continued until a satisfactory 
fit was determined for all the data. Over such a long data set, one has to be concerned with 
monthly or yearly aliases present in the data. In this case, these are dealt with the same as 
daily aliases, by checking to see the LSQ fit did not skip over to the next highest peak in the 
temporal spectrum comprised of the runs in question. Though there is still a chance that some 
modes may be off by an alias, the periods, frequencies and amplitudes in Table 4.8 represent 
our best solution. 
2 A complete list of collaborators can be found in Reed et al., 2001. 
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Table 4.5 Observations of Feige 48 
Run Length Date Observatory Run Length Date Observatory 
(Hrs) UT (Hrs) UT 
mdr006 2.2 11.22.98 McDonald 0.9m mdrllS 3.3 3.5.00 Fick 24" 
mdr009 2.6 11.23.98 McDonald 0.9m mdrll9 3.8 5.4.00 Fick 24" 
mdr012 2.6 11.24.98 McDonald 0.9m mdrl20 6.0 5.5.00 Fick 24" 
mdr017 2.8 11.26.98 McDonald 0.9m suh-101 6.0 11.2.00 Suhora 0.6m 
mdr018 6.0 3.06.99 McDonald 2.1m suh-102 2.9 11.3.00 Suhora 0.6m 
mdr021 5.5 3.09.99 McDonald .lm suh-103 1.4 11.5.00 Suhora 0.6m 
mdr023 4.1 3.10.99 McDonald 2.1m suh-104 9.7 11.5.00 Suhora 0.6m 
mdr24a 6.0 3.11.99 McDonald 2.1m suh-105 4.6 11.7.00 Suhora 0.6m 
mdr29a 8.7 3.15.99 McDonald 2.1m suh-106 3.2 11.8.00 Suhora 0.6m 
mdr030 1.5 3.17.99 McDonald 0.9m jxj-125 2.5 11.26.00 BAO 0.85m 
mdr033 2.0 3.19.99 McDonald 0.9m jxj-128 3.2 11.27.00 BAO 0.85m 
mdr035 6.0 3.20.99 McDonald 0.9m suh-107 8.8 12.21.00 Suhora 0.6 m 
mdr039 5.3 3.23.99 McDonald 0.9m suh-108 3.4 12.22.00 Suhora 0.6 m 
caf48rlr2 7.5 4.12.99 Calar Alto 1.2m mdrl45 8.0 1.18.01 Fick 24" 
suh-75 1.7 4.13.99 Suhora 0.6m mdrl46 8.2 1.20.01 Fick 24" 
caf48r3 9.3 4.13.99 Calar Alto 1.2m mdrl47 3.6 1.21.01 Fick 24" 
mdr091 4.0 12.10.99 Fick 24" mdrl48 9.2 1.22.01 Fick 24" 
mdr093 6.2 12.13.99 Fick 24" mdrl49 9.5 1.24.01 Fick 24" 
mdr095 2.4 12.14.99 Fick 24" mdrl50 9.2 1.25.01 Fick 24" 
mdr096 4.9 12.16.99 Fick 24" mdrlSl 7.3 2.1.01 Fick 24" 
mdr098 2.1 2.8.00 McDonald 0.9m asm-0086 4.4 4.19.01 McDonald 0. 9m 
mdrlOO 1.3 2.8.00 McDonald 0.9m sara0082-6 3.7 4.21.01 SARA 0.9m 
mdrl03 4.6 2.10.00 McDonald 0.9m tkw-0065 7.3 4.22.01 McDonald 0 .9 
mdrlOS 2.7 2.12.00 McDonald 2.1m sara0086-6 6.8 4.24.01 SARA 0. 9m 
mdrllO 1.0 2.12.00 McDonald 2.1m IAC80A08 0.8 4.25.01 Teide 0.8m 
mdrlll 3.3 2.28.00 Fick 24" sara0088-6 7.0 4.25.01 SARA 0.9m 
mdrll2 3.7 3.1.00 Fick 24" IAC80A09 6.1 4.26.01 Teide 0.8m 
mdrll3 4.0 3.2.00 Fick 24" sara0089-6 5.4 4.26.01 SARA 0.9m 
mdrll4 1.5 3.3.00 Fick 24" suh-102 3.9 4.29.01 Suhora 0.6m 
mdrllS 6.3 3.4.00 Fick 24" suh-103 0.6 4.30.01 Suhora 0.6m 
mdrllG 2.6 3.4.00 Fick 24" suh-104 0.1 4.30.01 Suhora 0.6m 
mdrl!7 6.0 3.5.00 Fick 24" IAC80A17 6.1 4.30.01 Teide 0.8m 
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Table 4.6 Subgroups used in pulsation analysis for Feige 48. 
Group Inclusive dates. JD2450571+ 
I 1/28/98 - 2/1/98 0-274 
II 11/22/98 - 11/26/98 566-570 
III 3/6/99 - 4/13/99 672-710 
IV 12/10/99 - 12/16/99 950-956 
V 2/8/00 - 3/5/00 1010-1037 
VI 5/04/00 - 5/05/00 1097-1098 
VII 11/02/00 - 12/22/00 1277-1328 
VIII 1/18/01 - 2/1/01 1354-1368 
IX 4/19/01 - 4/30/01 1447-1458 
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Figure 4.6 Temporal spectra of Feige 48 for the groups provided in Ta­
ble 4.6. 
78 
Table 4.7 Comparison of frequencies (in /zHz) detected in various runs for 
Feige 48. Formal LSQ errors are provided in parentheses. 
Group fi fi fz A h — 
III 2641.978(13) 2837.534(11) 2850.833(4) 2877.157(3) 2906.275(4) 
I 2636.96(15) 2850.53(4) 2874.40(23) 2877.31(5) 2917.70(7)* 
II 2648.04(24) 2827.16(9)* 2865.63(9)* 2894.74(9)* 
V 2849.208(8)* 2851.365(3) 2877.154(4) 2917.913(7)* 
'Indicates modes offset by approximately the daily alias (11.56 ^Hz). 
Table 4.8 Best solution using all the data for Feige 48. Formal LSQ errors 
in parenthesis. 
No. Period Frequency Amplitude 
(sec) (/zHz) (mma) 
/i 378.50293(6) 2641.98750110(35) 1.17(6) 
h 352.40988(4) 2837.60489893(33) 1.27(6) 
h 350.77481(2) 2850.83203154(7) 6.15(6) 
h 347.56503(1) 2877.15939843(7) 6.40(6) 
/5 344.08276(1) 2906.27758187(10) 4.32(6) 
4.4 PG 1336-018 
PG 1336-018 (hereafter PG 1336) was classified an sdB star in the Palomar-Green survey 
(Green, Schmidt, & Liebert, 1984). Photometric observations discovered that PG 1336 was an 
eclipsing binary with an orbital period of 2.4 hours (Kilkenny et al., 1998). PG 1336 is not a 
composite spectrum binary, but is a spectroscopic binary with a velocity amplitude of 73±3 
km • s-1. From Balmer line fitting, Kilkenny et al., (1998) determined that the sdB star in 
PG 1336 (hereafter called the primary) has log g = 5.7 ±0.1 and TEFF=33 000±1000 K. Radial 
velocity variations determined (assuming the mass of the primary to be 0.5MQ ) the mass of the 
secondary to be 0.15M®; thus the companion is most likely an M5 main sequence star. Eclipse 
light curve analysis shows that the primary and secondary are of nearly equal size (0.19 and 
0.205 R© respectively), but the secondary is quite cool (~3 000 K) compared to the primary, 
so contributes little to the integrated flux3. 
PG 1336 represents an sdBV star of average log g and Teff, but in a short period binary. The 
3Since LocT4, the companion to PG 1336 should contribute 1/10 000 as much light as the sdBV primary 
star. 
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Figure 4.7 Top panel: Temporal spectrum of Group III data of Feige 48. 
Middle panel: Same spectrum prewhitened by 5 frequencies 
listed in Table 4.8 (indicated by arrows). Bottom panel: Data 
window. 
formation of such short period binaries requires that the stars have been through a common 
envelope phase. When the primary went through its red giant stage, the secondary was inside 
of its radius, so they shared the envelope mass between them. This makes the timescale for 
circularization of the orbit and tidal locking very short, on the order of a couple decades 
(Kilkenny, Marang, & Menzies 1994). 
PG1336-018 was discovered to be a pulsating sdB star by Kilkenny et al. (1998), who report 
detecting two separate pulsations around 5440 and 7080 /iHz. The pulsation amplitudes are 
~10 and ~5 mma respectively with other lower amplitude pulsations indicated in the temporal 
spectrum. A portion of a lightcurve is shown in Figure 4.8 with obvious features of interest 
in this binary including primary and secondary eclipses, a strong reflection effect, and the 
Time (hours) 
Figure 4.8 A sample portion of the lightcurve for PG 1336 showing pri­
mary and secondary eclipses as well as the reflection effect and 
pulsation. 
pulsations themselves. 
4.4.1 Xcov 17 Observations 
PG 1336 was the co-primary target (along with BPM 37093) for the WET campaign Xcov 
17, held in April 1999 (the original PI, Dave Kilkenny, was kind enough share PI responsibility 
with me). In addition to the WET campaign, pre-WET data were obtained over a 15 day 
period from McDonald Observatory in March, and a run was obtained from the Nordic Optical 
Telescope on May 2, 1999. Since there were two primary targets for this WET run, some thin 
spots in coverage occurred. Due to a lack of sites between McDonald Observatory (Texas) 
and B.A.O (China) in longitude, a 3 hour coverage gap appeared in every 24 hour cycle. This 
gap would normally have been covered by Siding Spring and Mount John observatories, but 
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these sites were dedicated to the southern primary target. During the 14 day period of Xcov 
17, 172 hours of coverage were obtained, representing a duty cycle of % 47%. Including the 
pre-WET observations, we obtained 206 hours of coverage, or an overall duty cycle of ~ 43% 
(for a complete list of data runs, see Reed et al., 2000). Though many hours of data were 
collected during the WET run, the longest continuous coverage was only 14 hours. 
Data acquisition and reduction followed the procedures outlined §2.1 with the following 
modification: Due to a strong reflection effect, and an eclipse (primary or secondary) every 1.2 
hours, the program that converts data timings to barycentric timings was modified by Darragh 
O'Donoghue to remove eclipses, based on the ephemeris of Kilkenny et al. (1998), and fit 2 
sinusoids to remove the reflection effect. Corrected light curves for Xcov 17 data are shown in 
Figure 4.9 while the light curves for the pre and post-Xcov 17 runs are shown in Figure 4.10. 
The temporal spectrum is provided in Figure 4.11 along with the data window. As the 
window shows, the temporal spectrum is complicated by daily aliases (11.6/xHz from each peak) 
and by aliases from the eclipse extraction (114.58^tHz from each peak). Twelve periods in the 
temporal spectrum were fit using the LSQ techniques described in §2.1, with four additional 
periods found by visual inspection of the temporal spectrum. Table 4.9 provides a complete 
list of periods and amplitudes as reported in Reed et al. (2000). 
4.4.2 Xcov 21 Observations 
After some tantalizing results from Xcov 17 (see Chapter 8), PG 1336 was again observed 
from April 16 to May 3, 2001 as the primary target for Xcov 21. In this case, the data 
were optimized to extract and analyze pulsations during primary eclipse. By using shorter 
integration times on larger telescopes, we were able to better remove the eclipse shape while 
maintaining high signal-to-noise, as will be shown in Chapter 8. 
The data runs are listed in Table 4.10 while the reduced lightcurves are shown in Figure 4.12. 
As can be seen in the figure, the coverage for Xcov 21 was far superior to that of Xcov 17, 
with ~440 hours of data representing a duty cycle of ~62% for the main part of the run (April 
17-30). 
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Figure 4.9 Light curve for data obtained during Xcov 17 
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Figure 4.10 Light curve for pre and post-WET (Xcov 17) data 
The data were reduced as previously described. The temporal spectrum of the data is 
shown in Figure 4.13 and the frequencies fit with LSQ and prewhitened are given in Table 4.11. 
Pulsations previously detected in Xcov 17 are considered identical to those determined during 
Xcov 21 if their frequencies were the same to within their LSQ errors, and are labeled the same 
as in Table 4.9. New frequencies detected in Xcov 21 are indicated as gn; where n=l is the 
shortest period mode not detected in the Xcov 17 data. The frequencies are very similar to 
those seen in Xcov 17 with the notable exception of the 5958 (j,Hz mode. This mode is of interest 
because it is exactly twice the orbital frequency higher than another large amplitude mode, 
/1. Several new, low amplitude modes were also detected in this data set as a consequence of 
it being superior to the Xcov 17 data set. 
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Figure 4.11 The temporal spectrum for Xcov 17 on PG 1336 with the 
eclipses removed. Inset is the spectral window with the or­
bital aliases indicated. 
4.5 Conclusion 
This section introduced four stars that were studied in this thesis. We have reviewed the 
observations, lightcurves and temporal spectra for the four stars. All of these stars have been 
the target of multi site campaigns (though Feige 48 was a tertiary target for Xcov 21, and 
as such, did not receive much attention) and we feel that the pulsations extracted from the 
temporal spectra represent a sufficiently secure analysis with which we can now explore their 
physical properties. 
We will briefly summarize the properties of the four stars and their data that make them 
worthy of this thesis. 
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Figure 4.12 Light curve for data obtained during Xcov 21 
86 
4500 5000 5500 6000 6500 
6 ~ 
4 
2 
6500 
Window 
7000 7500 
Frequency (/zHz) 
8000 8500 
Figure 4.13 Temporal spectrum of Xcov 21 data for the lightcurves in Fig­
ure 4.12. Inset is the data window with the orbital aliases 
indicated. 
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Table 4.9 Period list for PG 1336 from Xcov 17 (Formal LSQ errors are in 
parentheses). 
Mode Period Frequency Amplitude Notes 
(sec) (jxHz) (mma) 
/I 186.24146(7) 5369.374(2) 3.655(7) 1 
/2 185.45663(14) 5392.096(4) 2.437(7) 1 
/3 184.05275(20) 5433.225(8) 1.315(6) 2, 3 
/4 183.97798(17) 5435.433(5) 2.093(7) 1 
/ 5 183.67796(19) 5444.311(6) 2.076(7) 2, 3 
/6 181.63(2) 5505.5(6) 0.842(15) 4 
/ 7 179.03049(9) 5585.641(3) 4.085(7) 1 
/8 173.6923(13) 5757.302(2) 4.790(7) 1 
19 173.58926(18) 5760.725(6) 1.643(7) 1 
f 10 169.7361(57) 5891.5(2) 1.24(3) 4 
/II 141.42079(20) 7071.110(1) 1.027(6) 1 
/12 140.67685(30) 7108.49(2) 0.680(6) 1 
/13 131.57953(40) 7599.97(2) 0.439(6) 1 
/14 126.8874(16) 7881.0(1) 0.55(1) 4 
/15 125.8099(31) 7948.5(2) 0.57(2) 4 
1) Fit using least squares program and effectively prewhitened. 
2) Fit using least squares program, but ambiguous prewhitening. 
3) Period lies on top of an alias but amplitude is significantly 
higher than alias. 
4) Not fit with least squares program. 
PB 8783: 
• Pulsating sdB star near the ZAEHB with an F-type main sequence companion; probably 
in a long period orbit. 
• The target of a 5 site campaign in 1996 which resolved the temporal spectrum. 
• Eleven pulsations detected between 94 and 137 seconds. 
• Largest amplitude mode detected is only ~2 mma, making PB 8783 the lowest amplitude 
sdBV star known. 
• At 94 seconds, PB 8783 has the shortest period pulsations detected to date. 
PG 1605: 
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Table 4.10 Observations of PG 1336 from Xcov 21. 
Run Length Date Observatory Run Length Date Observatory 
(Hrs) (UT) 
IAC80A01 6.6 4.14.01 IAC 0.8m sjk-0413 9.4 4.22.01 Hawaii 0.6m 
asm-0083 7.5 4.15.01 McD 0.9m luap23a 4.0 4.23.01 Itajuba 1.6m 
adg-0500 6.1 4.15.01 Lemmon 1.5m tkw-0067 1.6 4.23.01 McD 2.1m 
IAC80A02 6.0 4.15.01 IAC 0.8m sjk-0414 9.3 4.23.01 Hawaii 0.6m 
asm-0084 7.7 4.16.01 McD 0.9m ap2301ql 3.4 4.23.01 Stromlo 1.9m 
adg-0501 6.9 4.16.01 Lemmon 1.5m sara0084-6 5.4 4.23.01 SARA 0.9m 
wet01-01 3.3 4.16.01 Naini Tal 1.0m tkw-0069 2.1 4.24.01 McD 2.1m 
IAC80A03 7.5 4.16.01 IAC 0.8m luap24a 2.2 4.24.01 Itajuba 1.6m 
asm-0085 5.1 4.17.01 McD 0.9m mdrl65 5.7 4.24.01 CTIO 1.5m 
adg-0502 4.2 4.17.01 Lemmon 1.5m tkw0070a 4.6 4.24.01 McD 2.1m 
adg-0503 3.1 4.17.01 Lemmon 1.5m luap25a 3.2 4.24.01 Itajuba 1.6m 
saraOOSOS1 6.6 4.17.01 SARA 0.9m NOT-kd24a 3.9 4.24.01 NOT 2.6m 
sjk-0407 5.0 4.17.01 Hawaii 0.6m ap2401ql 3.1 4.24.01 Stromlo 1.9m 
sa-mkl30 6.5 4.17.01 S A AO 1.0m iac80a06 5.2 4.24.01 IAC 0.8m 
IAC80A04 7.6 4.17.01 IAC 0.8m jxj-0140 5.4 4.24.01 BAO 0.85m 
apl701ql 0.4 4.17.01 Stromlo 1.9m sara0087-7 1.5 4.24.01 SARA 0.9m 
apl701q2 2.5 4.17.01 Stromlo 1.9m jxj-0139 4.0 4.25.01 BAO 0.85m 
apl701q3 2.5 4.17.01 Stromlo 1.9m mdrl68 2.9 4.25.01 CTIO 1.5m 
loiano-0417-1 2.9 4.17.01 Loiano 1.52m gebOOOl 3.5 4.25.01 McD 2.1m 
loiano-0417-2 2.9 4.17.01 Loiano 1.52m suh-100 4.7 4.25.01 Suhora 0.6m 
pg0417ol 4.8 4.17.01 OHP 1.93m NOT-kd25a 4.0 4.25.01 NOT 2.6m 
sjk-0408 4.7 4.18.01 Hawaii 0.6m lu-ap26a 3.0 4.25.01 Itajuba 1.6m 
mdrl52 7.9 4.18.01 CTIO 1.5m mdrl71 7.3 4.26.01 CTIO 1.5m 
objOl 3.7 4.18.01 Itajuba 1.6m notkd26a 1.4 4.26.01 NOT 2.6m 
adg-0504 5.2 4.18.01 Lemmon 1.5m notkd26b 2.8 4.26.01 NOT 2.6m 
pg0418oh 4.7 4.18.01 OHP 1.93m ap2601ql 7.3 4.26.01 Stromlo 1.9m 
lo0418 6.5 4.18.01 Loiano 1.52m ap2601q2 0.3 4.26.01 Stromlo 1.9m 
mdrl54 7.2 4.19.01 CTIO 1.5m sara0090-6 1.2 4.26.01 SARA 0.9m 
lo0419 4.6 4.19.01 Loiano 1.52m lu-ap27a 2.7 4.27.01 Itajuba 1.6m 
lucOl 2.1 4.19.01 Itajuba 1.6m mdrl74 7.4 4.27.01 CTIO 1.5m 
luc02 0.6 4.19.01 Itajuba 1.6m IAC80A10 1.5 4.27.01 IAC 0.8m 
sa-mkl34 6.7 4.19.01 S A AO 1.0m IAC80A11 2.4 4.27.01 IAC 0.8m 
sjk-0409 9.1 4.19.01 Hawaii 0.6m suh-101 6.3 4.27.01 Suhora 0.6m 
turkeyOl 4.2 4.19.01 Tubitak 1.5m mdrl77 6.3 4.28.01 CTIO 1.5m 
mdrl56 5.0 4.20.01 CTIO 1.5m IAC80A12 5.2 4.28.01 IAC 0.8m 
mdrl57 1.2 4.20.01 CTIO 1.5m iac80al3 8.7 4.28.01 IAC 0.8m 
Iuc01-ap20 2.1 4.20.01 Itajuba 1.6m geb0003 8.3 4.28.01 McD 2.1m 
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Table 4.10 (Continued) 
Run Length Date Observatory Run Length Date Observatory 
(Hrs) (UT) 
lo0420a 2.1 4.20.01 Loiano 1.52m IAC80A14 1.7 4.29.01 IAC 0.8m 
pg0420oj 4.8 4.20.01 OHP 1.93m IAC80A15 1.9 4.29.01 IAC 0.8m 
sjk-0410 9.1 4.20.01 Hawaii 0.6m eddarOl 2.5 4.29.01 Moletai 1.6m 
luc01-21 2.0 4.21 .01 Itajuba 1.6m geb-0004 2.2 4.29.01 McD 2.1m 
mdrl59 6.8 4.21.01 CTIO 1.5m geb-0005 2.2 4.29.01 McD 2.1m 
sjk-0411 7.0 4.21.01 Hawaii 0.6m xgh-0483 4.0 4.29.01 S A AO 1.9m 
pg0421oh 4.2 4.21.01 OHP 1.93m iac80al6 7.8 4.29.01 IAC 0.8m 
mdrl62 4.7 4.22.01 CTIO 1.5m notkd30a 1.9 4.30.01 NOT 2.6m 
lu-ap22 6.5 4.22.01 Itajuba 1.6m notkd30b 4.3 4.30.01 NOT 2.6m 
ap2201ql 3.9 4.22.01 Stromlo 1.9m geb-0006 6.0 5.01.01 McD 2.1m 
lo0422 1.7 4.22.01 Loiano 1.52m notkeOla 3.2 5.01.01 NOT 2.6m 
IAC80A05 7.1 4.22.01 IAC 0.8m 
• Most evolved sdBV star discovered to date. 
• Not a spectroscopic, composite-spectrum, or photometric binary, with a limit on any 
companion later than MO. This appears to be a single star. 
• The target of a 5 site campaign in 1997, spanning nearly a month of single site data 
which resolved the temporal spectrum. 
• Over 55 separate pulsations detected between 206 and 574 seconds, making PG 1605 the 
richest sdBV star detected to date. 
• PG 1605 has the longest period pulsations of any sdBV star detected to date. 
• PG 1605 has the largest amplitude pulsations detected in an sdBV star to date. 
Feige 48: 
• Coolest sdBV star discovered to date. 
• Not a spectroscopic, composite-spectrum, or photometric binary. Feige 48 appears to be 
a single star. 
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Table 4.11 Period List for PG 1336 from Xcov 21. Formal LSQ errors in 
parenthesis.(/ denote modes also detected in Xcov 17 data, g 
denotes modes observed only in Xcov 21.) 
Mode Period Frequency Amplitude 
(sec) (MHZ) (mma) 
91 204.70410(80) 4885.100(19) 0.79(4) 
<72 195.65236(107) 5111.106(28) 0.54(4) 
<73 191.60600(71) 5219.043(19) 0.79(4) 
94 186.69102(62) 5356.444(18) 0.88(4) 
/I 186.24173(14) 5369.366(4) 4.60(5) 
/ 2 185.44533(37) 5392.425(11) 1.46(4) 
185.21156(51) 5399.231(15) 1.04(4) 
/ 3 184.05231(43) 5433.238(13) 1.25(4) 
/4 183.97876(37) 5435.410(11) 1.44(4) 
/5 183.67847(32) 5444.296(9) 1.83(4) 
181.58026(61) 5507.207(19) 0.83(4) 
/7 179.03017(16) 5585.651(5) 3.64(4) 
97 178.61920(25) 5598.502(8) 2.35(5) 
/8 173.69290(7) 5757.288(2) 7.20(4) 
/9 173.58807(33) 5760.764(11) 1.57(4) 
/10 169.73700(56) 5891.467(19) 0.78(4) 
98 169.02914(52) 5916.140(18) 0.85(4) 
99 162.23607(100) 6163.857(38) 0.40(4) 
/H 141.41908(40) 7071.182(20) 0.77(4) 
/12 140.68283(59) 7108.188(30) 0.51(4) 
glO 140.66499(30) 7109.089(15) 1.13(4) 
9ll 134.93613(51) 7410.914(28) 0.55(4) 
/13 131.56981(52) 7600.528(30) 0.50(4) 
912 126.92213(55) 7878.847(34) 0.44(4) 
/15 125.80743(49) 7948.657(31) 0.49(4) 
913 119.70439(29) 8353.912(20) 0.75(4) 
914 108.45930(18) 9220.048(15) 1.00(4) 
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• Observed over a three year period including some multi site data obtained during Xcov 
21 in April, 2001. 
• Five pulsation frequencies are detected in the temporal spectrum between 344 and 379 
seconds with amplitudes between 1 and 7 mma. 
PG 1336: 
• Pulsating star of average log g and Teff in a short period (2.4 hour) eclipsing binary with 
a late-type (~M5) main sequence secondary. 
• Secondary is substantially cooler than the primary, so contributes little to the integrated 
flux. 
• Light curve shows primary and secondary eclipses as well as a strong reflection effect and 
obvious pulsations. 
• Presumed tidally locked system, providing a known rotation period. 
• Was the target of two WET runs (Xcov 17 and 21) in April, 1999 and April, 2001, both 
of which resolved the temporal spectrum. 
• Pulsates in at least 22 modes between 108 and 205 seconds with amplitudes between 0.4 
and 7.2 mma. 
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CHAPTER 5. PATTERN ANALYSIS 
Chapter 4 introduced the four stars that will be analyzed in the rest of this thesis. It 
described the observations and provided a list of pulsation periods observed in each star. 
We now apply the first of the tools described in §2.4, pattern matching techniques, to the 
observed pulsation periods. This technique uses the pulsation periods, or frequencies, and 
their separations to identify pulsation modes (i.e. p- or g-modes and the quantum numbers i 
and n). The identification of pulsation modes serves as a contact point between observations 
and theory. We calculate a range of evolutionary models that match the physical characteristics 
(log g and Te(f) of the star. Once modes are identified, we select the most appropriate model 
by comparing the model frequencies, given the mode constraints to the frequencies identified 
in the observations. In this manner, we can determine the best match stellar model, and 
therefore, the structure of the sdB star. 
We address the stars in the same order as they were introduced. We begin with PB 8783, 
the sdBV star that likely has the largest surface gravity, and is in a binary with an F-type main 
sequence star. We first examine its temporal spectrum for equally spaced modes, then apply 
what we modeled in §3.2.4 to look for the signature of binarity on PB 8783's pulsations. This 
is a good case for detecting effects of binarity on pulsations if the binary period is under one 
week (as claimed by Jeffery & Pollacco, 2000) as it has the most massive companion detected 
to date (with a light crossing time [tdelay] midway between cases 7 and 10 in §3.2.4). 
PB 1605 is an apparently single sdBV star. It does not appear to be a composite spectrum 
or photometric binary (Koen et al, 1998a; Heber, Reid, & Werner, 1999). However, it is 
the sdBV star with the lowest log g and longest pulsation periods (both correlated with the 
density of the star). Also, it is the first sdBV star to have preliminary mode identifications 
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made (Kawaler 1999). 
Feige 48 is another sdBV star that is apparently single based on spectroscopic measurements 
(Heber, Reid, & Werner, 2000). Feige 48 is the coolest sdBV star detected to date, with log 
g (and pulsation periods) intermediate between PG 1605 and the majority of the class (which 
has log g closer to the ZAEHB). Prior to this study, Feige 48 only had limited discovery data 
(Koen et al, 1998b). In this chapter, we will examine the periods determined from our extensive 
observations. 
PG 1336 is our sdBV star in a short period binary (Kilkenny et al. 1998). It is also the 
star for which we have the most observations. PG 1336 has been observed during two WET 
campaigns recording over 650 hours of data. Each campaign has revealed a rich temporal 
spectrum. In section 4, we will examine those spectra, searching in particular for evenly 
spaced pulsations as a means of mode identification. 
5.1 PB8783 
As described in §2.2.3, rotation can split a nonradial mode into its (21+1) components 
evenly spaced in frequency; indicating the t value of the pulsation if all m modes are present. 
We first examine the frequency separations between observed modes and look for patterns. The 
"splittings" or distances between each mode in the temporal spectrum are given in Table 5.1 
(in both seconds and /iHz). 
The data show splittings in two groups. There is a triplet near 122 seconds in period. 
The two spacings on the triplet are ~0.94//Hz. If this is an 1=1 triplet, then the splitting 
implies a rotation period of 12.3 days. However from the 14 day run, the data have a 1/T 
resolution of 0.8/iHz (with an LSQ uncertainty of 0.1/iHz) so the triplet is barely resolved. 
This is also little longer than the 12 day beat period. We note that two other modes are 
separated by 2x0.95=1.9/tHz; perhaps being a triplet with a missing central peak Additionally, 
O'Donoghue et al. (1998) hint that there is significant leftover power in the temporal spectrum. 
Since PB 8783 has such low amplitudes, it makes it impossible to identify any modes past the 
11 provided in Table 4.2 with the current data. Though it is possible that there are other 
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Table 5.1 Separations of the 11 modes in Table 4.2 for PB 8783. 
Rank Per Freq Amp An A/ 
n sec /zHz mma sec H Hz 
9 136.27 7338.40 0.28 
2.09 114.12 
2 134.18 7452.52 1.78 
0.03 1.9 
7 134.15 7454.42 1.09 
7.09 415.9 
4 127.06 7870.32 1.62 
3.48 221.76 
5 123.58 8092.08 1.20 
0.89 58.60 
3 122.69 8150.68 1.65 
0.01 0.95 
1 122.68 8151.63 2.09 
0.02 0.93 
6 122.66 8152.56 1.18 
6.24 437.16 
10 116.42 8589.72 0.27 
21.97 1997.49 
11 94.45 10587.21 0.17 
0.32 36.03 
8 94.13 10623.24 0.38 
multiplets in PB 8783, it will require a longer multi site campaign (to resolve the pulsations) 
with larger telescopes (to increase the signal-to-noise of the data). 
5.1.1 Complications Due to Binarity 
As mentioned in §4.1, Jeffery & Pollacco (2000) obtained high-speed spectroscopy of PB 8783 
(1998) and provide an upper limit to the binary period of 0.8 - 3.7 days, depending on inclina­
tion. If true, this would imply orbital aliases due to delays in pulsation phases (see §3.2.4) at 
separations of between 23 and 4/zHz. No such splittings are observed. However, since PB 8783 
represents the best (and to this point only) candidate for observational manifestations of bi­
narity in the temporal spectrum due to phase delay, we decided to dig deeper in the data of 
O'Donoghue et al. (1998). If we assume the highest possible inclination without an eclipse 
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(~ 80°) then the Jeffery and Pollacco (2000) upper limit to the orbital period of 3.2 to 3.7 
days with a secondary mass of 1.8 to 1.2M@ (as derived from the depth of the Ca absorp­
tion lines in the composite spectrum) produces an orbital light crossing time of 63 and 56 
seconds respectively (for i = 80°). Using the multi-site data, we created two sets of artificial 
lightcurves for the highest amplitude modes. We considered a single mode and a rotationally 
split doublet. For each, we applied the orbital constraints above. The process of producing 
simulated lightcurves proceeded as in §3.2.4: the data timings were taken from the actual data 
while the periodic signals (AI/I) were derived from Equation 3.4, with Poisson distributed 
noise appropriate for the 1 meter class telescopes used. We produced simulated lightcurves for 
a single peak centered at 8151 /jHz and for simulated m = ±1 modes at 8151 =t ( 1 /ITot-6 ) 
Figure 5.1 shows the Fourier transforms of the resulting simulations. The top panel shows 
the spectral window, the middle two panels show simulated data (for a single mode, and 
for rotationally split m = ±1 modes), and the bottom panel is the FT of the data from 
O'Donoghue et al. (1998). For the panels showing the simulations, the left plot is for one 
extreme, Mi = 1.8M©, Pori=3.2d while the right plot is for the other, M? = 1.2MQ, Por<,=3.7d. 
The data look nothing like these simulations, suggesting that the assumed orbital period is not 
within a range to which the data are sensitive (between 1 and 12 days). 
From our simulations, we can conclude that either the inclination is small (meaning a 
shorter period if the velocity variations of Jeffery and Pollacco [2000] are correct) or the period 
is significantly longer. If the period is shorter, than the light travel time across the orbit 
will be reduced (tdeiay from Equation 3.1), so the phase lag (At from Equation 3.3) will not 
produce noticeable extra peaks in the temporal spectrum. If the period is longer (as indicated 
by data from E.M. Green; private communication) then it is consistent with the evolutionary 
description by Green, Liebert, & Saffer (2000; described in §3.1.3) and again, there will be no 
observed orbital aliases in the temporal spectrum. 
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Figure 5.1 Comparison of simulated data to observed data for PB 8783. 
Top Panel: Unperturbed data window. Middle Panels: Sim­
ulated data as labeled. (Dashed line indicates position of ob­
served pulsation frequency.) Bottom Panel: Observed temporal 
spectrum (from O'Donoghue et al., 1998). 
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Table 5.2 Comparison between Model and Observed modes in PG 1605. 
(From Kawaler, 1999). 
Period [s] Mode 
Star Model n t m 
528.7 531.3 
481.8 482.8 
440.5 442.3 
475.8 471.8 
364.6 364.2 
7 1 +1 
7 1 0 
7 1 -1 
13 2 0 
4 1 0 
5.2 PG1605 
PG 1605 has the lowest log g of any sdBV star to date; the low log g. coupled to the 
Teff, means it is the most evolved sdBV star. In such an evolved state, the stellar radius is 
relatively large and stratification is greater than on the ZAEHB. This structure is ideal for 
trapping modes (see §2.2.4), not through a composition transition, but through the natural 
density gradient. Assuming that PG 1605 has such trapped modes, resulting in a mixture of 
p and g modes, Kawaler (1999) was able to match all five high-amplitude modes as listed in 
Table 5.2. 
Kawaler's (1999) best-fit model has a mass of 0.4740MQ, an H shell of 0.004MQ, Teff = 
31,500%, log g = 5.33, and a radius of 0.157R©, all within agreement of spectroscopic results 
(Heber, Reid & Werner, 1999). However, to match the observed pulsations, PG 1605 must 
have a fairly high rotation velocity (130 km/s unprojected). This rapid rotation was confirmed 
by Heber, Reid, & Werner (1999) who measured v sin i of 39 km/s, making PG 1605 one of 
the fastest rotating sdB stars seen. An inclination of 17° is needed to be consistent with the 
observed splitting. The relative amplitudes of the m=0 (27.4 mma) and m = ±1 modes (13.9 
and 1.8 mma respectively) are consistent with a relatively low inclination. At such an angle, 
m 0 modes are affected by geometric cancellation (see Figure 2.3 or §8.2), but not knowing 
the intrinsic amplitudes means that this does not rule out Kawaler's (1999) model. Another 
pulsation (364.6 seconds) is identified by Kawaler (1999) as an £=1, m=0 mode. Assuming 
that Kawaler (1999) is correct and the corresponding m = ±1 modes exist in the star, there 
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should be pulsations detected around 341 and 391 seconds. In fact, there are pulsations at 
339.82 and 391.25 seconds (Kilkenny et al. 1999); very close to where they should be based on 
Kawaler's (1999) model, though they are of comparatively low amplitude (1.1 and 1.3 mma 
respectively). 
5.3 Feige 48 
Feige 48 shows five distinct pulsation modes in its temporal spectrum. There is a group of 
four modes near 350 seconds and a single mode at 378.5 seconds. The three shortest period 
modes also have the highest amplitudes, over three times higher than the two longer period 
modes. 
Keck spectra obtained by Heber, Reid & Werner (2000), limit the rotation velocity of 
Feige 48 to v sin i < 5 km/s. We can limit the rotational splitting if we assume i = 90°, v < 5 
km/s, and R = 0.15/2© (Feige 48 has already left the ZAHB, so is probably at least twice that 
size). These parameters give a rotation period of 1.5 days and a frequency splitting of 8pHz.. 
This is close to a splitting observed in the data of 13 //Hz (fz — /2 = 13.3). There are also two 
other, nearly equal splittings of — fz = 26.3, and /5 — /4 = 29.1/2Hz in the data. To make 
these larger splittings match the constraints on rotation velocity (v sini < 5 km/s), we could 
reduce the angle i. 
The most obvious assumption (based on §2.2.3) is that fz, f$, and /s is a rotationally split 
triplet with £=1, m=-1.0,+l. Another choice is £2, with either m=-2,0,+2 or m=-1,0,-1-1. 
Since fz — fi = 13.3 ~ 26.3/2, we could also assume that /%, fz, and /t are three parts of a 
quintuplet (1=2 mode). Allowing all of these I and m combinations, we searched models of 
appropriate log g and Teff for a match to the observed periods. 
We found only one model that fit any of these possibilities and was in the error box for log 
g and Teff. Small changes in the age of this model produce substantial changes in the model 
pulsation periods, destroying the fit to the observations. Likewise, a change in envelope layer 
thickness quickly ruined the fit to the observed pulsation periods. A comparison between the 
observed and best-fit model periods is shown in Table 5.3 while Table 5.4 compares the physical 
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Table 5.3 Comparison of observed pulsation periods with best-fit evolu­
tionary model of appropriate Tegr and log g for Feige 48. 
A / Frequency Period (sec) Model 
Number /zHz //Hz Star Model n I m 
1 
195.61 
2641.99 378.5 
2 
13.23 
2837.60 352.4 352.3 0 0 0 
3 
26.33 
2850.83 350.8 350.9 1 1 -1 
4 
29.12 
2877.16 347.6 347.4 1 1 0 
5 2906.28 344.1 344.3 1 1 +1 
parameters to those observed. In fact this model fits surprisingly well: the model periods are 
within 0.2 seconds of those observed, we fit 4 of the 5 observed modes, the model temperature 
agrees to within 150 K, and log g agrees to within 0.02 of the measured values, well within 
the errors. The model does not explain one mode. It's possible this mode is a higher order £ 
value (which we are not looking for, nor expecting to see), or a trapped mode (which is not 
expected from our model). 
Our model has a rotational splitting of 27.7/tHz which implies a period of 0.4178 days (10.0 
hours). With a radius of 0.198R©, this model would have an equatorial rotation velocity of 
24 km • s-1. To match the constraints of Heber, Reid, & Werner (2000) requires i = 12°. If 
we use the value determined by Heber, Reid, & Werner (2000) for only the unblended spectral 
lines in Feige 48 of v sin i < 10km • s-1, our inclination limit increases to i < 25°. 
Another solution would be to fit a model with one of the other configurations described 
above; namely assume the observed pulsations are a subset of an 1=2 quintuplet. However 
none of our evolutionary models, within the physical constraints of log g and Teff came close 
to matching the 1=2 mode for any combination of m (i.e. none had an 1=2 mode between 344 
and 352 seconds). 
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Table 5.4 Comparison of observed stellar parameters with models for 
Feige 48. 
Mass He shell mass Teff log g 
Spectroscopy 29500 ± 300K 5.50 ± 0.05 
Model 0.4725 0.0025 29635 5.518 
5.4 PG1336 
The original goal of observing PG 1336 with the WET (Xcovl?) was to identify pulsation 
modes by finding rotationally split non-radial modes in the temporal spectrum. We know 
where in frequency to look for such modes because it is assumed that PG 1336 is tidally locked 
in synchronous rotation with its companion. However, as is evident in Figures 4.11 and 4.13, 
because of the reduction procedure, gaps are produced in the data due to the eclipses which 
create aliases separated from the true pulsations by half integer multiples of the orbital period. 
It is important to understand how the modes would separate themselves from these aliases. 
Typical splitting coefficients (Cn<), derived from evolutionary models, for low order modes 
typical for sdBV stars range from 3% to <0.08%. It would take ~3.4 days to resolve splittings 
with Cn£ of 3% from the orbital alias and over 126 days to resolve splittings with Cni <0.08%. 
For small splitting coefficients, this makes it extremely difficult to separate real, rotationally 
split modes from aliases caused by the extracted eclipses. We refer back to our "rule of thumb" 
given in §2.1.3: "never trust a peak that resides on another peak's alias, unless there is a very 
compelling reason to do so. " In this case, that compelling reason is that we expect to see real 
pulsations at the same place as the orbital aliases. Still, we will not completely trust these 
reductions unless those peaks are sufficiently larger in amplitude than we expect the orbital 
alias to be. 
From Table 4.11, we note that PG 1336 is observed to pulsate in at least 22 modes. With 
so many observed modes in such a small frequency domain, it would be easy to create a model 
that matches four or five random modes (especially allowing for m = ±1 modes from the 
model) and claim success. However, that model would probably not represent a unique fit to 
the real star. 
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Table 5.5 Comparison of Model to Observations in PG 1336. 
Period [s] Mode 
log g 5.7 ± 0.1 
Teff 33,000±1000 31,200 
Observed Model 
5.726 186.2 185.9 182.2 
179.0 178.5 
173.7 174.3 
Star Model m 
5.4.1 Xcov 17 
Out of the 15 modes observed in the Xcov 17 data, the most likely rotationally split modes 
are /1-/7, where the amplitudes are sufficiently large to rule out aliasing and the splitting 
is far enough away from half the orbital period (~13/*Hz) that it is unlikely to be an orbital 
alias. We begin by assuming that the three largest amplitude modes are real (they are the 
most obvious modes in the temporal spectrum), that /1 and /7 are rotationally split m = ± 1 
modes, and that /8 is a radial mode, as it shows no splitting. Then the goal is simplified: 
Create a model that has a non-radial mode (m = 0) centered between /2 and /7 (at 182.6 
seconds) and a radial mode at /8 and simultaneously match (to within 2a) the log g and Teff 
constraints. 
The model that most closely matched these constraints is given in Table 5.5. To match our 
pulsation criteria, the model is outside the 1er error in Teff. Another flaw is that the non-radial 
mode that matches our observations is an £=2 mode, for which (as will be shown in section 
6.1.2) the m = ±1 splittings should not be observed outside of eclipse at an inclination of 81°. 
Fortunately, PG 1336 is a unique system that may allow another means of mode identification 
as will be discussed in Chapter 8. 
5.4.2 Xcov 21 
Analysis of the temporal spectrum determined from the Xcov 21 data reveals complications 
that we did not recognize from Xcov 17. We now believe PG 1336's pulsation axis may be 
aligned toward its companion and therefore changing its orientation with respect to us. This 
will be explored further in Chapter 8. 
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Table 5.6 Observed periods (from Xcov21) of PG 1336 split by an integer 
number of rotation frequencies. 
Modes split by ~l/or6 
Modes Af-114.59 fcenter 
u H z  //Hz 
f 2 , g 6  0.19±0.02 NA 
Modes split by ~2forb 
Modes Af-229.17 fcenter 
-3.16±0.03 4998.10 
<73,/5 -3.92±0.02 5376.67 
<74,/7 0.04±0.02 5471.03 
/1,/7 -12.89=1=0.01 5477.51 
/1,97 -0.03±0.01 5483.96 
Modes split by ~3/or6 
Modes Af-343.77 fcenter 
/13,/15 4.36±0.04 ~7715 or ~7830 
Modes split by ~4forb 
Modes Af-458.36 fcenter 
/3,/10 -0.13=1=0.02 5662.46 
Since we found several additional pulsation frequencies in the Xcov 21 data that we did 
not in the Xcov 17 data, we again looked for those spaced at integer numbers of the orbital 
frequency. Table 5.6 lists 7 such frequency pairs. Column 1 lists the pairs from Table 4.11. 
Column 2 provides the difference between the orbital splitting and the splitting observed, while 
column 3 lists possible centers (m=0) for the splittings. Splittings of 3-4 for(, are not expected 
from simple nonradial pulsation theory; their origin will be explained in Chapter 8. 
5.5 Conclusion 
In this chapter, we applied a standard tool of asteroseismology to the sdBV stars in this 
thesis Our results will be summarized on a star by star basis. 
PB 8783 
• The data for PB 8783 shows tantalizing evidence for rotationally splitting despite very 
small pulsation amplitudes. PB 8783 needs to be observed with larger telescopes to 
increase the signal to noise and reduce the noise in the temporal spectrum. 
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• PB 8783 hints to a rotation period of 12.3 days, but a longer data set is required (see 
above point concerning data quality) to resolve other rotationally split modes in the 
temporal spectrum. 
• Although PB 8783 has the most massive companion detected so far. the temporal spec­
trum does not show signs of orbital effects. This challenges the admittedly weak upper 
limit to an orbital period as described by Jeffery & Pollacco (2000). Such an orbital 
period (unless at a very low inclination) would be detected in the temporal spectrum of 
O'Donoghue et al. (1998). 
PG 1605 
• We reviewed the model fit by Kawaler (1999) and noticed that two other modes in the 
temporal spectrum fit his model. 
• Kawaler's (1999) model predicts a rotation velocity of 130 km • s-1. With v sin z = 
39km • s~l from Heber, Reid, &: Werner (1999), this indicates an inclination, i = 17°. 
Feige 48 
• Of the 5 pulsation modes detected, two appear split by ~ 13/iHz and three are split by 
~ 27/zHz. 
• Our model fits the pulsations to better than 0.2 seconds for all but one low amplitude 
mode. 
• The model is nearly a perfect match for measured values of log g and Teff-
• Constraints on rotation velocity by Heber, Reid, &: Werner (2000) would require an 
inclination of i = 12° (or 25° using vsini < 10km • s~l from the unblended lines). 
PG 1336 
• Using only the 3 highest amplitude modes, a model was fit to the data. 
• Unfortunately, the model would require observing modes that are not likely to be observed 
at the known inclination of8l°. 
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• PG 1336 presents a rich and complex temporal spectrum that requires new tools for 
analysis. Those tools will be developed and applied in Chapter 8. 
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CHAPTER 6. STABILITY AND EVOLUTION OF PULSATIONS 
In Chapter 5, we applied pattern matching techniques to the pulsation periods listed in 
Chapter 4. In this chapter, we apply a second tool (described in §2.4.4 with an example in 
§2.5.4), O — C analysis. This technique examines the phases of pulsations as a means to 
constrain evolutionary changes in the star or detect binary companions. To determine the 
phases and amplitudes for the observed pulsations as a function of time, we first reduce the 
data as described in Chapter 2 to find the best period using all of the available data. Then 
using the best period as a fixed parameter, the phases and amplitudes for subsets of the entire 
data set are determined using LSQ. As described in §2.4.4, for this method to be successful, it 
is important to have long lived (temporally stable) modes that are sufficiently separated from 
neighboring peaks to allow unambiguous phase determination in relatively short subsets of the 
data. 
If a star meets the above criteria, then it is observed over many seasons [perhaps even 
decades (Kepler et al 2000), though no stars in this thesis have yet been observed for so long]. 
Typically many adjacent runs are combined together to increase the accuracy of the phase, 
and the phases are plotted in the O — C diagram. Linear trends are removed (such trends 
are due to small errors in the period determination) and the phases are fit to determine what 
changes (if any) have occurred over the duration of the observations. Phase differences are 
then compared to evolutionary changes in models (which provide the theoretical value for 
evolutionary changes). 
We follow the same order as the last two chapters in that we begin with PB 8783; the 
subject of a multisite campaign in 1996. We analyze the multisite campaign in search of stable 
modes for the possibility of following PB 8783 over several seasons. Additionally, since PB 8783 
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is a known binary, we will examine the data for signs of the binary period. 
Next we examine data acquired for PG 1605. We have both the multisite campaign and 
two seasons of follow-up observations. Since PG 1605 is the most evolved sdBV star, it is also 
the most likely to show signs of evolutionary changes in its O — C diagram. 
For Feige 48, we have obtained nearly 3 years of observations from which to assemble an 
O — C diagram. Feige 48 is the coolest sdBV star and lies midway between PG 1605 and the 
majority of the class in log g. As such, we expect that Feige 48 is also an excellent candidate 
to examine for evolutionary changes as it is nearing the end of the core helium burning phase. 
PG 1336 is typical of sdBV stars in Teff and log g. but with a close M-type companion. 
The orbital light crossing time is estimated at <2 seconds, which will put a limit on the 
accuracy possible in the O — C diagram. We will examine differences between the two multisite 
campaigns. 
6.1 PB8783 
Eleven different pulsation periods were detected in PB 8783 by O'Donoghue et al. (1998) 
spanning a range of 43 seconds (from 94 to 137 seconds). The largest amplitude modes span 12 
seconds in period. Within this range, there are two modes that are reasonably well separated, 
the 127.06 (7870.32) and 123.58 (8092.08) second (/zHz) periods (frequencies). Their separation 
of ~220^Hz mean that they can be resolved in a single night (1.5 hours). However, as noted by 
O'Donoghue et al. (1998), there is considerable amplitude variability in PB 8783. Therefore 
we must first determine if modes exist that are stable enough. 
We processed the data of O'Donoghue et al. (1998) as outlined in Chapter 2. We applied 
our least squares fitting (LSQ) program to the 7 highest amplitude pulsations detected. Our 
results are displayed in Figure 6.1. Though PB 8783 has variable amplitude modes, it is clear 
in Figure 6.1 that the two well separated modes, /4 and /5, appear to be stable in amplitude. 
As expected, it is impossible to resolve each member of the observed 122 second triplet (/3, 
/1, and /6) within the multisite campaign and errors dominate the calculated amplitude. 
We calculated the phases for the 7 highest amplitude modes. Our results are shown in 
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Figure 6.1 The amplitudes of the 4 best resolved modes (as labeled accord­
ing to Table 4.2) for each day during the multisite campaign on 
PB 8783. Note that the top and bottom panes have different 
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Figure 6.2 The phases of the 4 best resolved modes (as labeled accord­
ing to Table 4.2) for each day during the multisite campaign 
on PB 8783. Note that top and bottom panels have different 
ordinants. 
Figure 6.2 and again show that /4 and /5 are stable modes. The length of the entire run (14 
days) just covers one beat period (12 days) of the three modes, so the /1, /3, /6 triplet is 
just barely resolved and their individual phases and amplitudes are not well determined for 
the shorter chunks of data. 
Some of the modes in PB 8783 meet the requirements outlined at the beginning of the 
c hapter; it is in a known binary, which may introduce a periodic signal in the O — C. If the 
orbital period is less than a few days (which seems doubtful after Chapter 5's conclusions), then 
it will create an additionally uncertainty in each phase point. If the period is longer than a few 
months, then O — C measurements are actually a good way to determine the orbital period, but 
over a longer period of time than spanned by these observations. Additionally, since PB 8783 
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has the largest log g if any sdBV star to date, it is expected that it is close to the ZAHeMS, so 
it will be one of the slowest evolving. Models suggest a time scale for period change of ~ 108 
years. With this value for P/P, equation 2.13 tells us that an accumulated phase change of 10 
seconds will take nearly 4 years. Given the importance of such a measurement, a concerted 
effort would be worthwhile. 
Given the data already in hand, we can address the question of short period binarity. 
Figure 6.3 shows the O — C values for the two stable modes in the top two panels. The 
two modes appear to have trends in opposite directions. Since all modes should be affected 
in the same way by orbital effects, we averaged the two modes together (adding the errors in 
quadrature) as shown in the bottom panel by the errorbars. Obviously, the simplest conclusion 
is that our results are consistent with no change in phase over the nine day period of this data. 
We use this to place some limits on companions to PB 8783 at orbital periods between 1 and 
12 days The maximum orbital light crossing time allowed by the data is a mere 10 seconds at 
the 1 cr level. This eliminates at the 5a level the 57 seconds required to match the parameters 
of Jeffery & Pollacco (2000) for a three day orbit. This clearly rules out a binary orbit at the 
long end (i.e. ~3 days) of the constraints of Jeffery & Pollacco (2000), in good agreement with 
what we found in Chapter 5. As the inclination increases, the constraints imposed by Jeffery 
& Pollacco (2000) move to shorter orbital period. For an orbital period of 1.5 days (the short 
period blue curve in the bottom panel of Figure 6.3), the inclination would need to be less 
than 23° for the F-type companion to fit within our constraints. This is consistent with Jeffery 
& Pollacco (2000), as an upper limit. Our data also rule out any periods longer than three 
days, and up to 12 days for the F-type companion (at high inclinations). The red curve in the 
bottom panel of Figure 6.3 is the best fit for a 3 week orbital period and follows the natural 
trend of the data. 
6.2 PG1605 
PG 1605 is the senior citizen of the pulsating sdB stars. Evolutionary models indicate that 
core He burning has ceased and helium burning is now proceeding through a shell; a phase 
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which is predicted to last only ~ 107 years (Saffer et al. 1994). During shell helium burning, 
PG 1605 is expanding as the core heats up and He burning proceeds closer to the surface. 
In the spring of 1999,1 initiated a project with Dave Kilkenny at SAAO to monitor PG 1605 
over several seasons to search for phase changes in its dominant modes. Table 4.4 listed the 
observations we obtained over the 1999 and 2000 observing seasons. I was able to obtain 
over 81 hours of data between Pick and McDonald observatories while Dave Kilkenny (with 
collaborators at SAAO) obtained 41 hours of data from South Africa. Including the multisite 
campaign and discovery data (kindly provided by Chris Koen and Darragh O'Donoghue), we 
have data spanning over four years. 
From evolutionary models, we expect that the P/P will be 3 • 10-los-1 for radial modes. 
Over the 4.3 years of data we have, this P would result in a phase change of 28 seconds for a 
364 second mode. This provides a lower limit to the expected P as trapped modes (which is 
the case in PG 1605) can be more sensitive to changes in radius (Kawaler & Bradley, 1994). 
To look for small changes in phase, the mode amplitude must be stable. Figure 6.4 shows 
the evolution of two regions of power over the duration of our data The left panel shows the 
main region of power, which switches from 2075 to 2102 //Hz during this interval. We were 
unable to use this highest amplitude region because the mode density is high and obvious 
amplitude modulation occurred throughout our data set. The right panel shows a region near 
the mode at 2742 ^Hz. This is the fourth highest amplitude mode and seems separated from 
all but the lowest amplitude modes, making it favorable for our phase analysis. This mode 
appears to be stable, although the amplitude starts to diminish in the JD 2451757-62 data set 
(Group VI). 
In determining the pulsation phases for different groups, the data for each group are com­
bined. For PG 1605, our combined data sets are listed in Table 6.1. A least squares solution is 
determined for the amplitude and phase of each observed pulsation period listed in Table 4.3 
for each group in Table 6.1 (with the frequency fixed at the best value for the entire data set). 
The results of the LSQ fit are plotted in Figure 6.5. The top panel shows our O  —  C  
results while the bottom panel indicates the pulsation amplitude determined at each phase 
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Table 6.1 Groupings used for phase calculations of PG 1605. Note that 
the multisite data contains subgroups used in Figure 6.4. 
Group Inclusive dates JD 2450000+ 
I Discovery data (1996) 195-334 
II Multi-site run (1997) 547-581 
Ha 547-558 
lib 566-575 
He 576-581 
III 5/12-5/24, 1999 1310-1323 
IV 6/14-6/18, 1999 1342-1347 
V 7/20-8/1, 1999 1379-1391 
VI 8/1-8/5, 2000 1757-1762 
Table 6.2 Least squares determined frequencies, in /zHz, near 2742/xHz by 
year for PG 1605. Amplitudes (in mma) are in parenthesis. 
fi fi h Year JD 2450000+ 
2742.895 (13.9) 2751.274 (7.1) 1996 195-334 
2742.665 (16.4) 2742.340 (8.1) 2754.039 (4.8) 1997 547-581 
2742.617 (13.4) 2754.932 (7.6) 1999 1310-1391 
2743.086 (6.6) 2000 1757-1762 
point for the 2742^tHz mode.. The phase zero point is arbitrarily defined to be the time of 
first maximum during the multisite campaign (Kilkenny et a., 1999). As is obvious in the plot, 
the phase varies widely, including over 200 seconds in the 1999 data alone. This compelled 
me to look further into this region of power. I combined the data for each year together and 
re-calculated the least-squares solutions given in Table 6.2. 
The multisite data hints at what may be the problem. There is another mode ~ 0.3/zHz 
away from the 2742.6/xHz mode at 2742.34//Hz. This new mode only appears in the multisite 
data, but with half the amplitude of the 2742.6/zHz mode. This new, 2742.340/xHz, mode would 
remain unresolved in the other data sets as they have poorer temporal resolution. This means 
the 2742.340^zHz mode will not be useful for future phase calculations. This is unfortunate as 
it leaves no modes, stable in phase, to be used as a gauge of the evolution of PG 1605. 
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Figure 6.5 LSQ results for the 2742^xHz mode in PG 1605 
6.3 Feige 48 
Feige 48 is the coolest sdBV star and intermediate between PG 1605 and most other sdBV 
stars in log g. As such, we would expect Feige 48 to have a P smaller than PG 1605, yet larger 
than all other stars in the class. Our best fit model (see §5.3) has a P=1.714 • 10-° seconds per 
year. With ~3 years of usable data, Equation 2.13 indicates the phase of a 350 second period 
should change by ~14 seconds in that time. 
We were able to detect consistent and stable modes in our data (see Table 4.5 for a list 
of data runs). As in §6.2, we combined temporally adjacent observing runs to increase the 
accuracy of the calculated phase. A single phase was calculated for each observed pulsation 
mode in Table 4.8 for each data group in Table 4.6 (Note that Groups III and V were divided 
into two subgroups each due to the length of the runs). The resulting O — C diagram is shown 
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Figure 6.6 O  —  C  diagram for Feige 48 for 3 modes with the period listed. 
in Figure 6.6 for the three highest amplitude modes (with the period indicated in each panel). 
The phase zero point is defined to be the phase at our best data set from March 1999. The 
combined O — C data of the three highest amplitude modes has P/P=4.9 x 10-16 ±5.3 x 10-16, 
which provides a lower limit on an evolutionary timescale of 3.1 x 107 years. 
A phase change of ~14 seconds is near our detection limit with our current data set. 
However over a slightly longer time period, say 4 years, the same theoretical P (1.714 x 10-0 
seconds per year) would have a phase change of ~25 seconds; a noticeable shift. The key here 
is patience. We have shown that Feige 48 is an excellent candidate for an evolutionary analysis 
using O — C techniques; the modes are phase stable and our limit on P is within that predicted 
by theory. We just have to continue collecting data for a few more years and we should be 
able to measure P. 
What we do not need patience for is to place useful limits on a companion to Feige 48. Any 
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companion must create a phase change less than 5.35 seconds (to fit within the 1 a errors) over 
the scale of years1. Figure 6.7 graphically presents our sensitivity to companions. The X-axis 
is continuous across both panels, though the scale changes, while the Y-axis is discontinuous 
in that we re-scale from solar masses to Jupiter masses. According to the left panel, we can 
rule out stellar size companions with periods close to a month or more at a 1 a level. The right 
panel indicates that even planets not much larger than Jupiter would be detected in our data 
for orbital periods of 2 to 3 years at a the 1 a level. In the short period case (periods under a 
few months), the constraint is the limit imposed by the errors of the data; in the long period 
case it is the flatness of the O — C. 
Recall that Feige 48 is a horizontal branch star that has lost considerable mass between the 
red giant branch and its current evolutionary state. Any companion separated by more than 
~1 AU is too distant to become a common envelope binary (or vaporized as the case would 
be for planets) and would have its semimajor axis approximately doubled as Feige 48 loses 
approximately half its mass during the red giant phase. As discussed in §3.1.3, if a companion 
is too close, it will produce a short period binary (periods on order of weeks or less) after 
a common envelope phase. If the companion is distant enough to avoid a common envelope 
phase (or vaporization), then its orbital period should be on the order of a few years or more. 
Our data are sensitive to the extra solar "warm Jupiter" type planets being detected2 at 
a distance of 1-3.3 AU. Orbital separations less than ~1 AU would not survive the red giant 
phase. Of course as we continue to observe Feige 48, we will become more sensitive to longer 
period orbits. However, our data do not rule out a companion in a short period binary or at 
low inclination. 
The results of our analysis yields that Feige 48 is consistent with not being in a binary 
(within the limits stated above), but is consistent with our evolutionary models (and also 
consistent with no evolution as well). It also indicates that using the O — C diagram to detect 
planets around evolved stars is possible, though in this case we did not detect any within the 
limits of our data. The next few years should prove very exciting for Feige 48. 
lWe assume we could detect an orbital period up to twice our observed timebase. 
2 A complete list of extra solar planets is maintained at http://www.obspm.fr/encycl/catalog.html. 
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6.4 PG1336 
For PG 1336, we have extremely good two epoch data. However, the two epochs are too 
far apart to be able to determine whether the pulsation phases are consistent or not. Also, 
like PB 8783, PG 1336 has a comparatively large log g, which means a longer evolutionary 
timescale, and therefore small P. However, we can examine the pulsation modes and determine 
if the modes appear to be temporally stable. 
Comparing Table 4.9 to Table 4.11, we clearly see that all modes with amplitudes larger 
than 1 mma are recovered. In fact, of the 15 modes detected in the Xcov 17 data, only /6 and 
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/14 are missing from the Xcov 21 data. 
6.5 Conclusions 
In this chapter, we examined the feasibility of applying phase analysis techniques to the 
four stars studied in this work. We determined that three of the four stars appear to have 
modes stable enough to warrant O — C studies. For the star most likely to evolve the fastest 
(PG 1605), we have not found any pulsation modes stable enough for an O — C analysis. 
We find that: 
• Though PB 8783 was known to have variable amplitude modes, it has two modes that 
appear to be stable over the span of the multisite data used in our analysis. 
• Our PB 8783 O  —  C  analysis rules out (at the 1er level) an orbital period between 1.5 
and 12 days; in good agreement with our findings in Chapter 5. 
• PG 1605 does not have long-term stable modes in the main region of power. 
• The apparently stable 2742/zHz mode in PG 1605 has another mode only ~ 0.3/iHz away 
and at up to half the amplitude. This makes the phase of the 2742/iHz mode unstable 
over the timescale of years, and thus unusable for O — C analysis. 
• The pulsation modes in Feige 48 appear to have stable phases over the length of our data 
(~2.5 years). 
• |P/P| for Feige 48 is < 5.3 x 10~16 based on our ~3 years of data and provides a 1 a lower 
limit on the timescale for evolutionary change of 3.1 x 107 years. 
• The timescale limit for Feige 48 is consistent with that predicted by evolutionary models. 
• We also determined that Feige 48 is an excellent candidate for future P measurements 
which could be achieved within the next two to three years. 
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We conclude that Feige 48 is not a binary star within interesting limits; any companion 
would necessarily need to be in a short period binary (a period of a week or less) or at 
a low inclination, i. 
Our Feige 48 data are also sensitive to the detection of Jupiter-sized planets in our O  —  C  
d i a g r a m  f o r  p e r i o d s  u n d e r  ~ 6  y e a r s  ( w i t h  a  d e p e n d e n c e  o n  i n c l i n a t i o n  i ) .  
PG 1336 has modes stable in period over the course of the two years for which we have 
data. 
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CHAPTER 7. STUDIES OF THE ENTIRE GROUP 
In Chapter 5, we applied the first of our asteroseismological tools, pattern matching, to our 
four sdBV stars, and were rewarded with one good model match. In Chapter 6, we applied a 
second asteroseismological tool, O — C analysis, and again were rewarded with nice constraints 
for one star, with at least one other remaining as a candidate for further O — C studies. In 
this chapter, we will apply the third previously identified tool of asteroseismology, ensemble 
analysis, to the first 13 sdBV stars for which we have the best data available. 
In applying this tool, we want to examine the class of pulsating sdB stars as a whole. We 
begin by trying to correlate the pulsations with observables (such as Teff or log g). Once we can 
identify the main dependence of pulsations on stellar parameters, we can correct the periods 
appropriately, examine the pulsation structure of the class, and look for groups of pulsations 
(as was done by Clemens, 1994b) as indicators of pulsation mode. 
7.1 The Pulsation Dependence Across the HR Diagram 
Figure 4.1 shows evolutionary tracks appropriate for the four stars in this work. As expected 
by Equation 2.1, radial and nonradial p-mode pulsation periods roughly scale with the sound 
crossing time of the star. Therefore, as we look across the HR diagram, we can quickly get an 
idea of how the pulsation periods should vary. Along the ZAEHB (solid line in Figure 4.1), log 
g increases with decreasing mass in the hydrogen envelope. So we should expect ZAEHB stars 
with thicker hydrogen envelopes to have longer periods. As sdB stars evolve away from the 
ZAEHB, their log g decreases (due to an increasing radius) for a while, and thus their periods 
would increase (because of a decreasing density). When core helium fusion ceases, the star 
goes through a period of contraction. During this time, log g is increasing as the star draws its 
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energy from gravitational contraction. Once sdBV stars are burning helium in a shell rather 
than the core, they quickly evolve to larger radius, which makes the periods longer. 
Overall, we expect the pulsation period (for any given mode) to increase toward the top 
and right (increasing size) and decrease toward the bottom and left (decreasing size) of the 
HR diagram. Therefore, the first order of business it to organize the periods of the sdBV stars 
by Teff and log g and see if any such trends exist. If sdB stars that lie in various regions of 
the HR diagram pulsate in different modes, no clear correlations will emerge. 
Figures 7.1 and 7.2 show the pulsation periods observed for the 13 sdBV stars studied 
(indicated on the left) arranged by log g and Teff. Also on the plot are the radial fundamental 
(blue arrows) and first overtone periods (green arrows) calculated from our evolutionary mod­
els. These model periods serve as a guide to indicate how p modes of the same n, I, and m 
would change with Teff and log g. As suspected from Equation 2.1, log g has the clearest effect 
on the pulsation periods, with the lowest gravity stars having the longest periods. Addition­
ally, the longest pulsation period for each star roughly follows the fundamental radial mode 
(blue arrow) in Figure 7.2. At the bottom of each figure are all the periods, overlayed onto a 
single row. In neither figure are there any obvious groupings which might be used to identify 
pulsation modes. The properties of the individual stars vary much more than in the case of 
pulsating white dwarf stars (in the Clemens 1994b work). 
We now turn to scaling the pulsation periods with log g amongst the class members. From 
Equation 2.1, we know that radial and p mode periods scale as the inverse of the square root 
of the mean density. If we assume a constant mass (a good approximation as the mass only 
changes by ~5% across the HR diagram for sdB stars) we can recast Equation 2.1 to include 
9-
7.2 Scaling with Surface Gravity and Radius 
1 1 (7.1) 
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Figure 7.1 Periods observed in pulsating sdB stars, arranged by effective 
temperature (given in Kelvin at the right, but not to scale). 
Blue arrows indicate the theoretical fundamental radial period, 
while green arrows represent the first overtone. 
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Figure 7.2 Same as Figure 7.1 except arranged by log g (given at the right). 
Blue arrows indicate the theoretical fundamental radial period, 
while green arrows are the first overtone. 
Equation 7.1 is the form we desire, yet we have an extra variable, R. We can eliminate R as 
it is proportional to l/y/g (for fixed mass), which provides the equation we are after: 
1 P o c  
,0.75 ' (7.2) 
We converted the periods to essentially dimensionless periods by multiplying by g0'75. (We 
assumed that log 0=6.0 for PB 8783 as in O'Donoghue et al 1999.) The results are plotted in 
Figure 7.3. The arrow indicates how a 100 second period would change if the log g used to 
convert to dimensionless period were changed by 0.1. As such, it is representative of the error 
associated with each period in the figure. 
If the pulsation modes in these stars were p-modes or radial modes of similar order, once 
corrected for differences in log g, the summed periods (bottom row) should fall into distinct 
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Figure 7.3 Same as Figure 7.2 except the periods have been converted to di­
mensionless periods by scaling as g0 75. PB 8783 appears twice, 
with log g indicated in parentheses. The blue arrow indicates 
an error of ±0.1 in log g for a 100 second period. 
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groupings. Such groupings might then be used to determine pulsation modes and how pulsa­
tions vary with age. This is not the case. The scatter is still as large as it was in Figures 7.2 
(though the scales have changed). The reason may be from the large scatter the uncertainty in 
log 5 creates, as indicated by the blue line. Even if there were underlying groups, the scatter 
introduced by the uncertainty in log g would be enough wash it out. However, at this point 
the error associated with log g is based on atmospheric models and spectroscopy. To improve 
the results, the models need to improve. If spectroscopists can decrease the uncertainty in log 
g, it would be worth it to rework this analysis. 
It is certainly possible that an additional parameter, whether it be age, metallicity, or 
mass is needed to explain the variations within the group. This would not be surprising since, 
as indicated in Figure 1.2, both pulsators and non-pulsators inhabit the same region of the 
HR diagram. Additionally, it is possible that sdBV stars are structurally different from one 
another. More intriguing, the variations may result from differences in origin. Subdwarf B 
stars may be a more heterogeneous class of stars than we think (certainly more than the DAV 
stars used by Clemens, 1994b). 
7.3 Conclusions 
In §2.5.3, wee discussed how Clemens (1994b) inverted his ensemble analysis of DAV stars 
to determine properties (chiefly mass) of individual stars. In this chapter, we have attempted 
to do the same for sdB stars. At this point, looking for global similarities does not reveal any 
trends in the group properties of sdBV stars. What it does indicate is that this is more than 
a two parameter problem. Nearly every other type of variable star has a region in the HR 
diagram where only variable stars exist. That is not the case with sdB stars, so we should 
not be surprised that simply correcting for one of those parameters (log g) did not simplify 
the pulsation periods. As noted in Chapter 5, we see more periods than our models can 
produce. These mysteries suggest that theorists may need to consider new classes of modes or 
unexpected structural details for the sdBV stars. 
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CHAPTER 8. NEW TOOLS FOR ASTEROSEISMOLOGY 
In the last three chapters, we applied asteroseismological tools that have been successfully 
used in the past on other types of pulsating stars. The first two were used with some success 
while the last tool, ensemble analysis points out that effective temperature and log g alone do 
not determine the pulsation periods of sdBV stars. Additional parameters are needed. 
In this chapter we will depart from standard tools and develop new tools which may be 
useful for identifying modes in close binaries. With few exceptions (usually dealing with 
cataclysmic variables) pulsation analysis has been performed on single stars, or stars in long 
period binaries where the companion has no effect on the pulsations. We will now examine 
what happens when a companion directly influences the observed pulsations. 
As alluded to in previous chapters, our analysis will center on PG 1336. PG 1336 is an sdBV 
star with an ~M5 companion in a 2.4 hour eclipsing binary (Kilkenny et al.. 1998). During 
primary eclipse, the companion covers about half of the pulsator. Since pulsations manifest 
themselves as alternating hot and cool regions on the star's surface, changes in the visible 
surface area during eclipse should change the observed pulsation amplitudes in a predictable 
way. 
8.1 Using Eclipses to Identify Pulsation Modes 
8.1.1 Eclipse modeling 
To determine what effect the eclipse will have on the pulsation modes of PG 1336, we 
simulated the binary system using orbital parameters determined by Kilkenny et al (1998). 
We ignored limb darkening (a small effect in sdB stars), assumed the secondary contributes no 
light to the system (very reasonable since LocT4 and the companion is an order of magnitude 
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Figure 8.1 Left: Sample model images (at 200 second intervals) and light 
curves for simulations of PG 1336. Right: Light curves from 
simulations of non-radial pulsations. The lightcurves have been 
corrected by the constant curve at bottom. 
cooler), and used a single pulsation period of 175 seconds (in the range of periods detected for 
PG 1336). By simulating the eclipse for one frequency, we can determine how the eclipse will 
affect individual modes of given i and m. Representative simulations are shown in Figure 8.1 
with results listed in Table 8.1. 
As hoped, they indicate that the visibility of several modes will vary during eclipse. Ideally, 
any £= 1, m = ±1 modes observed outside of eclipse would have a corresponding I— 1, m=0 
mode seen only in eclipse, and any £=2 pulsations would have m = ±1 components showing 
Table 8.1 Pulsation modes detected in simulations. 
Visible only outside of eclipse: i = 2, 771 = ±2 
Visible only during eclipse: t = 1, 77i = 0; i = 2, m = ±1; all i = 3 modes. 
Always visible £ = 1, 77i = ±1; £ = 2, 77i = 0; all radial modes 
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up only in eclipse. Thus by comparing observed pulsations during primary eclipse to those 
observed out of eclipse (OoE), we should be able to identify at least some pulsation modes. 
8.1.2 Eclipse Data 
Figure 8.2 shows the lightcurve through primary eclipse and the results of extracting the 
"DC component". We coadded all data during primary eclipse to smooth out pulsational 
variation and determine an average eclipse contour. We then used this average eclipse profile 
to remove the slowly changing background of individual eclipses. Variations in seeing and 
extinction at different sites were removed by dividing out a low order polynomial. We trimmed 
the data to the central 800 seconds of the ~900 second eclipse to maximize the effect the eclipse 
will have on observed pulsation amplitudes. 
With only 800 seconds of data every 2.4 hours, each real oscillation frequency creates a large 
and complex assortment of alias peaks in the Fourier transform. As can be seen in Figure 8.3, 
the numerous aliases complicate finding the real modes in the temporal spectrum. 
Even though adjacent alias peaks have nearly the same amplitude as the real peak (as 
determined from the data window), the window pattern is fairly clean. That is, prewhitening 
does a good job of removing the alias peaks. Even so, we would not presume to detect the 
correct periods (rather than aliases) without some additional evidence. We could use the OoE 
data as an initial template to try to identify true frequencies as many modes should be present 
at all phases (see Table 8.1). However, since data reduction is somewhat subjective, using 
OoE periods might bias the eclipse results, so we did not using any preconceptions about 
which peaks should be the "real" ones. 
Detecting and fitting frequencies for the Xcov 21 eclipse data was much simpler than for 
the Xcov 17 data (which we will not reproduce here because of the much better quality of the 
Xcov 21 data). We proceeded essentially as outlined in §2.1: we presumed that the highest 
peak found in the FT was real and prewhitened by it. Next we simultaneously LSQ fit the 
next highest peak along with our first peak and prewhitened the lightcurve by two periods. 
Then we simultaneously LSQ fit the three highest peak and so on. As a check, we completely 
129 
\ 
% 
-400 -200 200 400 
V. .V V 
•5 % 
v. <• 
"
;sr: 
-400 -200 200 400 
Time (seconds) 
Figure 8.2 Top: A sample extracted eclipse data with correcting contour 
(line) offset by -0.2. Bottom: Corrected eclipse showing obvious 
pulsations. 
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Figure 8.3 Top: Temporal spectrum of primary eclipse for Xcov 21 data. 
Middle: Data window. Bottom: Temporal spectrum of sec­
ondary eclipse for Xcov 21 data. 
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Table 8.2 Period List for PG 1336 from Xcov 21 for primary eclipse data. 
(Formal LSQ errors in parenthesis.) 
Mode Period Frequency Amplitude Splittings A/ - nforb 
(sec) (A*HZ) (mmag) (/zHz) 
el 145.35056(57) 6879.919(27) 1.89(13) glO-2/orb 0.00 
e2 150.06631(50) 6663.721(22) 2.26(13) glO-^forb +/d 1.42 
e3 150.83626(39) 6629.706(17) 3.42(15) gd+Afarb 7.49 
e4 163.81136(85) 6104.583(32) 1.62(13) /8+3/orb 3.53 
/8 173.69319(21) 5757.278(7) 8.72(15) 
e5 176.26144(78) 5673.390(25) 2.04(13) f5+2forb 1.92 
/7 179.03320(22) 5585.556(7) 8.38(15) 
e6 180.18542(66) 5549.838(21) 2.51(13) f4+forb -0.16 
e7 181.22067(44) 5518.134(13) 4.29(15) <?5+forb 4.31 
e8 186.39969(71) 5364.816(21) 2.57(14) Ç7~2forb -4.52 
e9 187.48520(55) 5333.754(16) 3.71(15) f^'forbi fl3+forb 4.05, 0.12 
elO 198.07106(76) 5048.693(19) 2.64(13) /2-3/or&, gQ-Aforb 0.46,-0.15 
ell 199.30814(112) 5017.356(28) 1.85(13) f7-5forb 4.66 
el2 208.48621(76) 4796.480(17) 3.38(16) f 1-5 forb 0.06 
el3 228.79250(115) 4370.773(22) 2.63(15) 
Notes: /or6=114.59/iHz, fd=11.57/zHz 
reduced the data several times, choosing peaks other than the highest at various stages. This 
provides a qualitative check in that if the wrong peak is chosen, prewhitening may leave behind 
many more aliases than if the proper peak was chosen. As it turns out, choosing the highest 
peak each time produced the cleanest prewhitened spectrum. These frequencies are listed in 
Table 8.2. 
As mentioned in §8.1.1, we expect to observe several modes in both the OoE and primary 
eclipse data, as well as new, rotationally split modes in the primary eclipse data only. This 
was not the case (see Figure 8.9). Of the 15 modes detected during primary eclipse, only 2 
were observed in the OoE data (the 2 with the largest amplitudes). 
One possible explanation is that the primary eclipse data are too contaminated with aliases 
to be useful. To test this, we reduced and analyzed data from the secondary eclipse (shown 
in Figure 8.3) in the same fashion as from the primary eclipse. Sampling times (and therefore 
the window function) are parallel to the primary eclipse data, so the alias problem should be 
nearly identical. We readily detected and prewhitened 12 peaks in the temporal spectrum in 
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the same manner described for the primary eclipse data. Eleven of the twelve peaks coincided 
exactly (to within the errors) to those detected in the OoE data. This gives us confidence 
that our reductions revealed real differences between the pulsations during primary eclipse and 
OoE. 
8.2 Tipped pulsation axis 
While prewhitening was a major tool in the last section, we also need to consider pulsation 
phase. If the pulsation axis aligns with the rotation (and orbital) axis, phase will be preserved 
through the orbit. However, looking at the phase of the LSQ solutions for some modes showed 
that this was not the case. During Xcov21, headquarters staff first noticed this: some modes 
showed "phase flips" around the orbit. This could produce complications in the FT similar to 
what we see in Figure 8.3. The origin of such phase changes could be in orbital modulation 
of the orientation of the pulsation axis. This is similar to the rapidly oscillating Ap (roAp) 
stars, in which the pulsations are aligned with the magnetic field (which in turn is inclined to 
the rotation axis) (Baldry, Kurtz, and Bedding, 1998). For roAp stars, the magnetic force is 
stronger than the Coriolis force near the surface, forcing the pulsations into symmetry about 
the magnetic axis. This produces direct observational consequences that allow us to probe 
the magnetic field in these stars and has stimulated numerous theoretical challenges (Kurtz 
et al. 2001, Cunha 2001). For PG 1336, the tidal force could provide a larger perturbative 
affect than the Coriolis force, causing the pulsations to align with an axis that points to the 
secondary star. 
To determine the effect of such an alignment, we created simulated light curves where the 
pulsation axis is tipped by 90 degrees (the inclination of the actual binary is 81 degrees) and 
always points toward the companion (eclipses were ignored). Our simulated light curves for 
various values of t and m are shown in Figure 8.4 and the corresponding temporal spectra 
are shown in Figure 8.5. Pulsation modes are indicated on the left of each plot (as in i£m). 
For the light curves, phases (where a shift of 0.5 = 180°) are green lines, with scales on the 
right of the plot, and blue and magenta lines indicate orbital phases (PE=primary eclipse, 
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SE=secondary eclipse, T and A=quadrature when the star is moving toward and away from 
the observer, respectively). For the temporal spectra, the red line indicates the input frequency 
(corresponding to a pulsation period of 175 seconds), the blue lines are 1 • forb away from the 
input signal and the green lines are 2 - forb away from the input signal. As indicated in 
Figure 8.4, every non-radial mode undergoes at least two 180° shifts in phase during each 
orbital cycle. The position and frequency of the phase shifts determines where the peaks are 
located in the temporal spectra. 
8.2.1 Determining the Mode Structure in Xcov Data- Simulations 
Now that we know how data should look under such conditions, the next step is to reduce 
the real data in such a way to determine if this scenario matches what is going on in PG 1336. 
The method we will use is to break up the data by orbital phase. Figure 8.6 depicts how we 
divide the light curve into octants for analysis. Octants 1 and 5 are the primary and secondary 
eclipses, respectively, 2 to 4 are the octants where the primary is traveling toward us, and 6 to 
8 are the octants where the primary is traveling away from us. The companion is not depicted 
in the figure. The pulsation represents a tipped t—\, m = ±1 pulsation, frozen in phase, at 
four points in the orbit. 
Using the simulation, we can reduce parts of the orbit where pulsations of a given mode 
will have a given phase. These are listed in Table 8.3. The table also gives the FT signature 
for these modes in the temporal spectrum of the combined data set. If the data are separated 
into data sets combined such that they either have 0° or 180° phase, then only the central 
(real) peak should appear in the temporal spectrum. 
We combined our simulated data into sections of like phase according to Table 8.3 and 
then calculated new temporal spectra. The results are shown in Figure 8.7. As expected, the 
central (real) peak is now the largest. However, with less data, and orbital frequency gaps, the 
aliases are considerably worse than in our complete, non-divided data set. 
Since we have two "independent" data sets that should differ only in orbital phase, we 
determined the phase of pulsation, using standard techniques outlined in Chapter 6, for the 
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Figure 8.4 Light curves for simulated single mode (given as f l m )  pulsation 
data with the pulsation axis tipped 90 degrees to the rotation 
axis and continuously pointing at the secondary star. 
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Figure 8.5 Temporal spectra for simulated light curves shown in Figure 8.4. 
Red line indicates the frequency of the input signal (the /00 
mode is the same as the input signal), blue lines indicate fre­
quencies 1/forb away from the input signal, and green lines in­
dicate frequencies 2/forb away from the input signal. 
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Figure 8.6 Schematic showing the octants used in the analysis. Octant 
1 corresponds to primary eclipse and Octant 5 to secondary 
eclipse. Arrows show the direction of orbital motion and the 
motion of the £=1, m—±1 pulsation pattern about the pulsation 
axis. 
Table 8.3 Phases and FT signatures for individual pulsation modes in the 
case of a tipped pulsation axis. 
Mode 
flm 
Phase A 
0° 
Phase B 
180° 
Temporal Spectrum 
No. of Peaks Separation 
fio 04, 05, 06 08, 01, 02 2 2 forb 
f H 02, OS, 04 06, 07, OS 2 2 forb 
/ 20 Ol, OS, 03, 07 3 %forb 
/21 02, 06 04, OS 2 4forb 
/22 02, OS, 04 06, 07, 08 3 %forb 
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Figure 8.7 Temporal spectra of simulated single mode variations (indicated 
as flm) for 'Phase A' data (Phase B data looks the same). 
Right panel are the spectral windows for each mode. 
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Table 8.4 Phases for pulsations in simulated 'A' and 'B' data sets. Phase 
goes from 0 to 1. 
Mode 
f t m  
Phase A Phase B 
f io 0.78 0.29 
/H 0.29 0.78 
/ 20 0.29 0.78 
/21 0.29 0.78 
/ 22 0.29 0.29 
'Phase A' and 'Phase B' data sets. Our results are given in Table 8.4 and provide another 
piece of evidence when looking for tipped modes. All the modes, except for /22 (which will 
require further study to understand), should show phase changes during each orbital cycle. 
Now we have three ways of exploring effects of a tipped axis: 
e Radial modes will not be effected by a tipped pulsation axis. 
• i= 1, m=0 (/10) and 2=1, m = ±1 (/11) modes will each appear in the temporal 
spectrum of the total data set as two modes separated by 2forb-, with a missing central 
peak. When divided into two appropriate phase groups, the central peak will appear, 
and the phases between the groups will differ by 180°. 
• 1=2, m=0 (/20) modes will appear as triplets with peaks separated by If orb in the 
temporal spectrum of the total data set with the central peak (probably) having the 
lowest amplitude. When divided into appropriate phase groups, the central peak will 
become the highest amplitude peak and the phases between the groups will differ by 
180°. 
• 1=2, m = ±1 (/21) modes will appear as two modes separated by A forb in the combined 
data set. When separated into appropriate phase groups, the central peak appears and 
the phases between the two groups will differ by 180°. 
• t—2, m = ±2 (/22) modes will appear as triplets with peaks separated by 2forb in the 
combined data set. When separated into appropriate phase groups, /22 modes appear as 
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single peaks with a normal window pattern (that is aliases separated by n/^). However, 
the phase does not change, making this mode difficult to detect (and still a mystery to 
understand). 
8.2.2 Xcov 21 Data 
The data obtained during Xcov 21 will be the first used to determine the orientation of 
the pulsation axis. However, these data were obtained in April of this year, and will require 
substantial time to complete an in-depth analysis. In such a large data set, there is some redun­
dancy in data and several data combinations need to be tested to determine which combination 
of runs is best for this analysis. However, preliminary results can test our assumptions. We 
separated our lightcurve data into the simplest bins possible; those appropriate for detecting 
/II modes. This combination breaks up the data into two sets, each with the most continuous 
data without incorporating any eclipse data (which has its own complexities) in Table 8.3. The 
Phase A data set corresponds to when the primary is moving toward us (octants 2 to 4) and 
the Phase B data set corresponds to when the primary is moving away from us (octants 6 to 
8). These two data sets were subsequently reduced in the usual manner, with the top twelve 
modes detected. Of these twelve modes, eleven were common between the two data sets and 
are listed in Table 8.5. Phases were calculated for each period in both data sets and are listed 
in columns 3 and 4 of Table 8.5. 
Two new peaks at 5254.793 and 5483.940/xHz (designated ul and i/2 respectively),in each 
appear that are not seen in the combined data set. Each shows 180° phase difference between 
the two data sets. Both modes show up when the data are divided, and the phase changes 
appropriately. The last line of evidence will be to determine if there corresponding peaks in 
the combined data set (the OoE data in this case) split by I forb-
In the Xcov 21 temporal spectrum (Figure 4.13) there are two, comparatively high am­
plitude peaks (/I and g7 in Table 5.6) separated by 2forb', v2 falls exactly where it should, 
halfway between /I and g7. This provides strong evidence that u2 is a real /II mode of a 
tipped pulsation axis with /1 and g7 as its sidebands. 
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Table 8.5 Phases (formal LSQ errors in parentheses) for pulsations in 
Phase A and B data sets appropriate for detecting /II modes 
in Table 8.3. Designations are as in Table 4.11 with new modes 
designated by un. 
Mode Frequency Amplitude Phase A Phase B APhase 
(MHz) (mma) 
i/l 5254.793* 1.94 0.922(9) 0.441(8) 0.481(12) 
/3 5433.238 1.47 0.483(10) 0.428(9) 0.055(13) 
/4 5435.410 1.46 0.229(11) 0.239(11) 0.010(15) 
/5 5444.296 1.92 0.075(8) 0.078(8) 0.003(11) 
i/2 5483.940* 4.97 0.325(3) 0.816(4) 0.491(5) 
/7 5585.651 3.65 0.946(4) 0.951(4) 0.005(6) 
/8 5757.288 7.18 0.196(2) 0.187(2) 0.009(3) 
/9 5760.764 1.62 0.731(10) 0.682(9) 0.049(13) 
/ll 7071.182 0.68 0.530(15) 0.505(19) 0.025(24) 
fllO 7109.090 1.16 0.705(18) 0.670(19) 0.035(26) 
gl3 8353.912 0.70 0.704(18) 0.669(16) 0.035(24) 
pl4 9220.048 0.72 0.445(16) 0.488(19) 0.033(25) 
The case is not nearly as strong for v l .  As it turns out, u  1 is precisely 2forb away from 
u2, and thus they would share /I as a common alias. However, v2 has a significantly lower 
amplitude, so its aliases are less likely to be detected in the combined data set. Also, it is 
entirely possible that v\ is simply an alias of v2 
Once the Xcov 21 data is fully reduced, future plans include a similar analysis for other 
octant groupings that optimize detection of other modes given by Table 8.3. However, all other 
modes do not have as contiguous data sets as the £=1, m = ±1 modes, or need to include 
octants during eclipses. This adds an additional set of complexity to the lightcurves. As such, 
our preliminary data set is not beneficial for such analysis. 
8.3 Tipped eclipses 
Since we have found some evidence for a tipped pulsation axis, it becomes appropriate to 
determine if the primary eclipse is still a good indicator of pulsation mode. We modified our 
simulations from §8.1.1 to have the pulsation axis pointing toward the companion as it eclipses 
the primary. Again, we produced light curves for individual pulsation modes, which are shown 
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Figure 8.8 Simulated light curves through eclipse with a 90° tipped pulsa­
tion axis. The bottom panel has been divided out of the other 
lightcurves. 
in Figure 8.8. 
As the figure shows, only the /22 mode has any discernible amplitude (and phase) change 
during eclipse. In fact, pulsations that would normally have a change in phase during primary 
eclipse (all m #0 modes) do not. As such, the changing geometry offered by primary eclipse 
is no longer useful for mode identifications. 
8.4 Results 
Figure 8.9 shows, schematically, pulsations detected with various reductions of the Xcov 21 
data for PG 1336 from the Xcov 21 WET run. More than 20 individual pulsations are detected 
in the combined data set, most of which are detected in other data sets restricted by phase. 
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The primary eclipse temporal spectrum is the most unusual, with only 2 modes detected in 
other temporal spectra. Many of the remaining modes are orbital separations away from modes 
detected in the OoE spectrum, yet are likely not artifacts of the data, but real pulsations. The 
temporal spectra at eclipse and quadrature provide good indications that the pulsation axis of 
PG 1336 is not aligned with the rotation axis, but rather (at least somewhat) with the tidal 
force from the companion for some modes. 
The tools used in our ongoing analysis of PG 1336 will be needed for other stars. A 
sizable fraction of known sdBV stars are in binaries (Green, Liebert, & Saffer, 2001), so it 
is probable that other pulsators also have pulsation axes which align with the tidal force of 
their companions. An important example is KPD 1930. It is an sdBV star in a 2.1 hour 
binary with a 0.9MQ white dwarf companion (Maxted et al., 2000: Billéres et al., 2000). It 
also shows ellipsoidal light variations, showing that the sdB component experiences severe 
tidal distortions. With a more massive companion and shorter orbital period than PG 1336, 
KPD 1930 should show more extreme tidal effects on its pulsations. This Chapter provides 
the tools to investigate such possibilities. 
Highlights of this chapter: 
• Determined how pulsations vary when the partial eclipse alters viewing geometry, as­
suming the pulsation axis is aligned with the rotation axis. 
• Indicated that partial eclipses can be an excellent way to identify pulsation modes if the 
pulsation axis is aligned with the rotation axis. Explained characteristics to look for to 
provide unique mode identifications for eclipsing binaries. 
• Described a method for correcting light curves for eclipses, making data during eclipses 
useful for asteroseismological studies. 
• Examined effects of aligning the pulsation axis with the tidal forces. 
• Determined 3 unique signatures that can used to determine if a pulsation axis is pointing 
along the tidal axis and showed how to use these signatures to identify uniquely pulsation 
modes. 
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Described how to reduce data for close binaries such that pulsation modes may be iden­
tified. 
Determined how pulsations vary through partial eclipse if the pulsation axis is aligned 
with the tidal force. 
Applied (preliminary and limited) analysis to PG 1336 to search for signatures of a tipped 
pulsation axis. 
Found one pulsation mode in PG 1336 that provides strong evidence for a pulsation axis 
that points toward its companion. We also found a second mode that follows two of three 
characteristics, but is not nearly as secure. 
Should further reductions and tests confirm our analysis, we will have uniquely identified 
a pulsation mode in PG 1336 (and eliminated two additional peaks from the temporal 
spectrum) which may be used to constrain pulsation models. 
145 
CHAPTER 9. CONCLUSIONS 
This work was begun with the goal determining the general internal structure of sdB stars 
using the tools of asteroseismology. Of course, if this problem were simple, it would have been 
solved soon after pulsating sdB stars were discovered. A series of discovery papers (Kilkenny 
et al. 1997a and 1997b; Koen et al., 1997, 1998a, and 1998b; O'Donoghue et al, 1998; and 
references therein) quickly indicated that sdBV stars show a wide range of pulsation properties. 
As my thesis work progressed, it became obvious that there would be no "magic bullet" that 
would lay out the structure of sdB stars. However, this work has taken some large steps towards 
a more complete understanding of sdBV stars and suggests ways for further investigation. In 
this concluding chapter, we review the results. 
9.1 Results from this Work 
9.1.1 Observations 
The first step in the process of applying asteroseismology to sdBV stars is to resolve the 
temporal spectra of the variations. Seldom does discovery data accomplish that. Therefore, 
one primary mission of this thesis was to observe sdBV stars with particular emphasis on 
trying to obtain sufficient data to resolve the temporal spectrum. To this end, I have spent 
hundreds of hours observing sdBV stars. Included in this thesis are results from over 125 hours 
of observations on PG 1605, nearly 300 hours of data on Feige 48, and over 650 hours of data 
on PG 1336. Data was obtained from two site runs for PG 1605 as well as multisite data for 
Feige 48 and two Whole Earth Telescope runs for PG 1336. Of course I was not working alone. 
During this time, there were also multisite campaigns on PG 1605 (Kilkenny et al., 1999) and 
PB 8783 (O'Donoghue et al., 1998). 
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In this thesis, we concentrated on four stars with resolved temporal spectra. For PB 8783, 
that data were contributed by Darragh O'Donoghue from a multisite campaign. For PG 1605, 
we acquired two seasons of follow up data to accompany multisite data contributed by Dave 
Kilkenny. For Feige 48, we obtained data over two seasons, which when combined with Chris 
Koen's (1998b) discovery data, totaled more than three years of coverage. PG 1336 was 
the target of two Whole Earth Telescope campaigns, two years apart. Both runs resolved 
the temporal spectrum, with the second campaign optimized to study pulsations through the 
primary eclipse. 
9.1.2 Applying the Tools of Asteroseismology 
As with every new discovery (in this case a new class of variable stars), the first thing 
to do is to apply what we already know. In this case we started with previously developed 
tools of asteroseismology (outlined in Chapter 2). In most cases, the old tools will need to 
be supplemented (or replaced entirely) with new ways of analyzing the data in order to make 
progress in mining the sdBV stars. Here we review results of our analysis of the four stars of 
this work. 
PB 8783 
For PB 8783, our pattern matching analysis revealed that: 
• The data show evidence of a rotationally split triplet with a frequency spacing of ~ 
0.94^Hz. 
• The data include a pair of modes separated by ~ 1.9/iHz, or twice the ~ 0.94/xHz, which 
could also be a triplet, with an unobserved central peak. 
• PB 8783 is a low amplitude pulsator. Before any definitive mode identifications can be 
made, better quality data will have to be obtained. 
We analyzed the temporal stability of modes in PB 8783 and determined that: 
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• Though PB 8783 has low amplitude variability, two modes had stable amplitudes and 
phases during the multisite campaign. 
• Our O — C is consistent with no phase change over the course of the multisite campaign 
and rules out an orbital period for the binary between 1.5 and 12 days. 
Since PB 8783 is a known binary, we looked for effects of the binary (as developed in 
Chapter 3) and found that: 
• The temporal spectrum of PB 8783 does not show alias peaks which would be expected 
for a binary period between 1 (for i < 10°) and 12 days (with i < 80°). 
PG 1605 
For PG 1605, our pattern matching analysis confirmed that: 
• Kawaler's (1999) model is a good fit to the five highest amplitude modes. 
• Kawaler's (1999) model requires a large rotation velocity (130 km • s~l), which was 
verified by spectroscopic observations obtained by Heber, Reid, & Werner (1999). 
• We found two other modes in the temporal spectrum match Kawaler's (1999) model, 
raising the total of modes fit by the model to seven. 
Our O — C analysis of PG 1605 revealed that: 
• PG 1605 does not have pulsations stable enough in phase to perform a P measurement. 
Feige 48 
We applied pattern matching techniques to our large data set on Feige 48 and found that: 
• Koen's (1998b) discovery data did not fully resolve the temporal spectrum; his period 
identifications for two pulsations were off by a daily alias. 
• When properly identified in our larger data set, there are two modes separated by ~ 
13/fHz and three separated by ~ 27/xHz; suggesting rotationally split modes. 
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• We calculated a standard sdB model that matched the observed pulsations to better than 
0.2 seconds for all but the lowest amplitude mode. The best model has M=0.4725MQ of 
which 0.0025MG is the hydrogen envelope, TEFF=29635, and log <7=5.518. 
• Our model matches the observed Teff and log g well within 1 <J of the spectroscopic 
uncertainties. 
• The frequency splitting implies a rotation period of ~10 hours, which is within the 
spectroscopic constraints of Heber, Reid, & Werner (2000) for inclinations less than 12°. 
• This is the best sdBV model fit to date. 
Temporal analysis of the phases of pulsation for Feige 48 revealed that: 
• The phases of the pulsations in Feige 48 are stable over the timescale of our data (2.5 
years). 
• We determined an initial |P/P| for Feige 48 of < 5.3 x 10-16 s-1, giving an evolutionary 
timescale > 3.1 x 10' years. 
• Our O — C analysis for Feige 48 is consistent with the our best fit evolutionary model in 
terms of rate of period change. 
• We placed strict limits on any companions to Feige 48, including planets, and concluded 
that to within these limits, Feige 48 is not a binary. 
PG 1336 
With two full WET campaigns on PG 1336, we found over fifteen well established pulsation 
periods. In this temporal spectrum we found that: 
• With such a crowded temporal spectrum, we attempted a model fit to the three largest 
amplitude variations; two of which are split by nearly twice the orbital frequency (a 
possible triplet with a missing central peak). However the model was not a realistic fit. 
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• The only model fit that could be obtained was near the 1er limits of uncertainty in Teff 
and log g and included pulsation modes that are geometrically unfavored at the known 
inclination (81°) of PG 1336. 
• We deduced that PG 1336 has a complex temporal spectrum that requires additional 
parameters to explain, such as periodic variations in the projected pulsation axis. 
Our O — C analysis of PG 1336 indicates that: 
• The periods in PG 1336 are stable over the two years between our WET campaigns. 
We were also able to apply new tools of asteroseismology (developed in Chapter 8) to a 
preliminary reduction of PG 1336 Xcov 21 data to find that: 
• Eclipse observations are not what would be expected for a pulsation axis aligned with 
the rotation axis. 
• One mode (5483/tHz) provides strong evidence for a pulsation axis that points toward 
its companion. 
• A second mode (5254/nHz) that adds evidence for the "tipped" pulsation model, but is 
not as secure as the 5483/iHz mode. 
Group Analysis 
The third tool of asteroseismology we applied to the first 13 sdBV stars discovered. Our 
ensemble analysis determined that log g (as expected) has a much larger effect on sdBV stars 
than does Teff. With this knowledge, we removed the log g dependence of the pulsation periods 
and compared the temporal spectra of the 13 sdBV stars. From this analysis we determined 
that: 
• No obvious groupings of scaled periods appeared in the combined temporal spectrum. 
• The uncertainty in log g (the largest contribution of which comes from atmospheric mod­
els) is large enough to mask underlying groupings within the range of log g encompassed 
by sdBV stars. 
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• At least one additional parameter (perhaps age or composition) needs to be accounted 
for before we can fully understand the pulsation periods in the majority of the class. 
• Subdwarf B stars are not as homogeneous a group as the DAV stars, for which ensemble 
analysis was successful (Clemens, 1994b). 
9.1.3 Developing New Tools 
At this point in our work, we had exhausted the applicable set of asteroseismological 
tools. Our first thought was to determine what effects binarity could have on pulsations. We 
examined the Doppler effect, and realized that unless the binary was of long period, and with a 
fairly massive companion (to provide sufficient velocity), no appreciable Doppler shift would be 
observed. We also realized that as a star moves about its orbit, its distance from the observer 
varies with time. This change in distance means a periodic variation of arrival time of the 
light signals the star is sending (and we are receiving as pulsations). It is analogous to adding 
a periodic variation in the phase of pulsation. 
We simulated data over a grid of orbital separations and companion masses provided by 
Ron Taam (private communication) appropriate for common envelope binaries that ended up 
producing an sdB star. Temporal spectra of the simulations did indeed show that for certain 
separations and companion masses, observed under usual conditions, extra peaks appeared in 
the temporal spectrum at multiples of the orbital frequency. Certainly if the star was not 
known to be in a binary, these would appear as rotationally split multiplets, which could lead 
to an incorrect £ identification. Thus we devised a simple scheme for correcting the pulsation 
phase due to light travel time across an orbit. If not known by other means (i.e. from radial 
velocity variations), the difficult part is determining the orbital parameters for the correction 
process. 
The second new tool we used in our analysis involves the changing surface visibility offered 
by a partial eclipse. We simulated the primary eclipse for PG 1336 (where slightly more than 
half the sdBV star is covered at maximum primary eclipse) and discovered that modes not 
detectable outside of eclipse (due to the 81° inclination) are observable during eclipse. Modes 
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that can be seen outside of eclipse are generally also observable during eclipse. This becomes a 
wonderful new tool for asteroseismology that can uniquely identify pulsation modes in eclipsing 
systems. 
Assuming the rotation axis is aligned with the orbital axis, and that the stars are tidally 
locked (this is normal for short period eclipsing binaries), the rotation period is known if the 
orbital period is known. This means that we know where to look in the temporal spectrum 
for rotational splittings. New peaks should appear in the eclipse temporal spectrum at integer 
orbital frequency spacings away from modes detected both during and out of eclipse. The 
appearance of the new modes should allow unique mode identifications to be made. We applied 
this to PG 1336. However, PG 1336 did not follow the predicted pattern. 
This led us to the third new approach; working with close binaries. If the tidal force caused 
by the companion is stronger than the Coriolis force, then the pulsations axis is likely to point 
toward the companion. For PG 1336, this tips the pulsation axis nearly 90° compared to the 
rotation axis. As the pulsation axis follows the secondary around the orbit, our viewing angle 
changes. By changing the viewing angle, observability of some modes of pulsation changes. 
Certain modes experience cancellation when viewed from the pulsation poles, while others 
suffer cancellation effects when viewed from the pulsation equator. Also, nonradial modes 
will have phase changes during each orbital cycle, the number of which depends on the mode. 
There are three characteristics of a tipped pulsation axis, the combination of which can give 
us the identity of the mode of pulsation. They are: the peaks that appear in the combined 
temporal spectrum, peaks that appear when the data is separated into regions of like phase, 
and 180° changes in pulsation phase around the orbit. 
Though our PG 1336 data will take some time to fully reduce and analyze, we were able 
to perform at least one test with this method. We split the data into regions of like phase 
appropriate for an l, m = ±1 mode and analyzed the temporal spectra. We detected two 
possible £=1, m = ±1 modes, one of which fit all three of the characteristics, and another that 
only fit two of the characteristics of a tipped pulsation axis. Though preliminary, this result 
provides reasonable evidence to believe that the pulsation axis of PG 1336 is aligned with the 
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tidal force raised by the companion. 
9.2 Ramifications of this Work 
Our study of these four stars (and sdBV stars as an ensemble), relying on standard stellar 
models and asteroseismology tools, has produced some new results and revealed wide gaps in 
our understanding of these stars. The successes involve "standard" sdB models with model 
periods that match observation, indications of rotational splitting, and mode identifications. 
On the other hand, some objects show pulsations that are not fit with standard pulsation 
theory, with dense pulsation spectra where the models have few modes. With this work, the 
initial exuberance that accompanied the discovery of these stars now yields to the recognition 
that they are more complicated than we expected. 
In Chapter 5, we calculated a model fit for Feige 48. This is only the second time a model 
fit has been made for an sdBV star that has succeeded without appealing to higher I modes. 
This was possible despite our use of mostly single site data. No multiple site data were required 
to determine the pulsation periods (though some was acquired later on which nicely confirmed 
our determined periods). This tells us that although many sdBV stars may not show the 
anticipated signatures of p-mode pulsation, some will and that single-site data can be useful. 
As we observe more and more sdBV stars, some, at least, will be matched by standard models 
Using these stars, we may be able to then begin to understand the ones that do not show 
expected behavior. 
Another important aspect of our model match on Feige 48 is that it tells us that the models 
contain appropriate physics to describe sdB stars. As more pulsation modes are identified in 
other stars and evolutionary models created to fit them, a detailed picture will be built up of 
the interior of at least some sdB stars. This is aligned with the original goal when this thesis 
work began. 
In Chapter 6, we showed that an sdBV star (again Feige 48) has stable pulsation phases 
and amplitudes, yet is removed enough from the ZAEHB that only a few additional seasons of 
observations will be required to constrain its evolutionary timescale In fact, our work already 
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provides a constraint that says that Feige 48 is not evolving at some wild pace (which would 
produce a very different P), but is consistent with what models tell us it should be. In just 
a few more years, measuring P in Feige 48 will place useful limits on helium fusion reactions, 
which control the rate of evolution of this star. We also determined that two modes in PB 8783 
appear to have stable phases (at least over the limited timescale that we have data for). Though 
the predicted timescale for change is much longer for PB 8783 than for Feige 48, eventually 
we may measure Ps for it and other "young" sdBV stars, to compare with that measured in 
Feige 48. 
In Chapter 7, we noted that pulsation periods scale with log g in sdBV stars. However, 
when we scaled by log g and aligned the temporal spectra of various group members, we did not 
find any groupings of pulsation periods (as was done for the hot DAV stars by Clemens, 1994). 
This lack of groupings could result from the uncertainties in log g and/or extra parameters 
(such as age or composition) that affect the periods. For spectroscopists, this is a signal that we 
need to focus on examining the atmospheres of sdB stars for new clues about their metallicity 
characteristics. If indeed composition is relevant, then spectroscopy will be a vital clue. 
In Chapters 3 and 8, we developed new tools for use in asteroseismology. Though some 
of these tools were developed for a special case (PG 1336), they are completely general and 
can be applied to a variety of pulsating components of binary stars. This may be of special 
importance since it is believed that a significant fraction (probably 40% or more) of sdB stars 
are in close binaries. 
Perhaps the most unanticipated contribution is the third new tool we provided for astero­
seismology: the analysis of pulsation when the pulsation axis aligns with the tidal axis. Not 
only is this tool useful for sdBV stars (for which a substantial fraction are in short period 
binaries), but for cataclysmic variables (a white dwarf with a red giant companion) and any 
other variable star in a close binary (i.e. Fitch & Wisniewski, 1979). This tool is not only a 
good indicator of whether the pulsation axis is tipped, but can uniquely identify the pulsation 
mode for nonradial pulsations. 
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9.3 Where to go for answers 
Even in conclusion, we wish to continue striving toward our initial goal, the understanding 
of the interiors of sdB stars. There are several lines of work that are striving toward this goal, 
but most of them involve one solution: Observe more! 
In six years, over 20 sdBV stars have been discovered. Only a handful of these have received 
follow-up observations sufficient to resolve the temporal spectrum. Of these, 3 have yielded 
positive results (PG 1605, Feige 48, and PG 1336). Those stars that remain unproductive 
are telling us something important: that the pulsations we see are not normal nonradial 
oscillation modes of standard sdB stars as we imagine them. Either new modes are present, 
or the interiors of these stars are not what we expect. Through detailed spectroscopic work, 
population studies, time-resolved spectroscopy, or other ways, we need to develop better models 
for these pulsations. 
New and unique methods may also be used to try to identify pulsation modes. Examining 
short period binaries is one obvious method that has just been developed in this thesis, yet is 
applicable to other stars. KPD 1930+2752 is an sdBV star in a 2.1 hour orbit with a massive 
white dwarf (Maxted, Marsh, & North, 2000). If any sdBV star is going to have a tipped 
pulsation axis, KPD 1930+2752 will. This prediction should be tested. 
Other new tools being developed involve time resolved spectroscopy to study the pulsations 
as radial velocity variations in absorption lines (O'Toole et al., 2000). By observing the pulsa­
tions in velocity rather than brightness, different modes may be preferentially observed. Such 
information may be used in conjunction with photometric data to understand the pulsation 
spectrum (a combined spectroscopic and photometric multisite campaign on PG 1605 will take 
place in May, 2002) 
Normal nonradial pulsation theory can make definite predictions about the relative phases 
and amplitudes of p- and g-modes that those observations can test. Results from this combined 
spectroscopy and photometry campaign should be very instructive, as earlier work in this area 
(O'Toole et al., 2000) shows that radial velocity measurements of pulsations can compliment 
photometry. 
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Another recent innovation that was developed for white dwarf stars (Kepler et al. 2000b; 
Clemens, van Kerkwijk, Wu 2000) is comparing pulsation amplitudes in various wavelengths-
especially UV. Just as eclipses change the observed surface geometry, so can limb darkening 
which increases at shorter wavelengths. By comparing UV variations to optical variations, it 
is theoretically possible to identify pulsation modes (Kepler, Robinson Nather, 1995). This 
method preferentially works on hot stars, meaning that sdBV stars should be excellent subjects 
for such study. 
Finally, observed pulsation periods have been in the range of a few minutes, where (for most 
stars) p-modes are relevant. Models by Charpinet, Fontaine, & Brassard (1996), suggested that 
g-modes, with much longer periods (hours) may also be present. These could be high-order g 
modes, which, if found open another window into the interior of sdB stars. 
9.4 Conclusion 
Studies of sdB stars represent a rapidly progressing field in stellar astronomy. Through 
sdB stars, we may hope to constrain nuclear physics by understanding helium fusion. We 
may obtain a better understanding of other horizontal branch stars, such as RR Lyrae stars, 
which are used as standard candles. Such an understanding will filter down through stellar 
evolution in an increased understanding of giant branch and white dwarf stars. Subdwarf 
B stars themselves will place constraints on white dwarf evolution as they will evolve to a 
distinctly lower mass white dwarfs than average. 
Subdwarf B star observations will be used to constrain models on such issues as binarity and 
helium fusion rates from O — C analysis, semiconvection, radiative lévitation and gravitational 
settling by constraining composition changes through mode trapping and excitation effects. 
This knowledge may then renew interest in studies of opacities, mass transfer and Roche lobe 
overflow. Such work will benefit the astronomical community as whole. 
From being one of the least understood type of stars, to the most observed in the PG and 
EC surveys, to the discovery of pulsations, and preliminary speculation on their evolution, sdB 
studies have blossomed. 
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APPENDIX A. SEARCHING FOR COMPANIONS TO SUBDWARF B 
STARS USING INFRARED COLORS 
One currently popular scenario for producing sdB stars is through mass exchange in a 
binary system (Sandquist, Taam, & Burkert, 2000). In such a case, the sdB star is able to 
shed its outer envelope of hydrogen, leaving just a thin layer surrounding the helium core; as 
is observed. Binarity can also strongly affect not only the way we analyze the pulsations (see 
Chapters 2 and 3), but the pulsations themselves (see Chapter 8). 
In this Appendix, we outline work that we did to determine the fraction of sdB stars with 
main sequence companions. We briefly outline the advantages of the infrared excess method 
of detection and review previous work in the literature. Next we use models to determine the 
range of main sequence companions to which this method is sensitive and then present the 
study itself. 
Using Infrared Photometry to Detect Companions 
Perhaps the easiest method for detecting late-type main sequence companions to sdB stars 
is in infrared wavelengths. Cool companions can be detected in the infrared that are too faint 
to be detected as members of composite spectrum binaries in optical wavelengths. Binaries can 
also be detected in the infrared where the binary period is long, or the orbital inclination low, 
making them difficult to detect via radial velocity variations. Another benefit is that they can 
be detected by a single set of photometric measurements (through multiple filters, of course). 
Radial velocity binaries require repeated observations from large (two to six meter) telescopes. 
This method does have a drawback. Since L oc T4, the energy output of the sdB star, at 
>30 000 K, far outshines the cooler (few thousand Kelvin) companion at many wavelengths. 
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Fortunately significant portions of this energy are emitted in the UV or blue wavelength regions, 
so we are only observing the tail of the Plank function at infrared wavelengths. This can be 
used to some advantage: by comparing infrared magnitudes with at least one blue magnitude 
(in this case we use the Harris B filter bandpass), the color excess from red companions can 
be maximized. 
A Review of Previous Studies 
In 1994, Ulla & Thejll (1998 and references therein) began an IR search for companions to 
sdB stars. They selected sdB stars from the survey of Kilkenny et al. (1988), some of which 
were previously known to have a companion. After observing 88 subdwarf stars in J, H &cK 
filters, they report that 39 stars (or 44%) have MS companions including spectral types from 
A to early M. They claim their sample (within Kilkenny et al.. 1988) is complete to K — 13.5. 
This result is in agreement with the derived binary fraction of Ferguson, Green & Liebert 
(1984), but not with Maxted, Marsh, &: North (2000). 
To provide additional constraints, Jeffery & Pollacco (1998) obtained medium resolution 
infrared spectra of 40 sdB stars selected from the work of Ferguson, Green, & Liebert (1984) and 
Allard et al. (1994). Several stars in their sample have previously been indicated as binaries. 
They report detection of Ca T absorption lines in 7 systems, all of which also showed an IR 
excess in other surveys. Unfortunately, their spectra are of too low a resolution to distinguish 
the binary properties. They claim that using Ca T line measurements (from medium resolution 
infrared spectroscopy) is the "only likely means of detecting (MS) M-type companions..." . 
Their 7 detections (from a sample where the majority of the stars are previously known to 
have companions), represent the smallest fraction of binary sdB stars (18%) of any work to 
date. 
Model Colors 
Before we examine observational data, we want to determine what spectral range of MS 
companions should be visible through infrared color excess. Using Kurucz (1993) models1 we 
lObtained via FTP from stsci.edu. 
158 
synthesized magnitudes using the method from Reed, Kawaler & O'Brien (2000) and summa­
rized as follows: We selected sdB models from the Kurucz grid with log g = 5.0 and ranging in 
Teff from 25 000 K to 45 000 K. We also selected main sequence models for spectral types2 rang­
ing from AO through M5. We then convolved the Kurucz model spectra with the 2MASS filter 
bandpasses3 and Harris B filter, linearly interpolating the flux between wavelength points, to 
produce synthesized integrated fluxes. After multiplying by appropriate stellar surface area4, 
we convert the fluxes to magnitudes, using filter zero points from Bessell and Brett (1988). 
Figures A.l and A.2 show color-color diagrams for the results of Kurucz models convolved 
with 2MASS J, H, or Ks or Harris B filter bandpasses. The green line is for single sdB stars 
ranging from 25,000 to 45,OOOK, the red line is for Kurucz MS models, the black line is for 
Bessell & Brett (1988) magnitudes for single MS stars ranging from AO to M5 (B magnitudes 
from Lange, 1991), and the magenta line is for a convolution of a 35 000K sdB star with MS 
companions varying from AO to M5. Note that points on a color-color diagram are ratios of 
fluxes. As such, we do not expect to be able to add up two lines to make a third (i.e. the 
sdB+MS line is not the sum of the MS and sdB lines). As indicated in the figures the Kurucz 
models are quite good for the early MS, but depart from the Bessel & Brett (1988) colors for 
later MS types; especially for the M dwarfs. This mismatch presents only a small concern as 
M dwarfs do not emit enough flux in the infrared to change the infrared colors of sdB stars. 
As expected, the single sdB stars inhabit a small area in blue colors while MS stars spread 
across the figure. The sdB+MS combinations for early main sequence stars (AO in this case) 
show up best in the (J — K) - (B — K) and (J — H) - (J — K) planes, with the largest separation 
between single sdB stars and combination sdB+MS is for a K5 companion. Subdwarf B stars 
with late M-type companions appear close to the single sdB stars, as expected. This will likely 
make them indistinguishable from single sdB stars in our analysis. 
2As referenced at http : //www.stsci.edu/instruments/observatory/cdbs/kQ3models.html. 
3The 2MASS filter bandpasses are provided at http://spider.ipac.caltech.edu/stafF/waw/2mass/opt_cal/. 
^ Radii used are 0.15 RQ for all the sdB stars, main sequence radii from Cox (2000). 
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Figure A.l Relative fluxes (in magnitudes) of Kurucz models convolved 
with various filter combinations. 
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2MASS results 
Though sky surveys date back as far as the birth of astronomy (Hipparchus' creation of the 
magnitude system circa 150 B.C.), at no time in astronomical history has such a large volume 
of all-sky survey data been available to the astronomical community. One such survey (the 
EC survey) uncovered the first member of the class of pulsating stars examined in this thesis 
(Kilkenny et al, 1997a). Newly released data from another survey provides a different way to 
answer the question posed by this Appendix: how many sdB stars are in binaries? 
The Two Micron All Sky Survey (2MASS) has completed its mission of covering the entire 
sky in J, H, and Ks bands. As of the Second Incremental Release (March, 2000), 47% of the 
sky is currently available, though we were able to access the entire survey5. We wish to obtain 
'Thanks to Rae Staining at University of Massachusetts, Amherst. 
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J, H, and Ks magnitudes for every sdB star available (the sample is magnitude limited at 
~16.5). The goal is to create color-color diagrams that effectively identifies companions to sdB 
stars earlier than main sequence M stars. 
The 2MASS survey is a single-epoch all-sky survey in the J, H, and Ks bands with a 
limiting magnitudes ~16.5. Availability of targets and observed magnitudes are retrieved 
via a web-based form6 which allows user input coordinates or object name. The positional 
accuracy of the survey is < 0.2" (Cutri et al., 2000) and Groenewegen (2000) determined that 
the absolute photometric calibration is < 0.02 magnitudes. Bright (saturated) sources were 
removed and upper limits are noted as such. 
We created 2MASS coordinate lists for every sdB star available from the EC (Kilkenny 
et al. 1998)(259 stars), PG (Green, Schmidt, &c Liebert 1986)(569 stars), HS (Heber 2000, 
private communication) (119 stars), and KPD (Downes 1984)(42 stars) surveys as well as a 
few Feige and BD stars (from Ulla & Thejll, 1998 and references therein). To date we have 
retrieved 1282 2MASS observations (a small number of which are multiple observations of stars 
and some stars are included in multiple surveys) and are currently culling the observations for 
accurate magnitudes. So far we have examined the observations from the northern hemisphere 
for 338 stars with an absolute error on the photometry (rather than upper limits) in all filters. 
We have an additional 154 stars in the southern hemisphere from the EC survey, for a total of 
492 stars. 
Table A.l compares our results with published infrared observations from Ulla & Thejll 
(1998) for stars common to both. The two samples are consistent within the errors, though it 
is obvious that the 2MASS magnitudes are larger, implying a small systematic offset. There 
are also a few cases where the 2MASS magnitudes are systematically different in all bands for 
a star (Feige 108, PB 8555, and PG 0856+121). We have no explanation for this discrepancy. 
However, the 2MASS magnitudes have consistently smaller uncertainties than Ulla &c Thejll 
(1998) and considering the uniformity of the 2MASS images and reductions techniques, we 
have confidence in conclusions based exclusively on the 2MASS results. 
6The 2MASS web address is http://www.ipac.caltech.edu/2mass/index.html. 
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Table A.I Comparison of magnitudes for sdB stars from 2MASS with Ulla 
&: Thejll (1998: UT98). Photometric errors in parenthesis. Dif­
ference from published values are (this work)-(UT98). 
Star J H Ks A J AH A K 
BD-3 5357 7.356(0.014) 6.786(0.024) 6.604(0.010) 0.076 0.046 0.014 
BD-7 5977 9.017(0.021) 8.526(0.043) 8.448(0.029) 0.047 0.046 0.068 
BD-11 162 10.882(0.027) 10.696(0.027) 10.595(0.027) 0.072 0.056 -0.0 15 
Feige 34 11.645(0.031) 11.550(0.027) 11.537(0.036) .041 .045 .048 
Feige 65 12.630(0.034) 12.716(0.032) 12.837(0.040) 0.150 0.066 0.147 
Feige 80 11.101(0.029) 10.870(0.053) 10.826(0.033) .06 .062 .044 
Feige 108 13.871(0.024) 13.396(0.031) 13.371(0.045) 0.241 0.386 0.491 
HD 21635 10.385(0.021) 10.437(0.026) 10.500(0.025) 0.095 0.027 0.040 
KPD 2109+4401 13.653(0.024) 13.289(0.034) 13.257(0.040) .042 .052 .047 
PB8555 11.843(0.025) 11.722(0.036) 11.684(0.027) 0.543 0.652 0.744 
PG 0215+183 13.664(0.032) 13.711(0.040) 13.751(0.052) 0.164 0.006 -0.369 
PG 0242+132 13.482(0.027) 13.628(0.033) 13.614(0.045) -0.038 0.148 0.144 
PG 0856+121 13.931(0.038) 14.034(0.050) 14.137(0.076) 0.512 0.444 0.297 
PG 1219 13.926(0.030) 14.023(0.044) 14.089(0.072) .053 .084 .078 
PG 1338+481 14.174(0.034) 14.208(0.050) 14.305(0.092) .06 .105 .098 
PG 2118+126 13.040(0.025) 12.836(0.032) 12.800(0.029) .041 .043 .038 
Figure A 3 shows our color-color diagram for observed sdB stars plotted over the model 
results from Figures A.l and A.2. Though there are many interlopers, the sdB stars divide 
into two 'clumps'. The bluer 'clump' lies directly over the model results for single sdB stars 
and are most likely sdB stars which either do not have a main sequence companion or have 
one that is extremely faint and red. The second 'clump' extends along the model results for 
sdB-t-MS stars. To determine if the two 'clumps' are meaningful, we examined sdB stars in 
known or suspected binaries from other techniques in the literature. 
Table A.2 lists the previously known binary sdB stars, which are plotted in Figure A.4. 
In all but one case, the stars in the bluer clump' are those with white dwarf companions, 
which should appear like single sdB stars (since white dwarfs have ~0.1Rs<js or ~ 0.01LS(fB 
and contribute little flux in either filter). All the stars (again, except for one) that have MS 
companions (other than M-type) are in the redder 'clump'. The only sdB+MS star that is in 
the blue group has a designation by Ulla & Thejll (1998) of "very early", which means it is 
bluer than AO. The M-type companions give ambiguous results with two appearing slightly too 
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blue and two that are significantly reddened. However, the plot confirms that the red 'clump' 
is almost certainly sdB stars which have a main sequence companion between AO and K5. 
We also note that the (J — H)-(J — K) index separates the two cases somewhat better than 
the others. At this stage, this may be due to inaccurate B magnitudes from IPAC (via the web 
form). In the future, the B magnitudes will have to be retrieved from the individual surveys 
and compared to those from IPAC, which we already know can vary from the survey work by 
at least a magnitude. To make full use of the 2MASS survey we still need to cull the results 
for 2MASS magnitudes that only provide an upper limit in at least one filter. For the majority 
of these, the J and H filters have limits, with only the Ks filter having an upper limit. This 
will nearly double the number of stars in Figure A 3. 
Our preliminary results indicate that 40% ±4 of the sdB stars in our data set have main 
sequence companions between AO and MO. This result is very similar to that of Ulla & Thejll 
(1998), and the predicted number of main sequence companions by Ferguson, Green, & Liebert 
(1984), but nearly twice that observed by Maxted, Marsh, & North (2000). 
Conclusions 
In this appendix, we convolved Kurucz (1993) model atmospheres appropriate for a range 
of sdB and main sequence stars with the 2MASS filter set. We used these model colors to 
determine that the infrared excess method is viable for finding companions to sdB stars for 
main sequence stars between AO and ~M0. 
We then obtained 2MASS magnitudes for every sdB available from the literature (near 
1300 observations), from which we used a subset of 492 stars with strict limits on their errors. 
From this sample, we determined that 40±4% of sdB stars in our sample have a main sequence 
companion between AO and M0. This is in agreement with the work of Ferguson, Green, & 
Liebert (1984) and Ulla &: Thejll (1998), though our sample is by far the largest; nearly an 
order of magnitude larger than that of Ulla & Thejll (1998). 
Radial velocity studies have inferred that 45% (Green, Liebert, & Saffer, 2000; where no 
inclination effects have been accounted for) to at least 60% (Maxted, Marsh, & North, 2000) of 
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Figure A 3 Color-color diagrams of stars 
results. Errorbars denote the 
from 2MASS plotted over model 
most likely error. 
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Table A.2 A list of known or suspected sdB stars in binaries. 
No. Name Companion Type Source 
1 BD-3 5357 K3 Infrared Photometry 6 
2 BD-7 5977 Kl-2 Infrared Photometry 6 
3 BD-11 162 F4-G0 Infrared Photometry 6 
4 EC 10228-0905 GO Composite Spectrum Binary 5 
5 Feige 34 K3+ Infrared Photometry 6 
6 HD 21635 ve Infrared Photometry 6 
7 KPD 1930+2752 WD Spectroscopic Binary 2 
8 PB 8555 F8-G1 Infrared Photometry 6 
9 PB 8783 F3 Composite Spectrum Binary 5 
10 PG 0101+039 WD Spectroscopic Binary 3 
11 PG 0110+262 ~G9 Multi-color Photometry 1 
12 PG 0856+121 ~M1 Multi-color Photometry 1 
13 PG 1040+234 K3.5 Composite Spectrum Binary 3 
14 PG 1049+013 K4 Multi-color Photometry 1 
15 PG 1432+159 WD Spectroscopic Binary 3 
16 PG 1629+081 ~M0 Multi-color Photometry 1 
17 PG 1631+267 G Composite Spectrum Binary 3 
18 PG 1647+056 K8 Composite Spectrum Binary 3 
19 PG 1701+359 K6.5 Composite Spectrum Binary 3 
20 PG 1718+519 ~G0 Multi-color Photometry 1 
21 PG 2118+126 F3+ Infrared Photometry 6 
22 PG 2135+045 ~K5 Multi-color Photometry 1 
23 PG 2226+094 ~M0 Multi-color Photometry 1 
24 PG 2345+318 WD Eclipsing Binary 3 
1) Aznar Cuadrado & Jeffery, 2001 A&A, 368, 994: Type inferred from Teg only. 
2) Maxted et al., 2000, MNRAS, 317, 41 
3) Maxted et al. 2001, MNRAS, in press 
4) O'Donoghue et al. 1998, MNRAS, 296, 296 
5) O'Donoghue et al. 1999, ASP Conf. Ser. 
6) Ulla & Thejll, 1998, A&A Supp. 132, 1: ve=earlier than Bessel & Brett table (1988) 
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Figure A.4 Color-color diagrams of stars in known or suspected binaries 
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sdB stars are in short period binaries (?<*-& < 10 days). Nearly all of the short period binaries 
show no indication of their companion (inferring that the companion is a white dwarf or main 
sequence star later than ~M0). Radial velocity work also indicates that an additional 20% of 
sdB stars are long period binaries with MS companions (Green, Liebert, & Saffer, 2000). 
Combining the spectroscopic binary results with those from our work indicates that 85 to 
100% of all sdB stars are in binaries. With such a large percentage of sdB stars in binaries, 
even a casual observer would have to conclude that it is a requirement for producing them. 
However, we expect that a small percent of sdB stars should be single as they could have 
formed from mergers of low mass white dwarfs (maybe 5%; Iben & Tutokov, 1986b). It is also 
interesting to note that thus far, there have been no observations of main sequence pairs in 
close binaries for main sequence stars earlier than M5. This almost certainly speaks to how sdB 
stars are formed from red giant stars and seems to confirm the hypothesis of Green, Liebert, 
& Saffer (2000). 
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